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ABSTRACT 
Astronomers have a limited understanding of the large-scale structure of the Galactic 
magnetic field and its role in the evolution of the interstellar medium (ISM). This 
understanding derives primarily from Faraday rotation and synchrotron observations 
which do not probe the cool, dusty ISM. To advance our knowledge of the Galactic 
magnetic field, this dissertation reports on the application of a different method, 
near-infrared (NIR) polarization of background starlight, to place new observational 
constraints on the nature of the Galactic magnetic field and to study the field's role 
in the evolution of interstellar material. 
A radiative transfer computer code was developed to predict all-sky starlight 
polarization observations. Starlight polarimetry predictions were made for several dif-
ferent dynamo-driven magnetic field geometries, assuming that magnetically-aligned 
interstellar dust grains polarize background starlight. New NIR starlight polarime-
try measurements in the outer Galaxy were tested against these predictions. These 
observations favor disk-symmetric magnetic fields while rejecting disk-antisymmetric 
magnetic fields. This result contradicts some previous interpretations of all-sky, radio 
v 
Faraday rotation measurements. The Galactic magnetic 'pitch angle is constrained 
top= -6 ± 2°. 
The physical orientations of Galactic HI! regions, trace0. 2bjf mid-infrared emis-
sion, are compared to the large-scale, disk-symmetric Galactic magnetic field geome-
try derived above. Hydrogen recombination line spectra towards these same objects 
revealed that many possessed turbulent linewidths. If fluid turbulence decays with 
time, then it may be used as a relative age indicator. A trend is seen between mag-
netic alignment and the degree of turbulence in the HII region. This result leads 
to the development of an observationally-driven HII region magnetic evolutionary 
sequence. 
Resolved polarimetry across the face of the galaxy M51 was measured for com-
parison with the internal, edge-on view of the Milky Way seen from Earth. Strong 
upper limits ( < 0.05% at a resolution of 0.6 arcseconds) were placed on the degree 
of NIR polarization across the face of M51. These results were combined with re-
solved optical polarimetry measurements from the literature. Normal polarization 
mechanisms cannot explain the observed polarization dependence on wavelength. 
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Chapter 1 
Introduction 
1 
The Chapter introduces the Galactic magnetic field) discusses theories of the 
nature of the field) and presents the tools available for observing interstellar magnetic 
fields. Several key questions are presented that will be addressed in this dissertation. 
1.1 Overview of the Galactic Magnetic Field 
The Galactic magnetic field has been one of the most elusive components of the 
Milky 'Nay Galau"cy to observe and understand. The source of the Galactic magnetic 
field is thought to be a large-scale, mean-field a-n dynamo (see Section 1.2), though 
other theories exist (Kulsrud & Zweibel2008). Direct measurements of the magnetic 
field strength require special circumstances (ordered fields and relativistic electrons 
in the case of synchrotron emission and very large gas columns for Zeeman splitting 
of spectral lines) or poorly-constrained weighted averages over ambiguous distances 
(for Faraday rotation), and both suffer from projection effects. Indirect evidence for 
magnetic fields requires an unpolarized background star (polarization of background 
starlight) or cold, high-density regions (polarized thermal dust emission), which suffer 
from projection effects and are not sensitive to the direction or strength of magnetic 
fields, only their orientation. 
In the face of these observational difficulties, astrophysical theory seems to have 
taken the lead in attempting to understand the Galactic magnetic field. Many large-
scale Galactic dynamo simulations have been developed to explore the physics that 
2 
drive the Galactic magnetic field, with implications for the Solar- and Geo-dynamos. 
Calculations (Ferriere 1992a,b, 1993a,b, 1998) and simulations (Ferriere & Schmitt 
2000) have shown that supernovae are a critical component of the Galactic dynamo. 
The importance of cosmic rays in the energy budget of the Galaxy has also been 
shown by simulations (Hanasz et al. 2009). 
Observationally, the Galactic magnetic field is still poorly constrained, and ob-
servational constraints on theory have been dominated by Faraday rotation studies, 
which only measure the electron-density-weighted, line-of-sight magnetic field com-
ponent. The disk-symmetry of the Galactic magnetic field is still debated (see Section 
2.1), with arguments for both symmetric and antisymmetric geometries arising from 
the same data. The presence of reversals in magnetic field direction has been es-
tablished by Faraday rotation studies (e.g., Rand & Lyne 1994), but their location 
within the Galaxy and the number of reversals are not known. A unified theory 
of galactic-scale magnetic fields must also account for observations of other galaxies 
that show a variety of geometries (Beck et al. 1996). 
In this Chapter, I will introduce the physics of the a- D dynamo and the 
predictions that theory makes for the large-scale structure of the Galactic magnetic 
field. The tools for directly and indirectly observing the Galactic magnetic field 
will be discussed. Combining theory and observations, I will summarize the current 
understanding of the Galacticmagnetic field and introduce several open questions 
that I intend to address in this dissertation. 
1. 2 Theoretical Underpinnings 
Extensive theoretical work over the past fifty years established the origin and 
expected nature of galaxy-scale dynamos. The leading theory for magnetic field 
generation in galactic systems is the mean-field "a-D" disk dynamo (Moffatt 1978; 
3 
Ruzmaikin et al. 1988; Kulsrud & Zweibel 2008). This fundamental idea has led to 
many numerical simulations of the Milky Way's magnetic field (e.g., Elstner et al. 
1992; Brandenburg et al. 1992, 1993; Ferriere & Schmitt 2000; Kleeorin et al. 2002, 
2003; Hanasz et al. 2009; Moss et al. 2010). Over time, these models have become 
more sophisticated and added much to our understanding of the Galactic mag-
netic field. Recent advances include understanding the role of magnetic helicity 
(Brandenburg & Subramanian 2005; Shukurov et al. 2006), the interplay between 
the disk and halo fields (Moss & Sokoloff 2008; Moss et al. 2010), and the impor-
tance of cosmic rays in driving a Galactic dynamo (Hanasz et al. 2009). 
A three-dimension magnetic field can be decomposed into two orthogonal com-
ponents, the toroidal and poloidal magnetic fields. The toroidal magnetic field is the 
azimuthal component (B¢ in cylindrical coordinates) and the poloidal field contains 
is the radial and vertical magnetic field components (Brand Bz in cylindrical coordi-
nates). To sustain the dynamo, energy must enter the system and mechanisms that 
convert poloidal field to toroidal field, and vice versa, must operate (Moffatt 1978). 
In the case of the large-scale Galactic magnetic field, and under the assumption of 
flux freezing, differential rotation of the Galactic disk is able to stretch magnetic 
fields in the azimuthal direction, thereby increasing the toroidal magnetic field as 
the Galaxy differentially rotates. Supernova and superbubble blast waves lift mag-
netic fields out of the disk, allowing plasma (and therefore the magnetic fields tied 
to the plasma) to experience coriolis forces which twist magnetic fields and create 
poloidal magnetic flux. 
The evolution of magnetic fields is described by the dynamo equation 
a:B _, _, _, 
at = \7 X (V X B) + \7 X £ (1.1) 
4 
where 
V = V(R, Z)eq, (1.2) 
is the velocity vector that describes the large-scale differential rotation of the Galactic 
disk and 
(1.3) 
is the an effective electromotive force due to small-scale turbulent motions (iJ) and 
magnetic fields (b). 
On small scales, turbulence is critially important for dynamos to function. It 
serves as another source of energy for the dynamo, and turbulence can further amplify 
ambient mean magnetic fields (often referred to as the 'alpha-effect'; Steenbeck et aL 
1966). Small-scale turbulence also enhances magnetic diffusion (fJ). These effects 
can be quantified by considering the first two terms of a Taylor series for { 
(1.4) 
In a cylindrical system, a is a tensor that represents the amplification of magnetic 
fields in the same direction as the local mean field: 
0 (1.5) 
0 0 az 
where aii quantify the turbulent amplification of magnetic fields in each of the unit 
vector directions and Vesc is the effective veloCity at Which magnetic flux iS vertically 
advected by the system (via supernovae, superbubbles, and vertical Galactic winds 
Ferriere & Schmitt 2000; Moss et aL 2010) 
One difficulty in nonlinear dynamo simulations is the back reaction of growing 
Lorentz forces on the turbulent motions that enable dynamo action ( J epps 1975) . 
. -. 
-- ~-
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The theory described above assumes that the magnetic field is weak compared to 
other forces in the system, especially turbulence. However, as the magnetic field is 
amplified, it will eventually reach equipartition with thermal pressure and turbulence 
and the dynamo efficiency (the alpha-effect) should decrease. 'Without a parameter-
ization of the back-reaction caused by these growing Lorentz forces on the alpha 
effect, the magnetic energy density will amplify beyond the (approximate equiparti-
tion) values observed in the Milky 'Nay. A simple solution is to allow amplification of 
the magnetic field until the magnetic energy density equals the interstellar medium 
(ISM) gas pressure (P9 ), at which point the growth is artificially stopped. A more 
realistic solution is called "alpha-quenching" where, typically, the amplitude of the 
alpha-effect is reduced as the magnetic energy density approaches equipartition. For 
example, Ferriere & Schmitt (2000) use the alpha-quenching parameterization 
(1.6) 
where P9 is the (thermal+turbulent) gas pressure ofthe ISM and Bref is the observed 
mean magnetic field strengh in the ISM. In Equation 1.4, this term would be multi-
plied by O'.ijBj· "'When the magnetic field strength is small, the alpha-effect is able to 
amplify the system's magnetic field strength. As B approaches Bref the alpha-effect 
is suppressed, mimicking the effect of growing Lorentz forces suppressing the turbu-
lent small-scale component of the dynamo. The inclusion of alpha-quenching limits 
the nonphysical amplification of magnetic fields by a dynamo. 
All models of the Galactic magnetic field geometries have a dependence on az-
imuth (B ex: eime; Krause et al. 1989a). Two broad classes of Galactic magnetic fields 
are predicted to exist: axisymmetric (m=O) and bisymmetric (m=1), and both classes 
have been observed in other galaxies (Becket al. 1996), though higher-order symme-
tries and combinations are possible (Wielebinski & Krause 1993). Since starlight po-
6 
larimetry cannot distinguish between axisymmetric and bisymmetric magnetic fields 
(see Section 2.1), only axisymmetric Galactic magnetic field models will be consid-
ered in this dissertation. By only considering axisymmetric magnetic field models, 
any subsequent analyses will not be sensitive to the effect of azimuthal symmetry on 
other large-scale magnetic field properties (disk symmetry and magnetic pitch angle, 
discussed below). Complementary Faraday rotation and Zeeman measurements may 
be used to measure the azimuthal symmetry of the Galactic magnetic field, but are 
beyond the scope of this dissertation. 
Galactic magnetic fields are further distinguished by their disk symmetry, either 
symmetric (S or even) or antisymmetric (A or odd) with respect to the Galactic 
midplane (Krause et al. 1989a; see Table 1 in Beck et al. 1996). If axisymmetric, 
these magnetic fields are classified as either SO (even) or AO (odd). This work will 
also consider disk-even, halo-odd (DEHO) magnetic fields which have observational 
(Sun et al. 2008) and theoretical (Moss et al. 2010) foundations. 
Another characteristic of galau'Xy-scale magnetic fields is the presence of a spiral-
like magnetic pitch angle in the disk. The pitch angle is defined by p = tan-1 (Br / B¢). 
In a trailing spiral galaxy, since the magnetic field is tied to the gas and not to the 
spiral density pattern, differential rotation causes the Br and B¢ components to 
have opposite signs (Krasheninnikova et al. 1989), and therefore the pitch angle is a 
negative quantity (Beck et al. 1996). 
1.3 Tools for Observing Magnetic Fields 
Magnetic fields remain one of the most difficult aspects of the nearby universe 
to probe. Every method for measuring the interstellar magnetic field requires some 
special circumstance (e.g., a background polarized source for Faraday rotation, high 
column density for polarized thermal emission or Zeeman splitting, a background 
7 
star for interstellar polarization of background starlight). To date, the study of the 
Galactic magnetic field has been dominated by radio wavelength Faraday rotation 
studies. However, by combining many different techniques, observational constraints 
can be placed on the structure of the Galactic magnetic field which may help drive 
a comprehensive theory of galactic magnetic fields. 
The first observational evidence for magnetic fields in the Milky vVay was in-
ferred from early starlight polarization studies (Hiltner 1949; Hall 1949). Several 
tools exist for directly or indirectly measuring magnetic fields in the Milky vVay and 
other galaxies. The presence of magnetic fields has been directly measured by sev-
eral different observational methods: Zeeman splitting of spectral lines (Verschuur 
1968; Crutcher et al. 1993), Faraday rotation of pulsars (Smith 1968; Manchester 
1974) and extragalactic sources (Cooper & Price 1962), and synchrotron emission 
(Westerhout et al. 1962; vVielebinski & Shakeshaft 1962; Yusef-Zadeh et al. 1984, 
1989). Magnetic fields in the Galaxy have also been indirectly inferred from polar-
ization of background starlight (Hiltner 1949; Hall 1949; Mathewson & Ford 1970) 
and polarized thermal dust emission (Hildebrand 1988). 
Zeeman splitting and polarized dust emission only probe high-density regions in 
interstellar clouds and are more suited to studying star formation than the large-scale 
structure and origin of the Galactic magnetic field. Polarized synchrotron emission 
has been used to study resolved magnetic fields in other galaxies (Becket al. 1996, 
and references therein) and in the Milky Way, in particular the vertical magnetic 
fields in the Galactic center (Yusef-Zadeh et al. 1984). However, synchrotron emis-
sion requires relativistic electrons which generally accompany events that will distort 
ambient magnetic fields (e.g., supernovae). Faraday rotation measures the rotation 
of the plane of polarization at different wavelengths as photons pass through a bire-
fringent region of magnetized electrons. It requires background polarized sources 
8 
(traditionally pulsars and synchrotron emission from extragalactic sources), knowl-
edge of the electron density along the line-of-sight, and only probes magnetic fields in 
the hot, ionized ISM. For pulsars, accurate distances are necessary to understand the 
electron column between the pulsar and the observer. Nearby pulsar distances are 
measurable with parallax, but more distant pulsars require accurate electron density 
maps to estimate their distances. This has lead to circular reasoning in which pulsar 
distances are constrained by a model of Galactic electron density (Cordes & Lazio 
2002) that depends on pulsar distances. Extragalactic sources may serve as a bet-
ter probe for Faraday rotation because they sample the entire electron column of 
the Galaxy, which is more reliably measured than a (poorly known) fraction of the 
electron column along a line-of-sight. 
Polarization of background starlight has been an astrophysical tool since the 
pioneering works of Hiltner (1949) and Hall (1949), and early theoretical work linked 
this optical polarization with interstellar magnetic fields (Davis & Greenstein 1951). 
Interstellar polarization arises from dichroic extinction of unpolarized starlight pass-
ing through regions of elongated dust grains which are directionally aligned with their 
long axes preferentially perpendicular to the local magnetic field (Lazarian 2007). As 
illustrated in Figure 1.1, assuming background stars emit all polarizations equally 
(i.e., are unpolarized), photons polarized parallel to a grain's long axis will see the 
largest grain cross section and be preferentially extincted. The result is linear po-
larization, whose stronger electric field direction is parallel to the direction of the 
magnetic field, as projected onto the plane of the sky. 
Much of the previous starlight polarization work has been done at optical wave-
lengths where the polarization signal is strongest (Serkowski et al. 1975). However, 
optical wavelengths suffer appreciable dust extinction, especially through the Galac-
tic disk, and typically cannot probe stars farther than 2-3 kpc (Fosalba et al. 2002; 
9 
Aligned Grains/ 
Fig. 1.1 Cartoon illustrating polarization of background starlight. Dust grains (blue 
ellipsoids) will tend to align with their long axes perpendicular to the local magnetic 
field orientation. Assuming that stars emit unpolarized light, photons polarized 
parallel to the long axes of dust grains will experience more extinction than photons 
polarized parallel to the short axes of dust grains. This leads to a polarization signal 
parallel to the magnetic field orientation, as projected onto the plane of the sky. 
Han 2008). At longer wavelengths, starlight is less extincted by dust so polarizations 
can be measured to stars far beyond optical limits. 
In addition to extinction, nearby magnetic structures can dominate the observed 
optically-traced morphology. Loop I is a supernovae remnant of 116° diameter on the 
sky, approximately 130 pc from the Sun, centered at R. = 329° , b = 17.5° (Berkhuijsen 
1973), and prominently seen in the optical polarization compilation of Heiles (2000). 
This nearby object obscures the signature of the large-scale magnetic field struc-
ture. Faraday rotation studies of the Galactic magnetic are also affected by similar 
foreground objects (e.g., supernova remnants; Wolleben et al. 2010). By observing 
toward a direction without any obvious disturbances , the quiescent Galactic mag-
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netic field may be reliably probed by near-infrared (NIR) starlight polarimetry to 
distances of several kiloparsecs (Clemens et al. 20 12c). 
1.4 Current Understanding of Magnetic Fields in the Milky 
Way 
Over the last few decades, progress has been made in understanding the 
Galactic magnetic field through, especially, improvements in numerical simula-
tions (Elstner et al. 1992; Brandenburg et al. 1992, 1993; Ferriere & Schmitt 2000; 
Kleeorin et al. 2002, 2003; Moss & Sokoloff 2008; Hanasz et al. 2009; Moss et al. 
2010). However, while our understanding of fundamental dynamo physics grew, ob-
servations were sparse. Observational constraints of large-scale magnetic field models 
have almost exclusively relied on Faraday rotation of emission from Galactic pulsars 
and polarized extragalactic sources that probe the electron density weighted line-
of-sight component of the magnetic field. Mathewson & Ford (1970) compiled the 
first systematic catalog of optical starlight polarimetry which showed that the Galac-
tic magnetic field was predominantly aligned with the Galactic disk. Heiles (1996) 
used optical polarimetry from Mathewson & Ford (1970) and others to constrain the 
Galactic magnetic pitch angle to p = -7.2° ± 4.1 o, but, beyond this, starlight polar-
ization has not been quantitatively employed as a tool for constraining the large-scale 
Galactic magnetic field structure. 
The Galactic magnetic field consists of regular and random components. The 
regular magnetic field is typically weaker than the random field by a factor of a few 
(Pshirkov et al. 2011) and theref~re the random field dominates small-scale magnetic 
structures. On larger scales, the effects of the regular magnetic components add 
coherently while the random components tend to cancel and the regular field typically 
dominates observed quantities like starlight polarization or Faraday rotation. 
11 
The accepted understanding of the mean field, large-scale Galactic magnetic 
field is that the Galactic disk contains a toroidally dominated magnetic field 
(Mathewson & Ford 1970; Heiles 2000) with at least one magnetic direction rever-
sal (Rand & Kulkarni 1989) and a small spiral-type pitch angle ( -3° < p < -11°: 
Vallee 1988; Han & Qiao 1994; Heiles 1996; Beck 2007; Kronberg & Newton-McGee 
2011; Pshirkov et al. 2011). The central 50 pc of the Galaxy possesses strong (50-
200 J-bG) vertical (poloidal) magnetic fields (Yusef-Zadeh et al. 1984; Ferriere 2011), 
which may be locally produced and not related to the large-scale Galactic magnetic 
field. The (predominantly toroidal) disk magnetic symmetry is unclear from Faraday 
rotation studies (vVolleben et al. 2010). 
Recent results from the Voyager 2 spacecraft place a limit of 5 f-bG in the 
solar neighborhood (Opher et al. 2009). A weak (0.5 f-bG) vertical magnetic field 
component has been measured in the solar neighborhood (Mao et al. 2010), and the 
magnetic symmetry of the Galactic halo magnetic field is unclear (Brandenburg et al. 
1992; Sun et al. 2008; Mao et al. 2012). The large-scale Galactic magnetic field has 
also been traced by the deflection of extragalactic ultra-high energy cosmic rays 
(energy greater than 1019 eV). In the Milky Way, these particles have gyroradii 
larger than 1 kpc, but can be deflected by small-scale magnetic structures (Stanev 
1997; Prouza & Srnida 2003; Tinyakov & Tkachev 2005). 
Measurement of the magnetic fields in external galaxies can provide additional 
information about the nature of galaxy-scale magnetic fields. In particular, obser-
vations of Milky Way analogs seen at different orientations provide insight into the 
mechanism that creates and sustains the magnetic field in the Milky Way (Beck et al. 
1996). These studies usually measure radio wavelength polarization from synchrotron 
radiation and Faraday rotation of the polarized emission (e.g., Fletcher et al. 2011, 
for the face-on galaxy M51), but only probe the hot, ionized component of the ISM. 
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Resolved optical and NIR polarimetry has also been used to study magnetic fields, as 
traced by dust, in external galaxies (e.g., Scarrott et al. 1987, at optical wavelengths 
for M51). In addition to probing the large-scale structure of galactic magnetic fields, 
these studies can test whether the same magnetic field is present in these two different 
components of the ISM. 
1. 5 Dynamic Forces and the Galactic Magnetic Field 
While knowledge of the large-scale structure of the Galactic magnetic field is 
important for understanding its source, the interaction of the interstellar medium 
(ISM) with the Galactic magnetic field typically occurs on much smaller scales. The 
role of magnetic fields in ISM physics is poorly understood. Are magnetic fields 
dynamically important for organizing diffuse material in the ISM (Crutcher et al. 
2003; Han & Zhang 2007)? Do magnetic fields in dense regions decouple from the 
Galactic magnetic field (Reid & Silverstein 1990; Green et al. 2012)? Do magnetic 
fields regulate the rate of star formation (Marchwinski et al. 2012)? 
I would like to understand how the Galactic magnetic field affects individual 
objects on the scale of several parsecs. In particular, do Galactic magnetic fields 
affect the interaction of astrophysical objects with their surroundings? And, what is 
the relative strength of magnetic fields compared to other forces in the ISM? 
'Galactic bubbles' are a class of objects particularly well-suited to addressing 
these questions. Galactic bubbles are spherical shells (Anderson et al. 2011, 2012b) of 
material that have been swept up by dynamic forces (e.g., stellar wind or radiation). 
They are seen as ring-like emission features at infrared wavelengths (Churchwell et al. 
2006) and inferred from optical (Herbig 1968) and ultraviolet (Morton 1975) spectral 
lines seen in stellar spectra. In the Churchwell et al. (2006) catalog of Galactic 
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bubbles, they are associated with HII regions, other early-type stars (too cool to 
produce radio HII regions), star clusters, and supernova remnants. 
The canonical works of Castor et al. (1975) and Weaver et al. (1977) set up a 
theoretical framework for the interaction of a pressure-driven bubble in a homogenous 
medium. A key feature of Galactic bubbles is their observed eccentricities, which 
suggest that the isotropic bubbles modeled by Castor et al. (1975) and vVeaver et al. 
(1977) do not include some important physical processes. I predict that external 
magnetic fields are partially responsible for the observed bubble asymmetries. 
Little work has been done on the interaction of Galactic bubbles with external 
magnetic fields. Kahn & Breitschwerdt (1990) studied the role of magnetic fields in 
turbulent mixing at the inner boundary of stellar wind bubbles. Others have ar-
gued that the magnetic fields from pulsars (Begelman & Li 1992) and white dwarfs 
(Chevalier & Luo 1994) inside supernova remnants and planetary nebulae can ac-
count for the asymmetric shapes of these nebulae and some X-ray emissions. 
There has been extensive theoretical (e.g., Ferriere et al. 1991; Orlando et al. 
2007; Stilet al. 2009; Reynolds et al. 2011) and observational (e.g., Troland & Heiles 
1982; Tomisaka 1990, 1992; Gaensler 1998) work studying the effect of external mag-
netic fields on the evolution of collections of nearby supernovae, called superbubbles. 
However, the interaction of expanding shells with external magnetic fields may not 
be the same for pressure-driven bubbles and supernova blast waves. Therefore, I pur-
sued a statistical study of Galactic bubbles to elucidate the role of external magnetic 
fields in the evolution of pressure-driven bubbles. 
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1.6 Key Questions to be Addressed 
The overarching question in this dissertation is What is the nature of the 
Galactic magnetic field and how does it affect the ISM? To address this, I 
develop answers to the following scientific questions: 
• Does the large-scale form of the quiescent, Galactic magnetic field have even or 
odd symmetry with respect to the Galactic disk'? 
• What is the magnetic spiral-like pitch angle of our Galaxy'? 
• Do magnetic fields affect the evolution of Galactic bubbles'? 
• How does the magnetic field in the face-on spiral galaxy M51 compare to the 
magnetic field in the Milky Way'? 
To address these scientific questions, I address several technical questions about 
the ability of NIR polarimetry to probe magnetic fields: 
• Can testable predictions of the NIR polarimetry be created from existing nu-
merical dynamo simulations'? 
• Can NIR polarimetry observationally distinguish among large-scale Galactic 
magnetic field geometries'? 
• Can NIR polarimetry observationally distinguish among the predictions from 
dynamo models with different physics? 
• Can Galactic bubbles be reliably probed with NIR polarimetry'? 
• Can high-resolution, resolved, NIR polarimetric observations of magnetic fields 
in external galaxies be made'? 
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Chapter 2 will discuss a Stokes radiative transfer mod~l I dev~loped for making 
all-sky NIR polarization predictions based o~ existing GaJaCt16 dynamo simulations. 
These predictions will be tested in Chapter 3 with new Nt.Er polarimetry to place 
constraints on the geometry of the Galactic magnetic field, yvith ,implications for the 
' - ' ·.- ~- •.. t·- . ~ ' . 
a-D dynamo theory. In Chapter 4, I analyze the inteniction bf GalactiG bubbles 
hosting HII regions with the Galactic magnetic field and propose an observationally-
driven evolutionary sequence based on this interaction. Chapter 5 presents new 
resolved polarization observations of the face-on spiral galaxy MSl. The dissertation 
will be summarized in Chapter 6, where I present the conclusions of these studies 
and their implications for the large-scale magnetic field in the Milky vVay Galaxy. 
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Chapter 2 
Testing Galactic Magnetic Field Models: 
Predicting NIR Polarization Properties 
The goal of this chapter is to identify the utility of near-infrared starlight po-
larimetry for studying the Galactic magnetic field. The previous under-utilization of 
starlight polarimetry for probing interstellar magnetic fields is emphasized. A near-
infrared Stokes radiative transfer model is discussed and sets of testable predictions 
are presented. 
2.1 Introduction 
Much of the work attempting to understand large-scale magnetic fields in our 
Galaxy has relied on Faraday rotation of polarized emission from pulsars and ex-
tragalactic sources. Faraday rotation measures the mean, electron density weighted, 
line-of-sight magnetic field between a polarized background source and an observer 
(see Section 1.3). Over the past several decades, many individuals using different 
facilities have contributed to a growing all-sky catalog of Faraday rotation measure-
ments (e.g., Oppermann et al. 2012). This wealth of information is made possible by 
the relative ease with which Faraday rotation can be measured at radio wavelengths. 
The growth of these catalogs are limited, primarily, by the sensitivity of radio tele-
scopes to faint, polarized sources. Over time, as radio telescopes and recievers have 
become more sensitive, the number of high-quality Faraday rotation measures (RMs) 
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has grown. This has allowed observations of Faraday rotation to dominate the study 
of the Galactic magnetic field. 
Many attempts have been made to fit empirical magnetic field models for 
the Galactic disk to the observed RM distribution (e.g., Rand & Kulkarni 1989; 
Men et al. 2008; Sun et al. 2008; Nota & Katgert 2010; VanEck et al. 2011). How-
ever, the interpretation of the RMs has proved to be challenging. Using very similar 
data sets, different authors have come to conflicting conclusions about basic prop-
erties of the observed Galactic magnetic field. A selection of these conclusions are 
summarized in Table 2.1 (see 1.4 for descriptions of these magnetic properties). The 
only consensus from these previous RM studies seems to be that the inner Galaxy 
hosts magnetic field reversals. 
Since starlight polarimetry is insensitive to the direction of a magnetic field (for 
example, that a magnetic field is pointed towards or away from an observer), only 
its projected orientation (that the magnetic field lies along the line-of-sight, but not 
knowing its actual direction), it cannot be used to test for the presence or absence 
of field reversals along a line-of-sight. Furthermore, axisymmetric and bisymmetric 
magnetic fields are indistinguishable without the ability to measure magnetic field 
direction, as shown in Figure 2.1. However, starlight polarimetry may shed light on 
the nature of the poloidal component of the Galactic magnetic field, complementing 
previous rotation measure studies (Taylor et al. 2009; Mao et al. 2010, 2012). By 
observing the magnetic field projected onto the plane of the sky, this method is 
sensitive to the Galaxy's poloidal magnetic field component and allows the nature 
of that field component to be measured. Therefore, I will focus on using starlight 
polarimetry to understand the disk-symmetry of the Galactic magnetic field. 
Much of the debate about the disk-symmetry of the Galactic magnetic field 
depends on the observed RM asymmetry about the direction to the Galactic center, 
Table 2.1. Selected Milky Way Faraday Rotation Studies 
Pa,p~r Azimuthal Symriietry Rings Axisymmetric Bisymmetric Field Reversals 
Andreasyan & )Ylak~rov (1988) yes 
Rand & Kulkarni (1989) yes yes 
Han, et al. (i997) yes 
Han, et.al. (1999) yes 
Friclt et .!D. (2001) 
Han et al. (2006) yes yes 
Brown et al. (2007) yes 
Men et al. (2008) no no no 
SuJ.1 et•a;l. (2008) yes yes 
Ma9 et al. @2010) 
Nota & Kaltgert (2010) yes 
Wolleben et al. (2010) 
VanEck et al. (2011) Inner Galaxy) no yes yes 
VanEck et al. (2011, Outer Galaxy) yes yes no 
Andreasyan et al. (2011) yes 
Pshirkov et al. (2011, Disk) no 
Pshtrkov et aL (2011, Halo) 
'}. 
Disk Symmet~y 
··symmetric Antisymmetric 
yes 
no 
yes 
1).0 
yes 
yes 
yes 
no 
unlikely 
yes 
no 
yes 
f--1 
(X) 
,~J.)l/~-;,:.~?:1; 
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ASS BSS 
Fig. 2.1 Cartoon illustrating the insensitivity of polarization ofbackground starlight 
to magnetic polarity reve:usals; seen in a top-down view of a ga.Ja:xy. A star (star 
symbol) emits ligh(th~t ':Passesthiougli a si?i:ral arm (deli:fJ.eated by dashed·Iines} to · 
an observer (eye symbol) for the cases ofan·axisymmetric~AS.S (left) andbisymmet-
ric BSS (right) magnetic field. The arrows indic-ate the · di.rectio;q.al polarity· of the 
magnetic field in each region. The observer would measure identical)in.ear starlight 
pcil?Xization properties for the star in both cases. · 
.. 
. · .. 
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shown in Figure 2.2 for the ATNF Pulsar Database1 (Manchester et al. 2005). In Fig. 
2.2, positive RMs (open circles) are lines-of-sight where the magnetic field is, on av-
erage, pointed towards the observer while negative RMs (plus signs) are lines-of-sight 
where the magnetic field is, on average, pointed away from the observer and the size 
of the symbol is proportional to the logarithm of the RM. Only significantly detected 
measurements with lbl > 8° are plotted. The simplest explanation for this asym-
metry is that the dominant toroidal magnetic fields above and below the Galactic 
plane have opposite directions, which suggests a disk-antisymmetric magnetic field 
(Andreasyan & Makarov 1988; Han et aL 1997; Han et al. 1999; Sun et al. 2008). 
However, new evidence suggests that the observed RM distribution may be 
strongly affected by nearby, small-scale structures, in particular towards the Galactic 
center CWolleben et al. 2010). Blast waves from supernova remnants are expected to 
significantly enhance the magnetic field in the shock wave created as they expand 
through a magnetized interstellar medium (Ferriere et al. 1991; Tomisaka 1992), and 
this will affect RMs observed through such a resolved shock. 
Because of the difficulty associated with interpreting RM studies, illustrated 
above, I have chosen to approach the study of the large-scale Galactic magnetic 
field with a different observational tool, polarization of background starlight. On 
large scales, optical polarization of background starlight has previously been used to 
measure the large-scale orientation of the magnetic field (Heiles 1976), to estimate the 
curvature and pitch angle (defined as arctan[ Br / Bq,]) of the field (Heiles 1996), and 
to study magnetic fields in other galaxies (e.g., Scarrott et al. 1987; Hough 1996). 
However, dust extinction limits optical polarimetry to probing Galactic magnetic 
fields within rv1 kpc (Fosalba et al. 2002), hindering its ability to probe the large-
scale structure of the Galactic magnetic field. 
1 http: j jwww.atnf.csiro.au/researchjpulsar jpsrcat/ 
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Fig. 2.2 Map of observed pulsar RMs towards the Galactic center from the ATNF 
Pulsar Database. In the figure, circles represent positive RMs (magnetic field pointed 
towards the observer) and crosses represent negative RMs (magnetic field pointed 
away from observer). The observed asymmetry about the Galactic center has been 
used as evidence for an disk-antisymmetric Galactic magnetic field. 
NIR polarimetry of background starlight is a relatively untapped resource for the 
study of the large-scale Galactic magnetic field. Historically, it has mostly been ap-
plied to the study of magnetic fields in and around star forming regions and individual 
clouds (e.g., Sato et al. 1985; Goodman et al. 1995; Arce et al. 1998; Tamura et al. 
2006, 2007; Kandori et al. 2007). NIR polarimetry is less extincted by dust and 
can probe the magnetic field along multi-kpc lines of sight (Clemens et al. 2012b,c). 
The regular component of the Galactic magnetic field may be better measured by 
. these longer sight lines (longer than the scale length of the random component; 
Rand & Kulkarni 1989; Ohno & Shibata 1993) as the random magnetic components 
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will tend to cancel. Furthermore, by studying the magnetic field in the outer Galaxy, 
where the extinction per unit length is lower than in the inner Galaxy (Spergel et al. 
'-
1996; Drimmel & Spergel 2001), and where there are fewer supernovae to create 
magnetic field disturbances (Heiles 1987), NIR polarimetry may be used to probe 
the quiescent, regular Galactic magnetic field to multi-kpc distances. 
To advance the understanding of the Galactic magnetic field, strong observa-
tional constraints are needed. In the following sections, physics-based models of the 
Galactic dynamo, combined with models of the Galactic dust distribution, are used 
to make predictions for starlight polarizations that can be tested with current and 
emerging observational techniques. These predictions will be tested in Chapter 3 in 
order to constrain the large-scale symmetry of the Galactic magnetic field. 
2.2 Polarization Mechanism 
Polarization of background starlight is thought to arise from anisotropic dust 
grains aligned in magnetic fields (for a comprehensive history of this idea see 
Lazarian 2003). Theories for alignment mechanisms include paramagnetic dissi-
pation (Davis & Greenstein 1951; Purcell 1975, 1979), mechanical (gas streaming) 
alignment (Gold 1952), superparamagnetic dissipation (Jones & Spitzer 1967), and 
radiative torques (Dolginov & Mytrophanov 1976; Draine & Weingartner 1996, 1997; 
Lazarian & Hoang 2007). The physical details of how dust aligns with local mag-
netic fields are beyond the scope of this dissertation. With the exception of the 
special case of mechanical alignment, all models predict that spinning dust grains 
will preferentially align with their long axes perpendicular to the local magnetic field. 
Unpolarized background starlight passing through a medium with aligned dust 
grains will experience a larger extinction cross-section for photon electric field aligned 
perpendicular to the magnetic field than aligned parallel to the field, so that the 
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transmitted light becomes weakly linearly polarized parallel to the direction of the 
magnetic field as projected onto the plane of the sky. This polarizing effect is ob-
served from the ultraviolet through the near-infrared, and was empirically described 
by Serkowski et al. (1975). The orientation of the starlight polarization is deter-
mined by the orientation of dust alignment with a local magnetic field. The degree 
of polarization at a given wavelength depends on the size distribution of the aligned 
dust grains, the dust polarizing efficiency, and the dust alignment efficiency. For typ-
ical Galactic lines-of-sight, the degree of polarization peaks in the optical (typically 
around 550 nm) and decreases at longer and shorter wavelengths. The wavelength 
at which the degree of polarization peaks can be used to estimate the physical size of 
the dust grains responsible for most of the polarization (Whittet 1996). In the sim-
ple case of long cylinders with radius a and refractive index n, the peak wavelength 
occurs at 
(2.1) 
For Amax = 0.55 Jlm and n=l.6 (appropriate for silicate dust grains), a~ 0.15 JliD, 
which are "classical" (i.e. large) dust grains (Whittet 2003). 
Through NIR wavelengths, the degree of polarization also follows an inverse 
power law, P>.. ex: )\-!3, with index 1.6 < f3 < 2.0 that is uncorrelated with Amax 
(Martinet al. 1992). Since longer wavelengths suffer less extinction, high-density 
regions may only be probed with NIR starlight polarimetry. vVhen choosing a wave-
length for starlight polarimetry, a balance must be struck between extinction and 
strength of the polarization signal. At longer wavelengths extinction decreases and 
longer lines-of-sight can be probed, but the measurable polarization signal decreases 
as well (for example, at mid-infrared wavelengths the polarization signal is unmea-
surable). This balance must be carefully considered when choosing an observing 
passband. 
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2.3 Galactic Magnetic Field Models 
The first step in measuring the large-scale structure of the Galactic magnetic 
field is to make testable predictions for different possibilities. In the following sub-
sections, I introduce several different magnetic field models that will be used to make 
predictions about two properties of the Galactic magnetic field: the disk symmetry, 
and the spiral-like magnetic pitch angle. 
2.3.1 Disk Symmetry 
As discussed in Section 1.4, only axisymmetric Galactic magnetic fields will 
be considered. From analytic (Moffatt 1978; vVielebinski & Krause 1993) and nu-
merical (Ferriere & Schmitt 2000) solutions of the dynamo equation in a differen-
tially rotating cylindrical di~k system, the two fastest growing modes are symmetric 
(SO) and antisymmetric (AO) magnetic field geometries (illustrated in Figure 2.3), 
though mixed modes are possible (Brandenburg et al. 1992; Ferriere & Schmitt 2000; 
Moss & Sokoloff 2008). 
Six example SO and AO magnetic field geometries were drawn from the work of 
Ferriere & Schmitt (2000) who numerically solve the dynamo equation (Equation 1.1 
for different physical conditions. For each of the following runs, the magnetic field 
results from an example SO and AO run were obtained (D. Schmitt, private com-
munication). A 'reference run' is used that is characterized by Galactic differential 
rotation with no vertical dependence, perfect conductor boundary conditions, and 
fiducial alpha-tensor and magnetic diffusivity values. A second run was similar to 
the reference run but included alpha-quenching (see section 1.2). The third run was 
similar to the reference run, but applied vacuum boundary conditions at a radius of 
20 kpc instead of perfect conduction. These six magnetic field models had magnetic 
pitch angles from -7.0 to -10.6° and are listed in Table 2.2. 
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Fig. 2.3 Cartoons illustrating two classes of axisymmetric predictions from dy-
namo simulations. Thin lines trace poloidal magnetic fields and thick lines trace 
toroidal magnetic fields. (Top) AO ( antisymmetric) magnetic field structure. (Bot-
tom) SO (symmetric) magnetic field structure. Reproduced with permission from 
vVielebinski & Krause (1993). 
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Three additional magnetic field models were drawn from Moss et al. (2010), 
which represent mixed disk-symmetry models. Moss et al. (2010) introduce a uniform 
vertical Galactic wind into their dynamo models which has the effect of isolating the 
dynamo in the disk from the dynamo in the Galactic halo. The resulting magnetic 
field geometries had disk-even (symmetric), halo-odd (antisymmetric) magnetic field 
geometries, which will be referred to as DEHO. The numerical outputs of three 
DEHO magnetic field models (models 511b, 513b, and 527b in Moss et al. 2010) 
were obtained (D. Moss, private communication), corresponding to the three models 
shown in Figure 4 of that paper. 
2.3.2 Magnetic Pitch Angle 
The magnetic field geometries described above are characterized by a narrow 
range of magnetic pitch angles (see Table 2.2). In order to more accurately account 
for the effect of magnetic pitch angle on the observed distribution of starlight po-
larization across the sky, I developed a simple analytic, axisymmetric magnetic field 
model (which can be classified as an SO geometry) for predicting the effect of changing 
magnetic pitch angle. It consists of a logarithmic spiral magnetic field of adjustable 
magnetic pitch angle (B¢ and Br cylindrical components), but no vertical (Bz) mag-
netic field components. The magnetic pitch angle is defined as p=arctan[ Br j B¢], 
and is a negative quantity because of the signed nature of the magnetic field com-
ponents. In this chapter, three magnetic analytic magnetic field geometries are con-
sidered. One model consisting of purely azimuthal (ring) magnetic :fields (p = 0°, 
Br = Bz = 0), and two models possessing log spiral magnetic fields with mag-
netic pitch angles matching values in the literature: -11.5° (Brown et al. 2007) and 
-24° (Ruiz-Granados et al. 2010). Since polarization of background starlight is not 
sensitive to the directional polarity of magnetic fields, these models do not include 
magnetic reversals. 
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2.4 Dust Models 
Polarization of background starlight requires the presence of anisotropic dust 
grains along the line-of-sight to the background stars. Two different empirical mod-
els (Spergel et al. 1996; Drimmel & Spergel 2001) of the Galactic dust distribution 
were used, both derived from near-infrared (NIR) and far-infrared (FIR) emission 
measured by the COBE/DIRBE instrument for Galactic latitudes \bl < 30°. The 
COBE/DIRBE observations were restricted to \b\ :::; 30°, so I assume that the ex-
ponential forms utilized in the dust models adequately describe the Galactic dust 
distribution far from the midplane. Spergel et al. (1996) imposed axisymmetry, with 
fixed disk scale length and scale height values. Drimmel & Spergel (2001) invoked 
a more sophisticated model which included an axisymmetric disk with a linear flair, 
the local arm, four spiral arms, and a Galactic warp. 
2.5 Stellar Population Sample 
Observed background starlight polarizations contain contributions from all 
aligned dust along the line of sight to the stars, so stars at different distances will 
sample different columns of polarizing media and exhibit different polarization prop-
erties. Therefore, to accurately simulate real observations, the background stellar 
sources used here must be reasonably distributed along and across Galactic lines 
of sight. The stellar population model2 of Robin et aL (2003) has previously been 
shown to agree with NIR star counts from 2MASS (Reyle et al. 2009), so this model 
was used. I used their model to generate 10' x 10' simulated star fields spaced evenly 
across the entire sky in five degree steps of Galactic latitude and longitude. 
In the Robin et al. (2003) stellar population model, Monte-Carlo selections of 
stars were drawn from extinction-free stellar probability distributions. Stellar H-band 
2http:/ jmodel.obs-besancon.fr/ 
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(1.6 Jlm) photometry for each star was calculated using Johnson-Cousins filter trans-
mission curves and were extincted assuming a standard diffuse Galactic extinction of 
1.8 mag kpc-1 at V-band (Whittet 2003) in the disk. The stellar distribution model 
returned stellar type, atmosphere parameters, mass, distance, Johnson-Cousins ap-
parent magnitudes, apparent colors, and visual extinction for each star. To simu-
late realistic observational constraints, stars dimmer than an apparent magnitude of 
H = 14 were excluded. This magnitude limit was chosen to facilitate comparison 
with observations in Chapter 3. 
2.6 Radiative Transfer Model 
To calculate the polarization observables P (the degree of polarization) and 
GPA (the Galactic position angle of polarization, measured toward increasing Galac-
tic longitude from the Galactic North pole), each background star was assumed to 
emit unpolarized light that propagates towards the observer. As the starlight prop-
agates, the changes in the Stokes I, U, and Q parameters were calculated (Pavel 
2011). All simulations remained in the optically thin regime with no contribution of 
polarized dust emission, appropriate for NIR observations of the Galactic disk. This 
assumption, however, may not apply within 1 a of the Galactic plane where the dust 
optical depth can become large. 
To illustrate aspects of the radiative transfer model, consider two limiting cases: 
a line of sight through two distinct polarizing regions whose magnetic fields are 
aligned with the same plane of the sky orientation, and a line of sight through two 
polarizing regions whose plane of the sky magnetic field orientations are aligned per-
pendicular to each other. In the first case, as the initially unpolarized background 
starlight passes through the first region a weak linear polarization (along the ori-
entation of the projected magnetic field) is imposed. The light passes through the 
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second polarizing region that further polarizes the background starlight along the 
same orientation. In the second case, the unpolarized background starlight again 
gains polarization from the first polarizing region. However, the second region depo-
larizes the starlight and the observer sees much weaker or unpolarized starlight. 
Because of the possible depolarizing effect of multiple polarizing regions, a single 
star may be a poor probe of the full nature of the magnetic field along a line of sight. 
Therefore, this work uses ensembles of stars (distributed with distance) over a small 
solid angle to characterize each simulated sky direction. 
The Sun is assumed to be located 8.5 kpc from the Galactic center and in the 
Galactic midplane. For each simulated star, the entire line-of-sight from the star to 
the Sun was divided into 10 parsec blocks. This size was chosen to be smaller than 
the typical variations found in any of the magnetic or dust models. In each block, 
the local dust density was calculated, the magnetic field direction from the models 
(as seen from the Sun's position) was projected onto the sky, and the changes in 
Stokes parameters were calculated by integrating through that block. The changes 
in the Stokes parameters are described by the equations (Pavel 2011): 
d(~~ I) = E p 1r a2 sin 2'1/J cos2ry ( Q.l ~ Qll), 
di =-I p 1r a2 (QII + Q.L) 
ds 2 
(2.2) 
(2.3) 
(2.4) 
where E is the dust polarizing efficiency, p is the local dust density (in g cm-3 ), a is 
the effective radius of the dust grains (assumed to be 0.1 p,m 'astronomical silicate;' 
Draine & Lee 1984), 'ljJ is the direction ofthe magnetic field projected onto the plane 
of the sky in Galactic coordinates, ry is the angle between the plane of the sky and 
the local magnetic field direction, and Q.i,ll are the extinction efficiencies of the 
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long (perpendicular) and short (parallel) axes from Draine (1985). The polarizing 
efficiency of dust, assumed to be identical throughout the Galaxy, is set to unity 
in these simulations (in the following analysis only ratios of stokes parameters or 
polarizations are used and the specific value of E does not affect the results). 
The degree of polarization (P) and Galactic position angle (GPA) can then be 
calculated: 
P= JU2+Q2 
1 GPA = "2 arctan(U /Q) 
(2.5) 
(2.6) 
The uncertainty, and possible variation, of the polarizing efficiency of dust in the 
Galaxy affect the calculation of the absolute degree of polarization. Instead, the dis-
tributions of modeled degrees of starlight polarization were post facto normalized by 
the maximum calculated polarization in order to facilitate comparison with observed 
NIR polarization distributions. No additional constraints have been placed on the 
simulated star parameters, and all stars with H < 14 were used. 
Simulations for all 24 models were generated across the entire sky for five degree 
steps in Galactic latitude and longitude. Each of the 24 models consists of one 
magnetic field model plus one Galactic dust modeL The model designations and their 
associated magnetic field and dust models are listed in Table 2.2. Model numbers 1-6 
are the Ferriere & Schmitt (2000) SO models; models 7-12 are the Ferriere & Schmitt 
(2000) AO models; models 13-18 are the Moss et aL (2010) DEHO models; models 
19-24 are the axisymmetric analytic models. For each model, the P and GPA for 
each star in each Monte-Carlo stellar sample were calculated. The mean GPA and 
its dispersion were calculated for one 10' x 10' field of view at each sky grid direction 
for each modeL Cumulative distribution functions ( CDFs) of the polarizations from 
each model were also tabulated. The polarization CDFs are shown in Fig. 2.12 and 
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the quartile values of the cumulative PIP max distributions are presented in Table 
2.2. For example, for model 1, 50% of the PIP max values are smaller than 0. 0038. 
2.7 Results 
The variation of simulated starlight polarization across the sky, centered on the 
Galactic anti-center(£= 180°, b = 0°), for example SO, AO, DEHO, and axisymmetric 
analytic magnetic field models are shown in Figures 2.4, 2.5, 2.6, and 2.7. Predictions 
towards the Galactic center, and in particular in the Galactic plane, are likely less 
reliable than the outer Galaxy and higher Galactic latitudes because of the effects 
of star formation and supernovae, which may interact with the large-scale magnetic 
field. 
The SO (Fig. 2.4), DEHO (Fig. 2.6), and axisymmetric analytic (Fig. 2.7) 
magnetic field models all show similar structures, with magnetic field orientations in 
the disk parallel to the Galactic plane and polarization nulls and magnetic vanishing 
points near Galactic longitudes goo and 270°, directions which look along the toroidal 
magnetic field component. This is significantly different from the predictions of the 
AO models shown in Fig. 2.5 where the field is predominantly perpendicular to the 
Galactic plane and the polarization nulls towards /!, = oo and 180° occur at high 
Galactic latitudes. 
Toward the /!, = oo and 180° directions, many of the model predictions become 
degenerate. Specifically, the three SO, three DEHO, and e = oo analytic magnetic 
field models make identical predictions toward these directions at all Galactic lati-
tudes. The two other axisymmetric analytic models (p = -11.5° and -24°) differ 
because of projection effects alone. The /!, = goo and 270° directions are also de-
generate in all models except the AO, p = 11.5°, and 24° models (Models 21-24). 
Toward these directions, the field lies predominantly along the line of sight, so the 
Table 2.2. Model Designations 
Model Number Magnetic Field Magnetic Dust Model P /Pmax Percentiles [x10
4] 
Pitch Angle Reference a 25th 50th 75th 
1 SO reference run b 8.40 DS2001 13.6 38.3 151 
2 SO reference runb 8.40 SMB96 40.2 106 367 
3 SO reference with a que'nCJ:lingb 9.1° DS2001 16.8 47.6 178 : 
4 SO refer~nce with a quenchingb 9.1° SMB96 48.1 126 417 
5 SO with vacu)lm BOb 9.1° DS2001 16.8 47.8 189 
6 SO with vacuum :Bob 9.1° SMB96 47.0 124 427 
7 AD referenc~ run b 10.6° DS200l 21.1 57.8 103 
8 AD referenc~ rliiib 10.6° SMB96 53.5 157 248 
9 AD reference with a quenchingb 7.0° DS2001 21.3 57.7 104 
10 AD reference with a quenchingb 7.0° SMB96 54.0 157 249 
11 AD with vacuum BOb 7.3° DS2001 21.3 58.1 104 0:> 
12 AD with va:cm1m BOb 7.3° SMB96 54.0 158 251 t-.:J 
13 Gwind = 0, Ra,halo .. =.30QC 8.1° DS2001 17.0 48.3 188 , .. . ,. 
14 Gwind = O, Ra,halo = SQQC 8.1° SMB96 47.6 125 429 
15 Gwi:,_';J. = 100, Ra,halo :=::. 3QQC 13,0° DS2001 17.4 49.8 193 
16 Gwind = 100, Rcx,halo ~ 3QQC 13.0° SMB96 48.2 129 439 
17 Gwind = 200, Ra,lialo = 3QQC 21.0° DS2001 15.9 44.6 170 
18 Gwind '=' 200, Ro, halo == 3QQC 21 .. 0° SMB96 45.1 119. 398 
19 Analytic Model{ Q ~·oo · ' oo ;DS2001 10 . .6 30.0 112 
20 An?i\ytic Mm;Wt B =',09 . oo SMB96 3;3:7 88.1. 298 
21 Ana1;V;ic Model, ~ = 1.:]1\5° 11.5° DS2001 1:1..0 .. 3l.4 120 
22 AmiJYJ;icModel, e, = 1l.5° 11.5° SlV$96 &5.2 91.7 ,311 
23 Ah;,lYti:c Model, ~e ,; ~4 o . 24° DS2001 i2,7 35.0 12/5 
24 Analytic.Mo~el,,.B.;p,24° :- 24° SMB96. 40.5 105 339 
aDS2001. = Drinimel & Spergel (2001); SlVIB96 = Spergel eta!. (Hi96). 
bl\eiriere & Sehmitt. (2000) 
cMbss et .a!. (2010) 
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Fig. 2.4 Predicted mean Galactic P and GPA for 10' x 10' fields on a 5 x 5° grid 
for the SO Model 1. At each grid location, the uniform length vectors represent the 
GPA of the observed polarization and the background color represents the degree of 
polarization. All of t he SO magnetic field models produce a similar shape. 
toroidal component has a small projection onto the sky and the (mostly vertical) 
poloidal field projection dominates. This is also reflected in t he weak polarizations 
predicted for t hese directions. The AO models are almost entirely perpendicular to 
the Galactic plane for lbl < 45°. For lb l ;:::: 45°, the projection of the radial magnetic 
field component begins to align with t he Galactic plane. Because of all these effects , 
the directions near £ = oo, 90°, 180°, and 270° are not suitable for distinguishing 
among the various magnetic field model geometries. 
The effect of t he magnetic pitch angle can be evaluated by examining the ana-
lytic axisymmetric magnetic field models. In these models , the magnetic pitch angle 
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Fig. 2.5 Same as Fig. 2.4, but for the AO-type Model 7. 
was the only degree of freedom, and was systematically changed. In the models with 
large pitch angles(()= 11.5°, 24°; Models 21-24), the magnetic nulls shift in Galactic 
longitude (see Figs. 2.7 and 2.8), due to the change in the magnetic field geometry. 
The amplitude of the pattern's longitude shift depends directly on the magnetic pitch 
angle. 
To further illustrate difference between these predictions, simulated data were 
extracted from all the models at one example Galactic longitude (£ = 150°). As 
shown in the left panel of Fig. 2.9, the SO models are seen to all have similar shapes 
in the (PA, b) plane, especially when compared to the very different AO models 
shown in t he right panel of Fig. 2.9. The DEHO models of Moss et al. (2010) in the 
left panel of Fig. 2.10 have similar shapes to the SO models of Ferriere & Schmitt 
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Fig. 2.6 Same as Fig. 2.4, but for the DEHO Model 15. 
(2000). This is expected since the Moss et al. (2010) DEHO models have disk-even 
magnetic fields in the Galactic disk and odd magnetic fields in the halo. Both dust 
density models fall exponentially with Galactic height , so the modeled polarizations 
are more sensitive to fields in and near to the disk and less sensitive to far halo (high 
latitude) fields. The higher PA dispersions seen in the left panel of Fig. 2.10 toward 
Galactic mid-latitudes (10 < lbl < 50) in the DEHO models may be caused by partial 
sampling of the halo-odd field. 
The e = oo models (Models 19 and 20 in the right panel of Fig. 2.10) are 
qualitatively similar to the SO and DEHO models, however the other axisymmetric 
analytic models (Models 21-24 in the right panel in Fig. 2.10) show a flattening of 
their PA vs . b for the higher magnetic pitch angles. Bye= 24° (Models 23 and 24 in 
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Fig. 2. 7 Same as Fig. 2.4, but for analytic axisymmetric Model 21 with a magnetic 
pitch angle of -11.5°. 
the right panel of Fig. 2.10), the distribution of PA as a function of Galactic latitude 
is nearly fiat, with mean PAs around goo at all Galactic latitudes. In this case, the 
degenerate region that exists near R = 180° for the e = oo analytic model has shifted 
in Galactic longitude towards R = 150° (as seen in Fig. 2.8). This suggests that 
these predictions may be provide an observational test for the Galactic magnetic 
pitch angle. 
The degeneracies typically seen towards R = goo and 270° for the disk-even 
models with small magnetic pitch angles (Models 1-6, 1g, and 20) were broken for 
larger pitch angles (Models 21-24), thus the longitude location of the polarization 
nulls can be used as a tool for measuring the magnetic pitch angle. Heiles (1gg5) has 
37 
PmaJ2 0 
r-----1 
OJ 90 Q) 
u 
1.....-....J 
Q) 45 
u 
:::J 
-+--' 
-+--' 0 0 
_j 
u 
-45 
-+--' 
u 
0 
-90 -0 
C) 360 270 180 90 0 
Galactic Longitude [ deg] 
Fig. 2.8 Same as Fig. 2.4, but for analytic axisymmetric Model 23 with a magnetic 
pitch angle of -24 o. 
previously used the Galactic longitude location of these polarization null points at 
optical wavelengths to estimate the Galactic magnetic pitch angle. Towards .e = 150°, 
changes in the magnetic pitch angle cause distinctive changes in the shape of the 
GPA vs. Galactic latitude plot. This may allow observations in this direction to put 
constraints on the magnetic pitch angle of the Milky Way. 
The choice of dust models has a non-negligible effect. As an example, consider 
models 13 and 14 from the left panel in Fig. 2.10; both models use the same synthetic 
stellar sample and the same model magnetic field model from Moss et al. (2010), but 
use different dust models (Spergel et al. 1996 versus Drimmel & Spergel 2001). The 
RMS variation across the sky of the mean GPA differences between the two models is 
r---1 
(/) 
Q) 
~ 180 
~120 
~ 60 
Q) 0 
(J"l 
c 
<( 
c 180 
.Q 120 
='i7i 60 
0 0 D... 
u 
-+-' 
g 180 
0120 
0 60 
0 
-r-•]II]I!r]] Model 1 
!IIr- 1 1]1 ]r]],Jax..rj 
•rzi]JrJr]ri] . Model 2 
I!II-qr[ 
. I!IIIIIrJrqr: 
. ' 
Model 3 
-I•r]I,jr]r]]I!I 
. . ':•rr]!I!]r]r,,,,I] 
I Model 4 
'I•I ]r!r]II]I]!r-r I 
. II III]I!I']lr]j 
Model 5 
-]·t]II]tJr]] 
.. III'-·rrrr II ~ 
I r]IIrni] 
I Model 6 III! Irir]II]I]!t-r I 
I! ]!]]lj]I]Jrjf: 
-90 -45 0 45 90 
Galactic Latitude [b ], [degrees J 
38 
el 7 
u 
-+-' I I] I g180~~~~~~~+U~--~ 
0120 
c.? 6o II !III 
0 
-90 -45 0 45 90 
Galactic Latitude [b], [degrees] 
Fig. 2.9 Predicted mean Galactic polarization PAin 10' x 10' fields for simulated SO 
(left panel) and AO (right panel) models from Ferriere & Schmitt (2000) ate= 150° 
as a function of Galactic latitude. The error bars represent the ±5o- P A dispersions 
for all stars in each Galactic latitude field. For the AO (right panel) model, some 
data points appear twice because of the 180° ambiguity in GPA. 
1.09°, which is small or comparable to the mean GPA dispersion for each model (0.91 o 
for Model13, and 1.77o for Model14). The most significant difference between the 
two models is found in the intrinsic GPA dispersions, shown as a ratio in Fig. 2.11 
for the Galactic longitude e = 150°. The differences seen in the GPA dispersions 
must be due to the dust model details. This effect was seen along all simulated 
Galactic longitudes. The Drimmel & Spergel (2001) dust model (used for Model14) 
includes the local arm, spiral arms, and a Galactic warp, which were not included in 
the Spergel et al. (1996) model (used for Model 13). The choice of dust model also 
affects the tabulated CDF vales for the different models, as listed in columns 5-7 of 
Table 2.2. For any of the four classes of magnetic fields used, there are polarization 
amplitude differences among the three Drimmel & Spergel (2001) models and the 
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Fig. 2.10 Same as Fig. 2.9, but for DEHO models (left panel) from Moss et al. (2010) 
and the analytic axisymmetric models (right panel) described in Section 2.3. 
three Spergel et al. (1996) models. For all the magnetic field models listed in Table 
2.2, the Drimmel & Spergel (2001) models produce lower normalized polarizations 
than the Spergel et al. (1996) models. 
All of these simulations were assumed to be optically thin, and are therefore 
wavelength independent. At NIR wavelengths this is a reasonable assumption (except 
towards dense objects like infrared dark clouds) since the optical depth in the diffuse 
ISM will reach unity in H-band, for example, at a distance of approximately 8 kpc 
(Whittet 2003). The polarization optical depth, which corresponds to the difference 
between the parallel and perpendicular optical depths, will remain optically thin 
throughout the Galaxy. In this case, NIR polarization observations are typically 
limited by the apparent magnitude of the background star. 
However, wavelength is known to affect the polarizing efficiency of dust grains 
(Serkowski et al. 1975). This means that the predicted polarization ratio of any two 
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Fig. 2.11 Ratio of Model13 (using the Spergel et al. (1996) dust model) and Model 
14 (using the Drimmel & Spergel (2001) dust model) GPA dispersions as a function 
of Galactic latitude for .£ = 150°. 
stars is the same at all wavelengths (e.g., PHI/PH2 = Pvi/Pv2 for stars 1 and 2). 
Under this assumption, scaling of the absolute degrees of polarization at different 
wavelengths only requires use of a multiplicative factor. This also implies that a 
single scaling factor exists between these predicted, normalized degree of polarization 
distributions and the actual polarization distribution of stars. These effects will not 
change the observed PA for a given star since, under these assumptions, the polarizing 
efficiency does not affect the P A calculation. 
In Fig. 2.12, the CDFs of the predicted polarization values in each model are 
shown, normalized by the value for the star with the highest predicted polarization. 
The star with the highest predicted polarization value has typically 20-40 times the 
average modeled polarization. In 75% of the models, the star with the highest po-
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Fig. 2.12 Cumulative probability distributions (CDFs) of stellar polarization for 
all 24 models, normalized by the maximum predicted degree of polarization, shown 
for cumulative probabilities of 0 to 0.1. These CDFs can be used to calibrate the 
predicted polarization distributions with observations. 
larization was a simulated G2 supergiant at 13.31 kpc, and in 25% of the models it 
was a simulated F8 supergiant at 13.51 kpc (each of the models used the same syn-
thetic, all-sky stellar population sample). These were some of the most distant stars 
returned by the Robin et al. (2003) stellar population modeL The long distances be-
tween these stars and the observer generated larger degrees of starlight polarization. 
These bright stars are exceedingly rare, but may be detected in magnitude-limited 
polarization surveys covering large fractions of the sky. Since these high polarization 
stars make up such a small fraction of the total population, the CDFs shown in Fig. 
2.12 only span the lowest ten percent of the P /P max range (x-axis). 
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A discontinuity is seen in all the CDFs at approximately the 93rd percentile, 
where distant, high polarization stars occur. There are also differences to be noted 
between the odd-numbered models, which used the Drimmel & Spergel (2001) dust 
distribution, and the even-numbered models, which use the Spergel et al. (1996) dust 
distribution. For a given magnetic field geometry, the models using the Spergel et al. 
(1996) dust distribution show predicted polarizations typically about four times 
larger than the models using the Drimmel & Spergel (2001) dust distribution. This 
effect is strongest for low polarization stars and weaker for the stars with the high-
est polarizations. Normalization by the maximum predicted polarization does not 
mask the effect. It is caused by differences in the normalization constants used for 
the two dust distributions. The dust column was calculated for every synthetic star 
using the two different dust distributions. The average dust column ratio between 
the two different dust models was 4.2, which is approximately the maximum value 
in a corresponding polarization ratio distribution. The interplay between the exact 
dust distribution and the projected magnetic field geometry can cause depolarization 
along the line-of-sight, which causes a smaller polarization ratio for some stars. 
In addition to an unknown polarization scaling factor, actual observations will 
suffer from censoring at the low polarization end of the CDF as stars fall below 
polarization detection thresholds. Stars above the detection threshold can be used to 
calculate an appropriate scaling factor to match observations to the current simulated 
predictions. In practice, the censoring of P below an observational polarization limit 
would manifest as a sharp cutoff at the low polarization end of the CDF. The low 
and high polarization ends of the CDF may also suffer from undersampling. The 
25th, 50th, and 75th percentile CDF polarization values may serve as appropriate 
locations to easily calculate this scaling factor, and these values are tabulated for 
each of the model CDFs and presented in Table 2.2. 
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In a magnitude-limited polarimetric survey, the observed polarization CDF of 
all stars (including non-detections) above the observational apparent magnitude limit 
would be constructed. A predicted degree of polarization CDF in the same region 
of the sky, at the same limiting magnitude, should be simulated. The ratios of the 
degrees of polarization at a given percentile value in the observed and simulated 
CDFs will give the normalization factor. This normalization factor can then be used 
to calibrate the predicted degrees of starlight polarization to actual observations and 
test the predictions. 
2.8 Discussion 
The simulations presented here attempt to bridge the gap between theory and 
observation by making testable predictions for starlight polarization observations 
based on models of the large-scale structure of the Galactic magnetic field. These 
predictions, when combined with NIR polarization observations, can be used to test 
the models for the large-scale magnetic field and their physical underpinnings. Polar-
ization of background starlight is insensitive to magnetic reversals and cannot address 
the presence or location of reversals. However, these polarizations can allow testing 
for the existence and nature of the poloidal component of the Galactic magnetic field, 
since all SO models yield similar polarization predictions across the sky and all AO 
models yield similar predictions that are distinctly different from the SO models. The 
predicted longitude shift of the polarization null points with magnetic pitch angle, 
demonstrated in Models 19-24 (a small shift is seen all of the models, however only 
Models 19-24 systematically vary the magnetic pitch angle), may facilitate an obser-
vational test for the Galactic magnetic pitch angle in the disk, similar to the work 
of Heiles (1996). This test is fundamentally different from previous attempts to use 
Faraday rotation of pulsars and extragalactic sources to model the magnetic pitch 
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angle (Rand & Kulkarni 1989; Men et al. 2008; Nota & Katgert 2010; VanEck et al. 
2011). 
The Galaxy was assumed to have an axisymmetric magnetic field based on 
theory (Ruzmaikin et al. 1988; Brandenburg et al. 1990; Moss & Brandenburg 1992) 
and observational evidence (Rand & Kulkarni 1989; Rand & Lyne 1994; Sun et al. 
2008; Ruiz-Granados et al. 2010), but there is some evidence in other galaxies (par-
ticularly in M81, Krause et al. 1989b; Sokolov et al. 1992) that bisymmetric fields 
may exist. Becket al. (1996) indicate that many of the galaxies showing evidence 
for bisymmetric magnetic fields also show evidence for galaxy interactions, so we 
might not expect this magnetic field structure for the Milky Way (based on a lack 
of major merger events; Gilmore et al. 2002) and the axisymmetric assumption may 
hold. Higher order azimuthal symmetries might also be possible, but their amplitudes 
should be relatively small (Beck et al. 1996). 
NIR starlight polarimetry can be used to easily distinguish between symmetric 
and antisymmetric disk-symmetry in the Galactic magnetic field. It is also possible 
to measure the Galactic magnetic pitch angle of the Milky Way Galaxy. However, as 
shown in Figs. 2.9 and 2.10, starlight polarimetry is unable to provide observational 
predictions for the differences between, for example, the three SO magnetic field 
models from Ferriere & Schmitt (2000) (Models 1-6 in the left panel of Fig. 2.9). 
Testing the importance of alpha-quenching and boundary conditions on Galactic 
dynamo simulations is beyond the scope of the predictions made here. The differences 
caused by the two different dust distributions, as shown in Fig. 2.11, suggest that 
these predictions may provide a test for the level of detail necessary in Galactic 
dust models to reproduce starlight polarimetry. Larger observed GPA dispersions 
would indicate that a more detailed dust model is needed to accurately reproduce 
the starlight polarimetry. 
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The polarization mechanism used m these simula-
tions works from the NIR through ultraviolet wavelengths (Serkowski et al. 1975; 
Codina-Landaberry & Magalhaes 1976; vVhittet et al. 1992). However, NIR light is 
less attenuated by interstellar dust and can probe magnetic fields along multi-kpc 
scales, while the optical wavelengths only probe magnetic fields within about 1 kpc 
(Fosalba et al. 2002). As described by Serkowski et al. (1975), the polarization sig-
nal in the NIR is weaker than the visible by a factor of four or more. However, 
NIR polarimetric observations at this level are possible with recent instrumentation 
(Kandori et al. 2006; Clemens et al. 2007) and should soon provide large data sets 
capable of testing models of the large-scale structure of the Galactic magnetic field 
(e.g., Clemens et al. 2012a,c). 
The simplest comparison may be through collecting the polarization behavior 
exhibited through a set of samples of all Galactic latitudes at a single Galactic longi-
tude, as shown in Figs. 2.9 and 2.10. To best understand the poloidal component of 
the Galactic magnetic field, these observations should be made in the outer Galaxy 
longitude ranges of 1!. = 110 - 160° or 1!. = 200 - 250°. These ranges avoid the de-
generate regions that reside near 1!. = 0, 90, 180, and 270° with a 20° buffer zone 
in either direction to allow for possible wander caused by any reasonable magnetic 
pitch angles. A different test to measure the Galactic magnetic pitch angle would 
consist of NIR polarization observations along a range of Galactic longitudes a single 
Galactic latitude, say b = 15°, similar to the approach of Heiles (1996). 
2.9 Summary 
Predictions for the polarization of background starlight, based on physics-driven 
Galactic dynamo simulations and empirical Galactic dust distributions, are pre-
sented. A Stokes radiative transfer model was used to predict the observed stellar 
·-·-:-
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polarization properties from synthetic realistic stellar distributions in the Galaxy. A 
range of sky directions are suggested as particularly di~grf~stlc regions for differentiat-
ing among Galactic magnetic field model geometries. Samples ·across many Galactic 
longitudes at one Galactic latitude may also be appropriate· for characterizing the 
magnetic pitch angle of magnetic field patterns in the Galaxy. 
The cumulative distribution function of observed starlight polarizations is pro-
posed as a tool for calibrating these models. Table 2.2 presents quartile values, for 
each model, of the normalized degree of starlight polarization. These measures -are 
easily obtained from observations of starlight polarizations and can be used to deter~ 
mine a scaling coefficient between the predicted degree of polarization and observed 
degree of polarization. 
47 
Chapter 3 
Testing Galactic Magnetic Field Models: 
Observations and Analyses 
The goal of this chapter is to test the predictions of the previous chapter with 
new observations of near-infrared starlight polarimetry. The observations are char-
acterized) and the tests proposed in the previous chapter place strong observational 
constraints on the geometry of the large-scale Galactic magnetic field. 
3.1 Introduction 
The Galactic magnetic field is an important aspect of the interstellar medium, 
but even its large-scale structure is still uncertain. What symmetry properties does 
the field exhibit? Is the magnetic field axisymmetric, or are there field direction 
reversals at some radii? How is the magnetic field sustained? As a first step to 
addressing these questions, this chapter compares new near-infrared (NIR) starlight 
polarization observations to predictions of the polarization properties for different 
magnetic field geometries (Pavel 2011 and Chapter 2 of this dissertation). Through 
strong observational constraints, the mechanism that sustains the Galactic magnetic 
field can also be constrained. In addition to the large-scale symmetry of the Galactic 
magnetic field, these observations are also able to constrain the spiral-type magnetic 
pitch angle of the Galaxy. 
Chapter 2 used existing dynamo-driven Galactic magnetic field models and em-
pirical dust distributions to predict the NIR observational signatures of different 
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magnetic field models: SO (disk-even), AO (disk-odd), disk-even halo-odd (DEHO), 
and analytic axisymmetric. From these predictions, the shape of the curve of po-
larization Galactic position angle (GPA) with Galactic latitude (b) and cumulative 
distribution functions (CDFs) of the normalized degree of polarization were proposed 
as tools for testing predictions of the large-scale structure of the Galactic magnetic 
field against observations. Here, the predictions of Chapter 2 are tested against new 
observations of NIR starlight polarimetry with the goal of constraining the large-scale 
magnetic field geometry of the Milky Way. 
3.2 Observations and Data Reduction 
Observations were made with the Mimir instrument (Clemens et aL 2007) in 
H-band (1.6 Jtm) linear imaging polarimetry mode on the 1.8 m Perkins Telescope 
outside Flagstaff, AZ, on several nights from 2007 through 2009. Mimir uses a cold, 
stepping half-wave plate (HWP) and a cold, fixed wire grid to analyze starlight 
polarization across a 10' x 10' field of view. The detector is a 1024 x 1024 InSb 
Aladdin III array. 
The observations were taken along a line of constant Galactic longitude, .e = 
150°, for -75° < b < 10° in steps of h._b = 5° to enable comparison with the predic-
tions in Chapter 2. Observations taken at b =-5° were not used because the bright 
star HD 23049 contaminated the images. Instead, the neighboring b = -6° field 
was substituted. Galactic latitudes b = oo, -35°, -50°, and -55° were not observed 
because of poor weather. The Perkins telescope is unable to observe North of b = 10o 
or South of b = -75° at this Galactic longitude because of telescope mount limits. 
Additional measurements were obtained near the Galactic midplane at b = ±1.25° 
and ±2.5° to provide better resolution at those latitudes. 
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For each pointing, the HWP is rotated to 16 unique position angles, equivalent 
to four instrument position angle (IPA) measurements each at 0, 45, 90, and 135° 
(IPA=Oo is measured twice per HWP rotation). This is done toward six different 
sky dither positions, following a rotated hexagon pattern on the sky, for a total of 
102 images per pointing. Each target field consisted of four sets of observations with 
10 second integrations per HvVP position, for a total of 68 minutes of integration 
time per field. Integration times were set with the goal that the median polarimetric 
uncertainty at H = 14 was less than 1%. The dates of each observation are shown 
in column (2) of Table 3.1. Most of the observed stars have complementary NIR 
photometry from 2MASS (Skrutskie et al. 2006). 
Polarization standards were also observed for calibration. For the 2007 observa-
tions, the unpolarized star HD 42807 (Serkowski 1974) and polarized standard star 
HD 30675 CWhittet et al. 1992) were observed for calibration. For all other observa-
tions, the Galactic globular cluster NGC 5466 (Clemens et al. 2012b) was observed 
as a collection of unpolarized stars and the polarization standard stars Elias 14, 22, 
and 25 in Scorpius (Whittet et al. 1992; Clemens et al. 2012b) were observed. De-
tector linearity was characterized by observing the constant surface brightness of an 
in-dome screen for a range of exposure times, and each of the 16 HvVP position angles 
had a unique dome fiat measured, described in detail in Clemens et al. (2012c). Dark 
images were measured every night and bias images were measured several times per 
night to detect and mask bad/hot pixels across the detector. 
Data reduction was performed with two custom IDL software packages (available 
through the Mimir website1 ), whose details can be found in Clemens et al. (2012b,c). 
The first software package performs quality testing and applies linearity, dark, and po-
larimetric fiat field corrections. The second package calculates astrometric solutions 
1 http:/ /people. bu.ed u/ clemens /mimir / software.html 
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Table 3.1. Observations and Starlight Polarization Detections 
Galactic UT Date Significant Marginal Upper 
Latitude Observed Detectionsa Detectionsb Limitsc 
(1) (2) (3) (4) (5) 
-75° 2009 Nov 27 0 7 4 
-65° 2009 Dec 1 1 5 1 
-60° 2009 Nov 27 0 14 6 
-45° 2009 Nov 27 1 14 5 
-40° 2009 Dec 1 1 10 7 
-30° 2009 Dec 1 4 13 6 
-25° 2009 Nov 27 2 12 7 
-20° 2007 Nov 24 4 29 12 
-15° 2007 Nov 24 6 46 28 
-10° 2007 Nov 24 8 57 24 
-60 2009 Dec 1 34 54 14 
-2.5° 2007 Nov 25 76 108 8 
-1.25° 2007 Nov 25 60 117 12 
1.25° 2008 March 23 37 97 23 
2.5° 2007 Nov 25 51 93 16 
50 2008 March 23 19 52 5 
100 2007 Nov 25 28 56 16 
Total 332 784 194 
asignificant detections defined as PjO"p > 3 
bMarginal detections defined as 1.25 :::; P / O"p < 3. 
cUpper limits defined as PjO"p < 1.25 and and O"p < 1.0%. 
for each image, coadds images, extracts photometry, calculates H-band starlight po-
larizations, and applies instrumental polarization corrections. Since each of the fields 
was observed with four paintings at six dither positions per pointing in sixteen unique 
HWP positions per dither, a total of 24 ten-second exposures were taken through 
each HWP position of each field (the IPA= oa position had 48 ten-second exposures 
for each field). For each field, these 24 (48) exposures were coadded to form sixteen 
master HWP images per field. PSF-assisted aperture photometry (Clemens et al. 
2012c) of stars in these master HWP images were used to calculate the polarization 
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properties of each star. Starlight polarimetry was Rician-corrected for positive po-
larization bias ("Wardle & Kronberg 1974) and an empirically measured instrumental 
correction (Clemens et aL 2012b) was then applied to each star's initial polarimetry 
to obtain final, high quality polarimetry. 
PSF-assisted aperture photometry was introduced by Clemens et aL (2012c) as 
a way to extract high quality photometry from crowded star fields. For each target 
field, moderately bright stars are used to fit a variable point spread function (PSF, 
consisting of a two-dimensional Gaussian and residuals) across the detector for each 
of the 102 individual images. For each star in each image, the PSF model is used 
to iteratively subtract neighboring stars. After the target star has been isolated, 
multiple aperture photometry is used to extract the star's flux. Once all stars in the 
image have had their flux measured through multiple apertures, the final aperture is 
chosen that minimizes both sky noise and field polarization uncertainty. 
The final output is a catalog of stellar polarizations (polarization percentage, 
equatorial position angle, Stokes U, Stokes Q, and uncertainties in each quantity) 
with Mimir H-band photometry and 2MASS JHKs photometry, where available. The 
sixteen master HWP images are also coadded to create deep photometric images for 
each field. Figure 3.1 shows the coadded H-band intensity image obtained toward b = 
-6°, with measured polarizations shown as vectors. For detected polarizations, the 
length of the vector represents the degree of starlight polarization and its orientation 
represents the equatorial position angle of its electric field vector. A line of constant 
Galactic latitude is shown for reference. 
The I!= 150° region of sky was chosen for three reasons. First, the outer Galaxy 
provides a relatively quiescent region (compared to the inner Galaxy) where the large-
scale magnetic field can be observed. The inner Galaxy hosts much of the Galaxy's 
star formation and exhibits extensive overlapping supernova remnants, which can 
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distort the magnetic field on parsec to kiloparsec scales (Wolleben et al. 2010). Sec-
ond, Chapter 2 and Pavel (2011) showed that the directions .e = oo, 90°, 180°, and 
270° cannot be used to constrain the large-scale structure of the Galactic magnetic 
field. Third, the f = 150° fields overlap completed SDSS SEGUE (Yanny et al. 2009) 
imaging and spectroscopy fields. Subsequent analysis of the photometry and spec-
troscopy obtained by SEGUE may be used to inform distance estimates for the stars 
observed here to enable decomposing the magnetic field projections with distance, 
though that is beyond the scope of this dissertation. 
A total of 10,962 stars were detected in the combined photometric images, of 
which 332 had significant (Pja-p > 3) polarization detections, 784 had "marginal" 
(1.25 < Pja-p < 3) detections, and 194 had significant upper limits (Pja-p < 1.25 
and a-p < 1%). A sample of these 1,310 polarization 'targets' are listed in Table 
3.2 with Galactic coordinates, degrees of polarization, GPAs, 2MASS H- and K-
band magnitudes, and associated uncertainties. The entire dataset was published in 
Pavel et al. (2012). The lowest, median, and highest significant detected polariza-
tions are 0.19%, 1.51%, and 12.13%, respectively. All polarization target coordinates 
were passed through SIMBAD to search for previous spectral classifications, but only 
eight out of the 1,310 polarization targets had entries. Of these matches, three stars 
had spectral classifications (A2V, A3V, and M3V) and one was identified as the X-
ray source 1RXS J042738.8+555831 (Voges et al. 1999), while the other four were 
only identified as stars. The SIMBAD search result suggests that this is a quiescent 
direction in the Galaxy suitable for probing the large-scale Galactic magnetic field. 
To aid in determining the completeness of these observations, the distribution 
of H-band magnitudes for all detected stars was examined. These distributions show 
what the photometric observations are complete to H ~ 16.5 mag and the polari-
metric observations appear complete to H ~ 13 mag. The integration times were 
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Table 3.2. Starlight Polarization Observations 
2MASS 
.e b p CYp GPA CYQPA H CYH K CYK 
[deg] [deg] [%] % [deg] [deg] [mag] [mag] [mag] [mag] 
(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) 
150.00762 -75.07904 6.22 3.21 140.53 14.77 15.360 0.102 15.121 0.136 
149.76181 -75.05685 2.65 1.26 112.51 13.58 13.615 0.037 13.476 0.043 
150.10707 -75.02797 0.00 0.60 0.00 180.00 13.489 0.029 13.462 0.041 
150.08486 -74.97565 0.63 0.62 20.77 28.06 13.087 0.026 13.057 0.032 
149.86210 -74.96854 0.00 0.46 0.00 180.00 11.966 0.025 11.755 0.026 
149.90275 -74.95584 4.46 2.30 118.54 14.81 15.002 0.071 14.678 0.103 
150.16407 -74.95089 6.51 4.18 175.15 18.41 15.318 0.106 15.436 0.169 
150.08958 -74.93429 6.15 3.75 116.61 17.47 15.494 0.113 15.205 0.146 
150.10019 -74.93291 0.00 0.69 0.00 180.00 13.026 0.030 12.994 0.035 
149.96803 -74.92756 7.92 4.36 107.68 15.78 15.593 0.113 15.430 0.187 
150.24836 -65.02715 2.28 0.92 46.20 11.58 0.000 99.990 0.000 99.990 
Note. - Table 3.2 is published in its entirety in Pavel et al. (2012). Stars with missing 
2MASS photometry are listed as having apparent magnitudes of 0.00 mag and uncertainties 
of 99.99 mag 
set so that the median polarization uncertainty, CJp, would be less than 1% for stars 
brighter than H = 14. As shown in Figure 3.2, this goal was not quite achieved, 
with a median polarization uncertainty of 1.3% at H = 14. The shape of the curve 
in Fig. 3.2 indicates that polarimetric uncertainties are limited by photon noise. 
The polarization efficiency (P /Av) towards each star carries information about 
the polarization environment and polarization mechanism (Goodman et al. 1992; 
Lazarian et al. 1997; Whittet et al. 2008). Because these observations span from 
the Galactic midplane to 75 degrees above the Galactic plane, a change in P j Av 
could indicate a change in grain alignment mechanism. The extinction towards each 
star can be estimated from the observed (H-K) 2MASS colors and the intrinsic col-
ors from Bessell & Brett (1988). Assuming all stars have an intrinsic (H-K) color of 
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Fig. 3.2 Distribution of polarization uncertainty as a function of H-band magnitude. 
The solid line traces the median polarization uncertainty with apparent magnitude. 
The median polarimetric uncertainty at H = 14 is shown by the dashed lines. 
0.1 ± 0.1 mag (Lada et al. 1994), E(H-K) values can be converted to extinctions at 
V-band, Av, as: 
(3.1) 
assuming r' = 16 for the diffuse ISM (Whittet et al. 1996). Considering only stars 
with measured 2MASS (H-K) colors, 2MASS photometric SNR > 3 for both Hand 
K bands, and polarimetric SNR > 3, the resulting photometric and polarimetric 
extinction distributions are shown in Figure 3.3. The median extinction of the pho-
tometric and polarimetric stars are Av = 2.6 and 1.8, respectively. In Fig. 3.3, 
the photometric and polarimetric distributions appear to have similar shapes, but a 
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Fig. 3.3 Distributions of the estimated extinctions towards photometric (dotted line) 
and significantly polarized (solid line) stars, as described in the text. 
Kolmogorov-Smirnovtest shows that the probability they are drawn from the same 
parent distribution is less than 10-10 . This indicates that the polarimet.ric selection 
criteria does introduce a selection bias to that sample. The most heavily extincted 
sta~s in the photometric sample are also the faintest, and their polarimetric SNR 
falls below the detection threshold. The observed distribution of polati!6.ation with 
extinction was examined for trends in the polarization efficiency (P/A.y}with Galac-
tic latitude, but none were seen. This implies no detectable chaug¢:i~'thepolar1zation 
- -- . . -._:: .... -
mechanism with Galactic latitude . 
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Fig. 3.4 Observed degree of H-band polarization of starlight as a function of (H-K) 
color. Stars with polarimetric SNR greater than 2.5 are shown by squares. The 
diagonal dashed lines represents the maximum expected H-band polarization as a 
function of (H-K) color (Serkowski et aL 1975; Whittet 2003). 
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The observed degree of polarization as a function of 2MASS (H-K) color is 
shown in Figure 3.4. For clarity, uncertainties are not shown, though they gen-
erally increase towards both higher polarizations and redder colors. The diagonal 
dashed line represents the empirically-derived maximum expected polarization per 
unit extinction (9% Pv/Av; Serkowski et al. 1975), scaled to NIR observable quan-
tities (15.1% PH/(H-K) Serkowski et al. 1975; Whittet 2003). Stars below this line, 
for example, may suffer some degree of depolarization along the line-of-sight or have 
atypical intrisic NIR colors (e.g., very cool stars, where assuming observations occur 
on the Rayleigh-Jeans side the blackbody curve is incorrect). Stars above this line 
show 'anomalous polarization' for their observed NIR colors, though the observa-
tional uncertainties are typically large. Most stars with polarimetric SNR greater 
than 2.5 (squares) agree with this empirical relationship. A more thorough exami-
nation of the stellar populations probed with NIR polarimetry will be discussed in 
Chapter 4.5.1. 
In Figure 3.5, the observed GPA of each significantly and marginally detected 
starlight polarization is shown, as a function of Galactic latitude. The typical GPA 
uncertainty is 5° for the significant detections and 21 o for the marginal detections. 
Alignment with the Galactic plane would occur at G P A = 90°, as shown by the 
horizontal dotted line. Fairly good alignment is seen near the Galactic midplane 
(b rv 0°), in agreement with the findings from optical polarimetry (Heiles 2000). To 
quantify the GPA for each field and how it varies with Galactic latitude, the GPA 
weighted means and uncertainties were calculated for each field and are shown in 
Figure 3.6. The error bars in the figure represent the weighted ±lCT uncertainties in 
the mean GPAs. 
The polarization CDF for stars exhibiting significant polarization (PjCTp > 3) 
for all latitude bins is shown in Figure 3. 7. The 1st, 2nd, and 3rd quartiles occur 
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Fig. 3.5 Measured Galactic position angle (GPA) as a function of Galactic latitude 
for stars showing significant or marginal starlight polarizations. The dotted line at 
GPA = 90° represents perfect alignment between the starlight polarization and the 
Galactic plane. 
at 1.04%, 1.54%, and 2.38%, respectively, and are shown by the dashed lines in 
Fig. 3. 7. This distribution is dominated by low Galactic latitude observations where 
more stars were observed. The smallest significantly detected polarization was 0.19%, 
which is comparable to the polarization sensitivity limit of these observations. The 
polarization lower limit arises from both photon noise and calibration uncertainties, 
as discussed in Clemens et al. (2012b). 
60 
130 I I I I 
,- ----- -- - - --- - -- -- ~ 
if : -
,........, 
~ 110 r--- -
"0 
........., 
1 00 r- : , f l I : -
I I I T 
90 r-··············-~-~-~-~-~-~-=-=-~--~--~-~-~-~-~-~--~-~~-~f:~~--;~------~---·········-
I -
70 L-~~-L~~~--~~~~L-~~-L-~'~~-i~l--~~~_J 
-80 -60 -40 -20 0 20 
Galactic Latitude [deg] 
Fig. 3.6 ·weighted mean GPA for each observed field, versus Galactic latitude. The 
error bars represent the weighted uncertainties of the means for each field, and the 
dotted line represents perfect alignment with the Galactic plane. The dashed box 
identifies the Galactic latitude range that is most diagnostic for constraining the 
Galactic magnetic pitch angle (see text in Section 3.3.2). 
3.3 Comparison with Simulated Observations 
Comparisons of these observations with predictions of the large-scale structure of 
the Galactic magnetic field can constrain the magnetic geometry. In Chapter 2, sim-
ulated all-sky NIR starlight polarization observations were presented for several mag-
netic field geometries. These included: three AO (disk antisymmetric), and three SO 
(disk symmetric) magnetic field geometries (Ferriere & Schmitt 2000); three DEHO 
geometries (Moss et aL 2010); and three analytic axisymmetric magnetic fields with 
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Fig. 3.7 The observed starlight polarization percentage CDF for all 386 high-
significance (Pjup > 3) stars, drawn from all latitude bins. The dashed lines show 
the locations of the 1st, 2nd, and 3rd quartiles of the significantly detected polariza-
tion values. 
different pitch angles (ex = 0°, -11.5°, and -24°). SO and AO magnetic fields are 
two common axisymmetric predictions for the large-scale structure of the Galactic 
magnetic field. DEHO magnetic fields, predicted by Moss et al. (2010) and possi-
bly observed by Sun et al. (2008), invoke a Galactic wind that causes independent 
Galactic halo and disk dynamos. Analytic axisymmetric magnetic fields (consisting 
of only Bq; and Br components) were used in Chapter 2 to predict the effects of a 
spiral-based Galactic magnetic pitch angle on the observed polarization distribution, 
and do not represent a magnetic field geometry with a known physical basis. All of 
these magnetic field models were combined with two different empirical dust distri-
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butions (Spergel et al. 1996; Drimmel & Spergel 2001) yielding a total of 24 sets of 
predictions, as summarized in the first three columns of Table 3.3. In addition to an 
all-sky map for each prediction, an .e = 150° GPA with b plot was shown, all-sky po-
larization CDFs were plotted, and the 1st, 2nd, and 3rd all-sky CDF quartile values 
were tabulated for synthetic stellar samples complete to H = 14. 
In Chapter 2, I suggested two tests that would be diagnostic for comparing the 
predictions with observations: (1) comparing the CDFs of the observed and predicted 
starlight polarizations, and (2) comparing the change in GPA with Galactic latitude 
between the observations and predictions. Each test is applied and discussed below. 
3.3.1 Cumulative Distribution Functions 
The predicted CDFs in Chapter 2 were normalized by the maximum predicted 
polarization because of uncertainties in the degree of polarization caused by the 
unknown magnetic alignment and dust polarization efficiencies. If these factors do 
not change significantly along or between different lines of sight in the diffuse ISM, 
then the predicted GPA is unaffected and the normalized CDFs are related to the 
actual polarization CDFs by a multiplicative factor. 
The Chapter 2 predictions were generated for the whole sky, while the observa-
tions presented here cover only a small region of sky. Since the predicted degree of 
polarization strongly depends on Galactic latitude and longitude, a subsample was 
drawn from the all-sky predictions that included only those directions corresponding 
to observations reported here. To account for the observations at b = ±1.25°, ±2.5°, 
and -6°, which had no corresponding predictions, new simulations towards these 
directions were also made, following the procedure in Chapter 2, and are included in 
the subsample. 
vVhile the shapes of the variation of GPA with Galactic latitude at .e = 150° 
presented in Chapter 2 are unchanged, the new subsample predicted polarization 
Table 3.3. Observed IVIodel Parameters 
Model Magnetic Dust K-S Test Fitting Constantsd b.GPA 
Number Field Model a Probability A B C[x10-4] D[x1o-5] [deg] 
(1) (2) (3) (4) (5) (6) (7) (8) (9) 
1 SO reference runh DS2001 0.195 90.1 -0.72 -1.53 4.00 7.14± 0.94 
2 SO reference runb SMB96 0.079 90.1 -0.71 -0.98 3.95 6.99 ± 0.94 
3 SO reference with alpha quenchingh DS2001 0.252 90.0 -0.58 2.19 3.35 3.69 ± 0.94 
4 SO reference with alpha quenchingh SMB96 0.094 90.0 -0.58 2.67 3.36 3.60 ± 0.94 
5 SO with vacuum BCb DS2001 0.270 90.0 -0.57 1.60 3.22 4.54± 0.94 
6 SO with vacuum BCh SMB96 0.105 90.0 -0.57 2.08 3.24 4.46 ± 0.94 
7 AD reference run b DS2001 0.241 -0.20 0.043 43.4 9.76 78.12± 1.03 
8 AD reference run h SMB96 0.055 -0.03 0.060 13.0 7.63 77.04± 1.50 
9 AD reference with alpha quenchingh DS2001 0.241 -0.24 0.039 41.5 9.58 77.72 ± 1.08 OJ 
10 AD reference with alpha quenchingh SMB96 0.084 -0.12 0.043 4.19 6.74 75.91 ± 1.71 w 
11 AO with vacuum BCh DS2001 0.241 -0.27 0.047 46.0 10.14 77.75 ± 1.08 
12 AD with vacuum BCh 1996sgni.conf .. 128S 0.063 -0.19 0.061 12.6 7.69 75.94±1.71 
13 DEHO Cwind = 0, Ra,halo = 300c DS2001 7.42 X 10 5 90.1 -0.80 -14.2 3.31 8.66 ± 1.15 
14 DEHO Cwind = 0, Ra,halo = 300c SMB96 2.70 X 10-5 90.1 -0.80 -14.7 3.24 8.68 ± 1.17 
15 DEHO Cwind = 100, Ra,halo = 300c DS2001 8.91 X 10-5 90.1 -0.77 3.87 5.36 8.69 ± 1.37 
16 DEHO Cwind = 100, Ra,halo = 300c SMB96 4.31 X 10-5 90.1 -0.78 3.11 5.35 8.66 ± 1.39 
17 DEHO Cwind = 200, Ra,halo = 300c DS2001 7.25 X 10-5 89.5 -1.13 -61.1 0.64 14.37± 1.28 
18 DEHO Cwind = 200, Ra halo = 300c SMB96 3.32 X 10-5 89.5 -1.13 -61.8 0.56 14.34± 1.30 
19 Ring, B = 0° DS2001 0.270 90.0 -0.54 0.71 2.95 2.56 ± 0.93 
20 Ring, B = 0° SMB96 0.167 90.0 -0.54 1.23 2.95 2.49 ± 0.94 
21 Ring, e = 11.5° DS2001 0.265 90.0 -0.31 4.86 1.89 -3.58 ± 0.93 
22 Ring, e = 11.5° SMB96 0.222 90.0 -0.30 5.25 1.89 -3.64±0.94 
23 Ring, e = 24° DS2001 0.270 90.0 -0.080 6.01 0.86 -9.66 ± 0.93 
24 Ring, B = 24° SMB96 0.156 90.0 -0.076 6.34 0.86 -9.72± 0.94 
aDS2001 = Drimmel & Spergel (2001); SMB96 = Spergel et al. (1996). 
hFerriere & Schmitt (2000) 
cMoss et al. (2010) 
dThe fit is of the form G P A = A + B X b + C x b2 + D X b3• 
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CDFs are, as would be expected, different from the all-sky CDF predictions. In 
Figure 3.8, the new subsample CDF predictions (solid lines, representing 332 stars 
towards only the directions with corresponding observations) are shown along with 
modified all-sky CDF predictions (dotted lines, which included stars from all locations 
in the sky) from Chapter 2. In the original all-sky predictions, a population of 
distant, high polarization stars exists towards the Galactic center (J.CJ < 20°, b = 
0°) that are not characteristic of the rest of the sky. The presence of these stars 
was identified in Chapter 2 as a discontinuity in the CDFs presented there. These 
very high polarization stars were removed from the all-sky CDFs (dotted lines in 
Fig. 3.8). Significant differences remain between the shapes of the modified original 
and subsample CDFs. The inclusion of four additional sightlines near the Galactic 
plane (b = ±1.25°, ±2.5°) to the subsamples preferentially adds higher polarization 
stars, because of the large dust columns expected in the plane, which increases the 
cumulative probability at higher polarizations. This results in a lower cumulative 
probability at small P/Pmax and higher probability at large P/Pmax, seen in all of 
the CDFs as a general flattening of the subsample (solid) curves. 
The multiplicative scale factors between each of the new predicted subsample 
CDFs and the observed CDF must also be calculated. Simple comparison of nor-
malized predicted subsample CDFs to the observed CDF is unreliable because the 
maximum observed polarization value (used to normalize all other values) was based 
on a single star in the high end tail of the polarization probability distribution. A 
single extreme polarization value would affect all of the normalized starlight polar-
izations and could significantly change the CDF. 
For each model comparison, the null hypothesis is that the subsample-predicted 
and NIR-observed polarization CDFs are drawn from the same parent distribution. 
If the probability that they are drawn from the same parent distribution is small, 
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Fig. 3.8 Predicted starlight polarization CDFs for the subset of directions corre-
sponding to the observations reported here (solid lines). These curves are different 
from the modified all-sky curves presented in Chapter 2 (dotted lines), especially at 
low and high polarizations because of the limited sampling of the sky by the new 
observations and the latitude and longitude dependence of starlight polarization. 
the null hypothesis can be rejected. The Kolmogorov-8mirnov (K-8) test was used 
to determine both the appropriate scaling factor and to perform the test of the null 
hypothesis. By scaling the predicted subsample CDFs so that the maximum absolute 
difference between the observed and predicted CDFs was minimized, the K-8 proba-
bility that the CDFs are drawn from the same parent distribution is maximized. This 
introduces a heavily conservative bias that overestimates the likelihood of agreement. 
If this overestimated probability is still significantly small, then that particular model 
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can be rejected. In this case, the overestimated probability is a strong, conservatively 
biased criteria for rejecting the null hypothesis. 
For sky locations matching the observations, 866 simulated stars with H:::;14 mag 
make up the predicted subsample CDFs. The 332 observed stars with H:::;l4 mag 
and significant polarizations make up the NIR-observed CDF. Many of the simulated 
stars, however, would actually have polarization values below the NIR observational 
limit and should be culled. vVhen scaling the predicted degrees of polarization, all 
simulated stars (including stars that should be unobservable) were used. The obser-
vations only consisted of significantly detected stars. Simply removing the simulated 
stars with scaled polarizations below the observational polarization limit would in-
troduce a positive polarization bias to the remaining stars. 
To properly account for this potential bias, the following procedure was used for 
each of the 24 subsample predictions. First, the entire predicted subsample polar-
ization CDF was scaled so that the maximum deviation between it and the observed 
polarization CDF was minimized. Next, model stars with scaled polarizations below 
the observational polarization threshold (0.19%) were identified and removed. Then, 
a new predicted polarization CDF was calculated and scaled to the observations 
again. The resulting (overestimated) K-S probabilities for each model-observations 
comparison are listed in column ( 4) of Table 3.3. These represent the probabilities 
that the best-scaled predicted CDFs were drawn from the same population as the 
observed CDF. The largest probability of all the models is only 0.27 and is too low to 
identify any obvious good match. The smallest probabilities (strongest model rejec-
tions) are approximately 10-5 for the DEHO models, though further consideration 
is necessary before rejection and will be discussed below. 
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3.3.2 GPA vs. Galactic Latitude 
The second observational test proposed in Chapter 2 was based on the depen-
dence of the polarization GPA on Galactic latitude. The observational data for this 
test were shown in Fig. 3.5. vVeighted means and uncertainties in the mean for each 
latitude bin were shown in Fig. 3.6. To facilitate comparison with the observations, 
the runs of predicted GPAs, for each model at .e = 150°, as a function of Galactic 
latitude (Figs. 2.9 and 2.10) were fit by a third order polynomial: 
(3.2) 
where GPA is the predicted Galactic polarization position angle; b is the Galactic 
latitude of the prediction; and A, B, C, and D are constants to be fit. The parameters 
from these fits are listed in columns (5)-(8) in Table 3.3. The choice of a third-order 
polynomial was based on an F-test. 
The observed GPAs and two example model polynomial fits are plotted in Figure 
3.9. Model 1 (top panel) is an example of a fair match between the predictions 
and observations and Model 7 (bottom panel) is an example of a poor match. For 
each latitude bin having observations, the difference between the predicted mean 
GPA and observed mean GPA was calculated. These are shown in Figure 3.10 for 
all models. The weighted observational mean GPA uncertainties and the predicted 
subsample GPA dispersions are combined in quadrature to estimate the uncertainties 
for these differences. In Fig. 3.10, Models 1-6 and 13-24 show fair agreement between 
predictions and observations. Models 7-12 (AO magnetic field geometries), however, 
do not agree with the observations. Most latitude bins have significant discrepancies 
of .6.GP A> 80° (all latitude bins have .6.GP A> 60°), essentially orthogonal to the 
predicted GPAs, and therefore are not shown. 
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Fig. 3.9 Two example model polynomial fits (dashed lines) plotted over the observed 
GPAs (points) as a function of Galactic latitude. For clarity, only the significantly 
detected (P / a-p > 3) polarizations are plotted, and are identical in both panels. 
The SO-type Model 1 (top panel) is an example of fair agreement between the pre-
dictions and observations. The AO-type Model 7 (bottom panel) is an example of 
poor agreement, with an approximately goo difference between the predictions and 
observations. 
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Fig. 3.10 The differences between the observed mean GPAs and predicted subsample 
mean GPAs in each latitude bin for Models 1-6 and 13-24. Models 7-12 are not shown 
because the differences for all latitude bins are greater than 60°. The error bars show 
the ±1o- uncertainties for each difference. The effect of magnetic pitch angle on 
.6.GP A for JbJ > 10o is seen in Models 19-24 where the pitch angle (listed to the right 
of each plot) is varied. 
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To reject specific models, it is necessary to quantify these differences. For each 
model, a weighted average (weighted by the inverse of the squared uncertainty) of the 
differences between the model's predicted GPA and observed GPA in each latitude 
bin, as shown in Fig. 3.10, was calculated and the weighted uncertainty in this 
average difference was obtained by propagation. The uncertainties in each of the 
latitude bins included in these weighted means were similar, therefore one or two 
particularly discrepent latitude bins will not dominate the weighted average. These 
values and uncertainties are listed in column (9) in Table 3.3. ..While all SO, AO, 
and DEHO models can be rejected at the 3a- level, the AO models are particularly 
discrepant (>40a-) since they predict polarizations essentially perpendicular to the 
Galactic plane. 
3.4 Discussion 
Here, these observational results are summarized and the implications for the 
large-scale structure of the Galactic magnetic field are discussed. 
3.4.1 Large-Scale Magnetic Field Symmetry 
Using the two tests proposed in Chapter 2 and the observations reported here, 
all of the magnetic field models taken from the literature can be formally rejected as 
deviating by more than 3a- from the observations. The K-S analysis of CDF values 
was inconclusive about rejection of the predicted polarization values. None of the 
probabilities was high enough to suggest one set of models was the best choice, and 
(except for the DEHO models) the probabilities were not small enough to definitively 
reject classes of models outright. The differences between the predicted and observed 
polarization GPAs as a function of Galactic latitude are significant enough to reject 
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all of the magnetic field models. However, the full interpretation of these results 
requires a more careful analysis. 
The initial results should not be completely surprising, since the actual Galac-
tic magnetic field is unlikely to be as simply represented as the simulated magnetic 
field models. The dynamo-driven magnetic field models have a resolution of rv200 pc 
(Moss et al. 2010) or rv400 pc (Ferriere & Schmitt 2000), so any turbulence or mag-
netic disturbances on smaller scales is missing. The analytic axisymmetric models, 
with effectively infinite resolution, also lack turbulence. If turbulence creates ran-
dom magnetic field components, then along a line of sight the starlight is expected 
to suffer some depolarization as it passes through multiple randomly oriented cells 
(Jones 1989). Ohno & Shibata (1993) calculated a coherent magnetic cell size of 
10 to 100 pc using Galactic pulsar rotation and dispersion measures, implying that 
starlight from distant stars will generally pass through many cells. Pavel (2011) also 
discussed uncertainties in the predicted degree of polarization arising from changes 
in the polarization efficiency, though they are less likely to affect the GPAs. This, 
combined with uncertainties from the calculated scale factors, creates uncertainty in 
the absolute probability returned by the K-S test, though the relative probabilities 
may still provide insight into ranked likelihoods. 
Considering the relative K-S probabilities in Table 3.3, the SO, AO, and analytic 
axisymmetric models using the Drimmel & Spergel (2001) dust distributions have 
the highest probability (> 0.20) of being drawn from the same parent distribution 
as the observations. The DEHO models all produce polarization CDFs that are 
poor matches to the observed polarization CDF. The choice of dust model causes a 
significant difference in the probabilities for all models. The SO, AO, and analytic 
axisymmetric models using the Drimmel & Spergel (2001) dust distribution have 
larger probabilities (i.e., more similar to the observations) than the models using 
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the Spergel et al. (1996) dust distribution. This is not surprising given that the 
Drimmel & Spergel (2001) dust model accounts for more dust substructure (e.g., 
spiral arms, local arm, Galactic warp) than the axisymmetric Spergel et al. (1996) 
dust modeL The DEHO models, as shown by their K-S probabilities, are unable to 
reproduce the observed polarizations. 
The amount of polarization increases as starlight passes through the regular 
(uniform) magnetic field, but depolarizes as it passes through cells of randomly ori-
ented magnetic field. The interplay between regular and random magnetic fields 
strongly depends on the nature of turbulence, and beyond the scope of this disserta-
tion. Because of the lack of turbulent depolarization in the simulations, all simulated 
stars will show larger polarizations than would actual stars. The exact effect on the 
simulated degrees of polarization requires a detailed study of the ratio of power in the 
random and regular magnetic fields in the diffuse IS:NI, analogous to the studies that 
have been conducted in higher density molecular clouds (Falceta-Gon<;alves et al. 
2008; Hildebrand et al. 2009; Houde et al. 2009, 20ll). The changes to the degree of 
polarization caused by depolarization may be large enough to change the shape of 
the predicted polarization CDF and account for the significant differences measured 
by the K-S test. 
Given the uncertainties associated with the predicted degree of starlight polar-
ization, the distribution of GPA vs. Galactic latitude may serve as a better test for 
constraining the large-scale structure of the Galactic magnetic field. 
The AO (disk-odd) Galactic magnetic fields, models 7-12, show huge (> 75°) 
average differences between the observed and predicted GPAs towards f = 150° and 
are therefore not shown in Fig. 3.10. In typical AO magnetic field models, the 
poloidal magnetic field has a dipolar configuration and the toroidal magnetic field 
consists of antisymmetric tori of magnetic flux above and below the Galactic disk 
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with opposite field directions. To sustain this structure, there must be a toroidal 
null point approximately in the Galactic plane where the toroidal magnetic field 
goes to zero. At this point, only the poloidal magnetic field is expressed, which is 
oriented roughly in the Galactic North-South direction, orthogonal to the Galactic 
plane as seen in the simulations. Also, most of the toroidal magnetic flux in the 
specific AO magnetic field geometries used for these simulations (e.g., Fig. 10 in 
Ferriere & Schmitt 2000, for Iviodel 7) is contained within the solar circle and would 
not be probed when looking toward the outer Galaxy. Based solely on the GPA 
discrepancies, these AO models can be rejected. 
The rejection of AO magnetic field geometries is at odds with previous 
work utilizing Faraday rotation measure studies (e.g., Andreasyan & Makarov 1988; 
Han et al. 1997, 2003; Sun et al. 2008), which probe the electron density-weighted 
Galactic magnetic field over kiloparsec length lines of sight. Evidence for an antisym-
metric magnetic field is seen in antisymmetric rotation measures above and below the 
Galactic plane towards the Galactic center. This implies that the dominant toroidal 
magnetic field direction is reversed above and below the Galactic plane. However, as 
discussed in Section 2.1, vVolleben et al. (2010) has recently shown that this observed 
asymmetry may be dominated by a nearby (100 pc), northern-sky, HI bubble and 
that the observed asymmetry may not reflect the actual large-scale Galactic magnetic 
field. 
Starlight polarimetry, caused by dust grains tracing the Galactic magnetic field, 
is also affected by magnetic disturbances. The same nearby HI bubble discussed 
by vVolleben et al. (2010) is clearly seen in the optical polarization compilation of 
Heiles (2000). NIR polarimetry, along multi-kpc lines-of-sight, is less affected by 
magnetic structures than optical polarimetry because the fraction of dust column in 
the disturbance is typically small (magnetic structures are typically smaller than 100 
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pc; Ohno & Shibata 1993) compared to the dust column along the entire line-of-sight 
(typically several kiloparsecs). These observations were also in a direction with no 
known magnetic disturbances, unlike the directions (towards the Galactic center) 
used when interpreting Faraday rotation studies (e.g., Han et al. 1997, 2006). 
Both of these observations (NIR polarimetry and Faraday rotation) could be 
explained if the large-scale magnetic fields traced by each method were actually 
different. Faraday rotation is only sensitive to magnetic fields in regions with free 
electron, typically the hot ISM. NIR polarimetry probes magnetic fields anywhere 
dust is present, typically all phases of the diffuse ISM. If the large-scale magnetic 
field in the hot ISM were antisymmetric with respect to the Galactic disk and the 
large-scale magnetic field in the remainder of the ISM were symmetric, then these 
observations could be reconciled. However, this is an extremely unlikely situation. 
How could these two different phases of the ISM sustain vastly different magnetic field 
symmetries, espeically if the Galactic magnetic field is thought to be generated by one 
large-scale mechanism? ·while simulations predict that large-scale magnetic fields 
could theoretically exhibit a linear combination of symmetric and antisymmetric 
fields, these superimposed fields are not divided by phases of the ISM and would be 
traced by both starlight polarimetry and Faraday rotation. 
Previous Faraday rotation studies have been unclear about the large-scale disk 
symmetry of the Galactic magnetic field. By using an independent method (starlight 
polarimetry instead of Faraday rotation) away from known magnetic disturbances 
(the outer Galau"Xy instead of the Galactic center which is biased by local magnetic 
field disturbances), the rejection of the AO magnetic field geometry is robust. The 
analytic axisymmetric models (Models 19-24) show the best overall matches, both in 
degree of polarization and GPA. The difference between the observed and predicted 
GPAs suggests that -24° is too large to match the observations. Based on the quality 
75 
of these matches, a magnetic pitch angle between oo and -11.5° provides the best 
fit to the data. 
3.4.2 Magnetic Pitch Angle 
To place tighter constraints on the magnetic pitch angle, additional analytic ax-
isymmetric model polarization subsample predictions were generated for pitch angles 
of e = oo to -24° in steps of 0.5°. The average discrepancies between the observed 
and predicted GPAs were calculated for the data in the zone -60° ::::; b < -15°, 
shown by the dashed box in Fig. 3.6 (all latitudes were used in the earlier analysis). 
Latitude bins close to the Galactic plane were not used for two non-independent 
reasons: the average predicted GPAs for JbJ :::; 10° are not significantly affected by 
the changing pitch angle (as seen in the rightmost column of Fig. 3.10), and the 
uncertainty on the GPA differences near the midplane are much smaller than those 
at larger latitudes. For a properly weighted mean, the change in uncertainty with 
latitude will cause the non-diagnostic, low latitude bins to dominate the average 
while the diagnostic, large latitude bins carry little weight. Also, the observations at 
b = -65° and -75° were not used because their GPAs were not consistent with any 
of the models and include only one significant starlight polarization measurement 
between the two of them (see Table 3.1). 
The average difference between the predicted and observed GPAs, and ±10" 
uncertainties, as a function of magnetic pitch angle, are shown in Figure 3.11. In 
this Figure, the six models whose error bars enclose b.G P A = oo (horizontal dotted 
line) are shown. The models not shown follow the same trend away from b.G P A = oo 
with larger and smaller model magnetic pitch angles. The diagonal dotted lines trace 
the ±10" error bars for all of the models. The best fit magnetic pitch angle is between 
e = -5.5° and -6.0°, shown by the vertical solid line in Fig. 3.11. To estimate the 
uncertainty on this magnetic pitch angle, the upper and lower 10" uncertainty limits 
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Fig. 3.11 The average difference between the observed and predicted GPA distri-
butions at .e = 150°, -60° :::; b < -15° as a function of magnetic field spiral pitch 
angle for the analytic axisymmetric model. The horizontal dashed line shows where 
perfect agreement between the observations and predictions occurs. The error bars 
represent the ±1J uncertainties on the mean differences. Only models with error 
bars enclosing .6.P A = oo are shown. The diagonal dotted lines trace the ±1J errors 
of the tested models. The vertical solid line is the best fit magnetic pitch angle and 
the grey region shows the estimated uncertainty on that value, as described in the 
text. 
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for all analytic axisymmetric models were each fit with second order polynomials 
(shown as dotted lines in Fig. 3.11). The pitch angles enclosed by these fits are shown 
by the grey region in Fig. 3.11. Based on these new observations and predictions, 
the Galactic magnetic pitch angle is e = -6 ± 2° towards .e = 150°. 
Previous estimates of the Galactic magnetic pitch angle have returned similar 
results: -6° (Vallee 1988), -8.2° ± 0.5° (Han & Qiao 1994), -7.2° ± 4.1° (Heiles 
1996), -8° ± 1 o (Beck 2007), -5.5° ± 1 o (Kronberg & Newton-McGee 2011), and 
-5° (Pshirkov et al. 2011). Unlike these previous estimates, which typically use 
data from large areas of the sky, this result was obtained from one Galactic longitude. 
Additional measurements in the outer Galaxy may show pitch angle variations with 
Galactic longitude that are missed when averaging over large areas. 
3.5 Conclusions 
New NIR starlight polarimetry observations were obtained toward the outer 
Galaxy that trace the orientation of the Galactic magnetic field. These observations, 
combined with predictions from Chapter 2 and new simulations presented here, con-
strain important aspects of the geometry of the large-scale Galactic magnetic field. 
The Kolmogorov-Smirnoff (K-S) test probabilities of the cumulative distribution 
functions ( CDFs) of the polarization percentages and the Galactic position angle 
(GPA) differences can be used to formally (3cr) reject all of the models tested here, 
though relative rankings may also be useful. Key results from this study include: 
1. The AO model predictions are strongly inconsistent with the observed distribu-
tion of NIR starlight Galactic position angles (GPAs) and are thereby rejected. 
While here limited to a set of sample AO models from Ferri ere & Schmitt (2000), 
the ability of any AO-type magnetic field model to reproduce the observed GPA 
distribution in the outer Galaxy is doubtful. 
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2. The GPA distributions of the SO, DEHO, and analytic axisymmetric models 
typically differ from the NIR starlight observations by only a few degrees. Since 
the model magnetic fields do not include any turbulence or systematic motions, 
such differences are to be expected. The general agreement shows that disk-
even (SO, DEHO, and analytic axisymmetric) magnetic fields better represent 
the Galactic magnetic field than AO models. 
3. Based on the CDFs of observed and predicted degrees of starlight polarization 
and their K-S probabilities (see Table 3.3), the Disk-Even, Halo-Odd (DEHO) 
magnetic field models (Moss et al. 2010) are especially discrepant. This result, 
and all of the K-S probabilities, may be affected by uncertainties in predicting 
the degree of starlight polarization. 
4. Even if the predicted DEHO polarization CDF was not discrepant, the observed 
distribution of GPAs would still be inconsistent, though at a similar level as 
for the SO and analytic axisymmetric models. 
5. New simulations presented here, with different spiral-type magnetic pitch an-
gles, when matched to the new observations, constrain the Galactic magnetic 
pitch angle to -6° ± 2°. This estimate is for a single Galactic longitude and 
agrees well with previous estimates of optical starlight polarization (Heiles 
1996) and radio Faraday rotation (Vallee 1988; Han & Qiao 1994; Beck 2007) 
that each average over large areas of the sky. 
This work highlights the utility of NIR polarimetry and its ability to place strong 
constraints on the Galactic magnetic field. Future application of NIR polarimetry 
to larger areas of the sky will provide additional constraints for Galactic dynamo 
theory. 
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Chapter 4 
Galactic Bubbles: Testing the Role of 
Magnetic Fields 
This Chapter studies the interaction of Galactic bubbles with the mean Galactic 
magnetic field. The goal is to understand the interaction of dynamic forces with the 
Galactic magnetic field. 
4.1 Introduction 
The plasma parameter fJ quantifies the ratio of the thermal (Pthermal = nkBT) 
to magnetic (Pmag = B 2 /2p0) pressures in a plasma. "When fJ is large, the thermal 
pressure dominates and magnetic fields will respond to fluid motions. 'When fJ is 
small, the magnetic field dominates the dynamics of the gas through the Lorentz 
force on the plasma and collisional coupling to neutrals. Most of the interstellar 
medium volume is thought to be in energy density equipartition, with fJ rv 1. 
As discussed in Section 1.2, on large-scales, expanding supernovae and super-
bubbles 'sweep up' magnetic fields and lift them out of the Galactic disk where 
Coriolis forces twist those fields and generate poloidal flux (the a-effect). In this 
case, fJ is very large. I would like to understand what happens when dynamic forces 
interact with magnetic fields at intermediate (rv 1) values of fJ (and typically lower 
total energy). 
A class of recently observed objects in the mid-infrared (MIR), called 'Galactic 
bubbles' (Churchwell et al. 2006), seems to fit this criteria of fJ rv 1. Galactic bubbles 
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were discovered through analysis of data returned by the Galactic Legacy Infrared 
Mid-Plane Survey Extraordinaire (GLIMPSE; Benjamin et al. 2003) project, which 
surveyed the North (10° < f < 65°, jbj < 1 o) and South ( -10° > f > -65°, jbj < 
1 °) inner Galactic midplane regions using IRAC (Fazio et al. 2004) on the Spitzer 
Space Telescope. Galactic bubbles are likely the result of the ring-like projections 
of three-dimensional ellipsoids onto the sky (Anderson et al. 2011, 2012b ), and are 
particularly bright in the 5.8 and 8.0 j.J,m bands. Churchwell et al. (2006) point out 
that ultraviolet (DV) stellar emission can excite polycyclic aromatic hydrocarbon 
emission in these wavelength bands, causing the bright MIR emission. 
From radio recombination line measurements, Anderson et al. (2011) have 
shown that MIR Galactic bubbles are typically coincident with H II regions, which 
themselves surround single OB stars or clusters of such stars. If driven by H II regions, 
Galactic bubbles should possess supersonic shock fronts with dense layers of material 
between the outwardly expanding shocks and ionization fronts (Elmegreen & Lada 
1977). The thicknesses of bubble shells have been observed to be substantial frac-
tions of the bubble radii (20-40% of bubble outer radii; Churchwell et al. 2006). 
Churchwell et al. (2006) also show that the bubbles are not circular, but typically 
appear as ellipses of MIR emission on the sky. 
A key question about the nature of these objects is what causes their non-
circular appearances? In this Chapter, I hypothesize that pressure from external 
magnetic fields causes the preferential elongation of these bubbles as they evolve. 
To test this hypothesis, I attempted to measure background starlight polarizations 
in the directions of the bubbles. After completing those observations, however, I 
determined that these measurements would not be able to probe bubble magnetic 
fields because the bubbles are too distant. Subsequent analysis ofthose measurements 
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did provide insight into the probed stellar populations, but could not address the 
effects of magnetic fields on Galactic bubbles. 
I developed a second observational test of the hypothesis that successfully com-
pares the orientation of Galactic bubbles with the average large-scale magnetic field 
directions in the Galactic disk. From this second test, I was also able to propose an 
observationally-driven, evolutionary sequence for the relative alignment of Galactic 
bubbles with the mean Galactic magnetic field direction, using the decay of turbu-
lence in the H II recombination line emitting region as a relative age indicator. The 
morphology of Galactic bubbles is also used to place lower limits on the magnetic-
to-ram pressure ratios in the expanding shells. 
This Chapter's studies conclude that the local magnetic field direction does 
affect the early evolution of Galactic bubbles, but that magnetic fields alone cannot 
account for the eccentricity distribution of the entire Galactic bubble population. 
This new evolutionary sequence provides observational constraints on the interaction 
of H II regions with surrounding magnetic fields. In particular, I can place limits 
on the magnetic field strength surrounding these bubbles and the relative energy 
densities at the edge of the expanding bubble. In the future, this work can be 
expanded as new recombination line measurements of Galactic H II regions become 
available. 
4. 2 The Role of Magnetic Fields In Organizing Interstellar 
Material 
Theoretical studies (e.g.; Ferriere et al. 1991; Korpi et al. 1999; Stil et al. 2009) 
predict that supernova and superbubbles (/3 ~ 1) sweep up magnetic fields as they 
expand. In the context of a Galactic dynamo, this allows magnetic flux to be lifted 
vertically out of the plane of the Galaxy and experience Coriolis twisting to gen-
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erate poloidal magnetic fields (as described in Section 1.2). The effects of super-
nova and super bubbles are now key aspects in all Galactic dynamo simulations (e.g., 
Ferriere & Schmitt 2000; Moss & Sokoloff 2008; Moss et al. 2010). In this case, mag-
netic fields passively respond to external forces. 
By comparison, j3 is much smaller than unity in the solar corona (Wiegelmann 
2008). Here magnetic fields dominate the dynamics of the system and lead to a 
number of morphological phenomena (e.g., magnetic arcades and helmet streamers). 
However, small j3 values are unlikely to occur in the ISM because of equipartition 
between thermal, turbulent, magnetic, and cosmic ray energy densities, and most 
regions of the ISM are thought to have j3 rv 1 (Heiles & Crutcher 2005). 
I would like to use Galactic bubbles as a probe of how magnetic fields interact 
with the ISM at these intermediate ( rv 1) values of j3 and understand how these 
less energetic (compared to supernovae) bubbles interact with the Galactic magnetic 
field. 
Detailed models for the expansion of stellar wind-driven bubbles into a uniform 
ISM were first developed by Castor et al. (1975) and vVeaver et al. (1977). They 
identified three phases to the evolution of these bubbles: free expansion, adiabatic 
expansion, and a radiative or "snow-plow" phase. These same models have been 
used to model the evolution of supernovae remnents. The effects of magnetic fields 
on bubble expansion were later considered by Ferriere et al. (1991) for supernovae 
and Bisnovatyi-Kogan & Silich (1995) for wind-driven bubbles, in particular how the 
thickness changes at different points on a bubble's exterior shell. Tomisaka (1992) 
quantified the effect of a uniform magnetic field on a supernova remnant, predicting 
that the remnant should elongate along the magnetic field direction. This prediction 
has been confirmed for supernovae (e.g., Gaensler 1998), but not for wind-driven 
bubbles. 
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To test the role of magnetic fields in elongating Galactic bubbles, I intend 
to characterize the relative alignment of each bubble's long axis with the Galactic 
magnetic field direction. Assuming an internal isotropic radial force drives each 
bubble into an external non-magnetized uniform medium, the bubbles should be 
sphericaL Anisotropic bubbles arise due to a number of causes: stellar motions, 
Galactic shear, anisotropic driving forces (e.g., a bipolar outflow), expansion into 
a non-uniform medium, or the presence of a magnetic field which adds anisotropic 
pressure (see Bisnovatyi-Kogan & Silich 1995, for a thorough review). 
\Heaver et aL (1977) show that neither stellar motions nor Galactic shear can 
account for elongation of Galactic bubbles. The lifetimes of early-type stars responsi-
ble for creating these bubbles are much shorter than the timescales needed for stellar 
motion or Galactic shear to warp the bubbles. Large stellar motions (e.g., runaway 
0 stars) are also expected to create cone-shaped bubbles which were not seen by 
Churchwell et aL (2006). 
Planetary nebulae can have a bipolar nature, but this is likely caused by close 
binaries (Balick 1987; Saker 2006) or stellar magnetic fields (Jordan et aL 2005), but 
not due to the effects of external magnetic fields (Saker 2005; Sabin et al. 2007). A 
stellar bipolar outflow typically only exists inside the star's dense natal cloud core 
materiaL Based on Herschel column density maps, Anderson et aL (2012b) have 
shown that a sample of Galactic bubble interiors have low density. This suggests 
that, if stellar driven, they are beyond the earliest stages of star formation where 
bipolar outflows typically exist. 
A Galactic bubble almost certainly expands into a non-uniform surround-
ing medium. This can easily be seen in Figure 4.1 for Galactic bubble N40 
Churchwell et al. (2006), where the background image traces the 8 f.J.m emission 
measured by GLIMPSE using the Infrared Array Camera (IRAC; Fazio et al. 2004) 
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Fig. 4.1 GLIMPSE 8 J..Lm emission towards Galactic bubble N40 from the catalog of 
Churchwell et al. (2006) showing the non-uniform medium in which the bubble exists. 
The green ellipse is a fit to the bubble using the parameters of Churchwell et al. 
(2006) and the purple dashed line represents the orientation of the major axis . 
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onboard the Spitzer Space Telescope. In this Figure, a complex and well-structured 
distribution of material is clearly seen, including an infrared dark cloud. 
Magnetic fields can also affect the evolution of Galactic bubbles because the 
fields can provide anisotropic pressure. This pressure arises because it is easier for 
charged particles to move along magnetic field lines (i.e., lower pressure) than per-
pendicular to the field lines (i.e., higher pressure) due to the Lorentz force. This 
creates an extra magnetic pressure perpendicular to the magnetic field direction. 
Only ions and electrons feel magnetic fields, but they are collisionally coupled, to 
varying degrees, to the neutral species. Therefore; the presence of ordered magnetic 
fields (ordered on scales larger than the bubble diameter) can allow easy flows along 
the field while inhibiting flows in the two orthogonal directions. In the presence 
of a magnetic field, the uniform expansion of a Galactic bubble should be warped 
into an ellipsoid, as two directions face additional magnetic pressure while along one 
direction the gas flow does not (Tomisaka 1992). 
Each bubble must have an energy source to power the outward flow of material. 
This power source can be a star cluster (Churchwell et al. 2006), a supernova remnant 
(Helfand et al. 2006), or an HII region (Anderson et al. 2011). A key question is how 
the coevolution of the bubble and the local magnetic field depends on the energy 
source. To create a statistically significant sample of objects with identical power 
sources, this chapter will focus on bubbles hosting H II regions. 
4.3 H II Region Properties 
A brief summary of several observed and derived quantities for the hot gas 
associated with Hn regions coincident with Galactic bubbles from the Green Bank 
Telescope H II Region Discovery Survey (HRDS; Bania et al. 2010; Anderson et al. 
2011) is shown in Table 4.1. These properties will be used in Section 4.8 to try to 
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Fig. 4.2 HRDS spectrum towards the Galactic bubble N23. Red lines show fits 
for two gaussian profiles, revealing hydrogen recombination lines at two different 
velocities with two different linewidths, both are plotted in Figs. 4.15 and 4.17. 
propose an H II region evolutionary sequence and see what effects magnetic fields 
have on H II regions as they evolve. 
HRDS is a targeted, 3 em wavelength hydrogen radio recomination line (RRL) 
and continuum survey of the inner Galactic plane (343° < f < 67° , lbl < 1 °) that 
overlaps with GPIPS and GLIMPSE. HRDS targets were selected by searching for 
overlapping 24 p,m emission from the Spitzer Space Telescope MIPS Galactic Plane 
Survey (MIPSGAL; Carey et al. 2009) and coincident 20 em continuum emission 
from either the NRAO VLA Galactic Plane Survey (VGPS; Stilet al. 2006) or 
NRAO VLA Sky Survey (NVSS; Condon et al. 1998). These two target selection 
wavelengths (24 p,m and 20 em) were chosen because dust grains in H u regions ab-
sorb stellar UV photons, which reemit at thermal infrared wavelengths , while the 
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plasma surrounding the central ionizing star produces free-free thermal emission at 
centimeter wavelengths. As of this writing, 603 discrete recomination line compo-
nents from 448 lines of sight have been detected, and their radio properties cataloged 
(Anderson et aL 2011). 
Anderson et aL (2011) matched thirty-three HRDS RRL components with 
twenty-seven Galactic bubbles (four bubbles have two components and one bub-
ble has three components), and the properties of these Galactic bubbles are listed 
in Table 4. L From the published RRL velocities, distance estimates towards sixteen 
RRLs coincident with bubbles were calculated. 
Using the published HRDS line-of-sight velocity for each of the thirty-three 
recombination line components coincident with Galactic bubbles, I calculated kine-
matic distances using the Clemens (1985) rotation curve. There is also an intrinsic 
velocity dispersion (assumed to be 5 km s-\ Burton 1976) associated with random 
motions in the Galaxy. The published uncertainty in the line velocity was added 
in quadrature to the Galactic intrinsic velocity dispersion to calculate the total line 
velocity uncertainty, and used to estimate upper and lower uncertainty bounds for 
each kinematic distance. The total line velocity uncertainty was added and sub-
tracted from the line velocity (vzsr ± O"vzsr from column 2 in Table 4.1) and used to 
calculate an upper and lower uncertainty bounds on the kinematic distance. The 
mean difference between these distance bounds and the central kinematic distance 
was adopted as the kinematic distance uncertainty (column 5 in Table 4.1). 
For seventeen of the thirty-three RRL components, Anderson et aL (2012a) used 
HIE/A-based to break the near/far distance ambiguity. All seventeen of the RRL 
components were either at the far kinematic distance or at the tanget point, support-
ing the assumption that all of these H II regions are at the far kinematic distance. 
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Distance estimates also allow the calculation of the intrinsic luminosity and the 
physical sizes of the major and minor axes of these Galactic bubbles (columns 6, 7, 
and 8 in Table 4.1). 
As seen in column 3 of Table 4.1, several RRL measurements have suprathermal 
linewidths. Assuming an electron temperature of 104 K results in a thermallinewidth 
of 21 km s-1 (Brown et al. 1978). Garay (1990) argued that of the possible line 
broadening mechanisms (pressure broadening, large scale systematic motions, and 
turbulence), turbulence was the dominant factor producing the large linewidths. The 
Anderson et al. (2011) RRL linewidth can be decomposed into thermal and turbulent 
components, added in quadrature. 
For example, in Kolmogorov-like turbulence (Kolmogorov 1941), turbulent en-
ergy is injected into a system at some characteristic length scale. The energy is 
quickly redistributed to smaller size scales, reaching a "Kolmogorov" energy spec-
trum of E(k) ex: k-5/ 3 . In the system, energy is eventually dissipated at some small 
resistive length scale. There is a monotonic flow of energy from larger to smaller 
length scales while maintaining the Kolmogorov energy spectrum. Unless turbu-
lence is continuously added to the system, the turbulent velocity components should 
decay with time, leaving only the 104 K thermal linewidth component. While the 
exact slope of the turbulent spectrum in different phases of the ISM is likely non-
Kolmogorov (Elmegreen & Scala 2004), the flow of energy from larger to smaller 
scale still occurs. Perhaps suprathermallinewidths are associated with younger, tur-
bulent Hrr regions and smaller linewidths are associated with older, less turbulent 
H II regions. 
The spectral type of the star generating these H II regions needs to be considered. 
The ionizing photon luminosity, total luminosity, mechanical luminosity, and stellar 
wind speed vary significantly over the range of spectral types that can generate 
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H II regions. Differences in these fundamental H II region parameters may affect the 
coupling of the expanding H II region with the surrounding magnetic field. Each H n 
region may host several early type stars that contribute ionizing flux and winds, but 
for the following analysis, I assume that a single massive· star is responsible for each 
RRL component. 
Following Anderson et al. (2011), the spectral type can be estimated from the 
total RRL luminosity and the kinematic distance estimate for each RRL using the Ly-
man continuum photon emission rates from Sternberg et al. (2003) for spectral types 
03 through B0.5 assuming a single ionizing star for each H II reg~on. Anderson et al. 
(2011) predicted the expected HRDS RRL flux density from Hn regions hosting stars 
of these spectral types for a range of distances (0-23 kpc; shown in Figure 12 of that 
paper). vVith the previously determined peak line intensity (in mJy) and full-width 
at half-maximum (FvVHM), each RRL component was integrated assuming a Gaus-
sian line profile. The total flux density and estimated kinematic distance were used 
to estimate the spectral type of the star creating the H II region. These spectral types 
are listed in column 9 in Table 4.1 and a histogram of the frequency of the occurance 
of each spectral type shown in Figure 4.3. 
To quantify any effect of spectral type on the other observed H II region prop-
erties, I assigned an index to each spectral type (3 for 03, 4 for 04, ... ,10 for BO). 
The observed hydrogen linewidth and spectral type showed a weak linear correla-
tion (R2 = 0.15 for thirty-three Hn regions), with earlier-type stars showing slightly 
larger linewidths. An increase in turbulent linewidth may be expected because of 
the larger total energy output of higher mass stars, but the relatively weak correla-
tion was surprising. Since the observed hydrogen linewidth only weakly depends on 
spectral type, spectral type will not introduce significant scatter in the relationships 
derived below. 
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Table 4.1: Galactic Bubble Hn Region Properties 
Bubble Vzsr 1 Linewidth1 Peak Line Flux1 Kinematic Dist. Luminosity Rmajor Rminor Spectral 
Name (km s-1) (km s-1) (mJy) (kpc) (Jy kpc2 ) (pc) (pc) Type 
(1) (2) (3) (4) (5) (6) (7) (8) (9) 
Nll 54;0 ± 0.1 16.5 ± 0.1 360 ± 60 11.63 ± 0.43 49 ± 8.9 4.57 3.28 03 
N20 39.1 ± 0.2 19.5 ± 0.5 130 ± 20 12.72 ± 0.32 21 ± 3.4 4.20 3.16 06 
N23a 42.6 ± 0.6 23.2 ± 1.3 390 ± 30 12.51 ± 0.30 61 ± 5.5 1.42 1.31 03 
N23b 61.9 ± 7.7 35.6 ± 9.9 390 ± 30 11.49 ± 0.45 51± 5.7 1.30 1.20 03 
N25 37.8 ± 0.1 19.9 ± 0.2 170 ± 20 12.81 ± 0.33 28 ± 3.6 3.10 2.02 05 
N27a 60.4 ± 0.1 18.2 ± 0.3 190 ± 40 11.54 ± 0.24 25 ± 5.4 3.56 2.95 06 
N27b 118 ± 0.3 22.7 ± 0.8 190 ± 40 8.14 ± 0.35 13 ± 2.9 2.51 2.08 06 (0 
N31a 114.3 ± 0.3 28.4 ± 0.8 340 ± 80 7.77 ± 0.19 21 ± 4.9 1.61 1.24 05 
}--l 
N31b 41.9 ± 0.3 23.6 ± 0.8 340 ± 80 12.40 ± 0.31 52± 12.6 2.56 1.98 03 
N42 100.9 ± 0.1 20.0 ± 0.2 170 ± 10 8.90 ± 0.45 13 ± 2.8 1.73 1.14 07 
N50 67.7 ± 0.1 21.7 ± 0.3 450 ± 40 10.46 ± 0.28 49 ± 5.1 4.84 4.29 04 
N53a 43.3 ± 0.1 19.6 ± 0.1 480 ±50 11.63 ± 0.31 65 ± 7.6 2.50 2.47 03 
N53b 101.6 ± 0.8 22.6 ± 1.9 480 ±50 7.27 ± 0.38 25 ± 3.7 1.57 1.54 05 
N56 77.4 ± 0.1 21.0 ± 0.3 270 ± 20 9.29 ± 0.34 23 ± 2.4 2.72 2.67 06 
N57 30.1 ± 0.5 22.7 ± 1.1 30 ± 10 12.24 ± 0.31 4.4 ± 1.5 1.10 0.89 08 
N60 50± 0.2 17.3 ± 0.4 70 ± 10 10.84 ± 0.32 8.2 ± 1.9 2.02 1.51 07 
N62 62.9 ± 0.1 18.5 ± 0.3 310 ± 40 9.92 ± 0.33 31 ± 4.4 4.09 3.80 05 
N66a 38.1 ± 1.0 31.0 ± 2.0 90 ± 20 11.36 ± 0.32 12 ± 2.7 1.52 1.22 06 
N66b 68.6 ± 1.7 24.3 ± 4.2 90 ± 20 9.35 ± 0.38 7.9 ± 1.9 1.25 1.01 07 
N66c 92.0 ± 0.7 19.1 ± 2.1 90 ± 20 6.94 ± 0.31 4.3 ± 1.0 0.93 0.75 BO 
Bubble 
Name 
(1) 
N67 
N73 
N75 
N80 
N90 
N92 
N95 
N96 
N98 
N105 
NllO 
N115 
N122 
1 Vzsr 
(km s-1) 
(2) 
57.5 ± 0.1 
60.9 ± 0.2 
42.1 ± 0.2 
20.7 ± 0.2 
70.5 ± 0.1 
62.5 ± 0.2 
52.5 ± 0.1 
-44.4 ± 0.1 
56.9 ± 0.1 
-1.1 ± 0.2 
7.9 ± 0.4 
23.9 ± 0.3 
45.5 ± 0.3 
Table 4.1 - Continued 
Linewidth1 Peak Line Flux1 Kinematic Dist. 
(km s-1) (mJy) (kpc) 
(3) (4) (5) 
21.2 ± 0.1 470 ± 30 10.06 ± 0.34 
28.2 ± 0.4 210 ± 20 9.16 ± 0.40 
21.4 ± 0.5 40 ± 10 10.46 ± 0.33 
30.7 ± 0.5 620 ± 80 11.18 ± 0.29 
20.8 ± 0.2 360 ± 60 6.14 ± 0.45 
17.0 ± 0.6 140 ± 40 7.29 ± 0.93 
20.6 ± 0.2 610 ± 30 8.12 ± 0.51 
29.3 ± 0.3 450 ± 40 14.65 ± 1.04 
21.0 ± 0.2 390 ± 40 6.96 ± 0.92 
18.3 ± 0.4 200 ± 30 10.62 ± 0.29 
25.7 ± 0.9 70 ± 30 9.59 ± 0.31 
29.9 ± 0.7 1250 ± 800 8.14 ± 0.38 
19.4 ± 0.6 110 ± 30 4.74 ± 0.472 
1Data taken from Anderson et al. (2011). 
2This target is at the tanget velocity, so 10% distance uncertainty was assumed. 
Luminosity 
(Jy kpc2) 
(6) 
48 ± 4.4 
18 ± 2.3 
4.4 ± 1.1 
77 ± 10.8 
14 ± 3.0 
7.4 ± 2.9 
40 ± 5.4 
97 ± 16.2 
19 ± 5.4 
23 ± 3.6 
6.4 ± 2.8 
83 ±53 
2.5 ± 0.8 
Rmajor 
(pc) 
(7) 
2.20 
2.06 
1.89 
6.22 
2.73 
3.59 
4.97 
1.88 
2.31 
2.83 
1.60 
7.58 
0.73 
Rminor 
(pc) 
(8) 
2.02 
1.92 
1.55 
4.52 
2.71 
2.44 
3.96 
1.55 
2.29 
1.86 
1.48 
5.97 
0.51 
Spectral 
Type 
(9) 
04 
05 
08 
03 
07 
07 
04 
03 
06 
06 
08 
03 
09 
CD 
~ 
93 
4.4 Galactic Bubble Observations with GPIPS 
Near-infrared starlight polarimetry towards a set of Galactic bubbles was ob-
tained from the Galactic Plane Infrared Polarization Survey (GPIPS; Clemens et aL 
2012c). GPIPS is an H-band (1.6 f_l,m) linear imaging polarimetry survey ofthe North 
Galactic plane (18° < 1! < 56°, jbj < 1°) using the Mimir instrument (Clemens et aL 
2007) on the 1.8 m Perkins Telescope outside of Flagstaff, AZ. The GPIPS data 
reduction pipeline was described briefly in Section 3.2 and is discussed in detail in 
Clemens et aL (2012c). 
The data presented here were observed between 2007 May and 2011 June. vVhen 
planning the GPIPS observations, 'high-value' scientific targets were prioritized be-
fore beginning to fill in the entire survey region. \iVhile most Galactic bubbles were 
observed, there remain significant gaps in coverage surrounding many of them, as 
shown in Figures 4.4 and 4.5. In these Figures, the square 10 x 10 arcmin GPIPS 
footprints can easily be seen. 
The poor data coverage toward some bubbles can be attributed to a change in 
this study's observational strategy. Originally, the goal was to measure stars through 
the interior of the bubbles, through regions exterior to the bubbles, and (if possible) 
through the thick edge of the bubbles. With this goal in mind, only bubbles with 
inner major axis extents greater than one arcminute (like N21 in Fig. 4.5) were 
considered, because of the expected polarimetric sky sampling rate of one star per 
square arcminute. 
After initial analysis of bubble properties, I determined that insufficient num-
bers of stars would be probed through the interiors and edges of the bubbles to draw 
meaningful conclusions. Instead, to test the role of magnetic fields in bubble asym-
metry, I compare bubble orientations with average magnetic field directions in the 
ISM. This change in scope allowed me to analyze all Churchwell et aL (2006) bubbles 
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Fig. 4.5 Same as Figure 4.4, but for the Galactic bubble N21 which has relatively 
good starlight polarimetry coverage. 
in the northern Galactic plane instead of only the bubbles with the largest angular 
sizes. 
4.5 Properties of Polarimetrically-Probed Stars Towards 
Galactic Bubbles 
In this section, I measure the local magnetic field direction measured by back-
ground starlight polarimetry towards each bubble. All polarization measurements 
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depend on the presence of background stars, so key properties of the stellar popula-
tions probed polarimetrically are discussed first. 
4.5.1 Background Star Population 
Since the bubble distances are based on kinematic distances, where available 
(see Section 4.3), and the background star distances are typically unknown, the 
natures of the background stars must be addressed. The average magnetic field 
orientation towards each bubble, as probed by background starlight polarimetry, is 
then measured over a large range of Galactic longitudes. The average field orientation 
in the Galactic disk will inform later comparisons with individual bubble orientations. 
In a magnitude-limited NIR survey like GPIPS, distant cool giants are expected 
to dominate the observed stellar distribution (Clemens et al. 2012c). Figure 4.6, 
shows the expected stellar distances that could be reached for detection of cooler 
spectral types. In that Figure, the expected distances to stars of different luminosity 
classes through different amounts of extinction are shown with different symbols. All 
stars are assumed to have a limiting magnitude mH = 12, approximately the faintest 
stars reliably probed by GPIPS (Clemens et al. 2012c). Hotter stars (for any initial 
mass function) and supergiants are too rare to account for a significant fraction of 
the observed polarization stellar distribution. As shown in the Figure, dwarfs beyond 
1 kiloparsec are too faint to observe and Malmquist bias will cause brighter, distant 
giants to dominate over nearby, fainter dwarfs. 
Also, field dwarfs within 1 kiloparsec (except when seen through nearby dusty 
regions) should not have large NIR polarizations for two, related reasons: (1) the 
shorter lines-of-sight they sample, compared to distant giants, will have small dust 
columns (causing only very weak starlight polarization), and (2) their distances are 
comparable to the length scale of the random component of the Galactic magnetic 
field ( Ohno & Shibata 1993). The random component of the Galactic magnetic field 
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Fig. 4.6 Maximum distance for which a star is observable, given its spectral type, 
luminosity class, and foreground extinction. Supergiants (dot-dashed lines), giants 
(solid lines), and dwarfs (dashed lines) are all assumed to have mH = 12 mag, the 
estimated completeness limit for GPIPS. The effect of extinction is also shown: no 
extinction (squares), AH = 1 (triangles), AH = 2 (diamonds), AH = 3 (crosses). 
is in approximate equipartition with the regular component (Becket aL 1996). Over 
long (kilo parsec) lines-of-sight, the effects of many random components will tend 
to cancel as the number of random magnetic field cells along the line-of-sight in-
creases (Jones 1989). This random component has a scale length of 10-100 pc 
(Ohno & Shibata 1993), so within 1 kpc only a few random magnetic 'cells' will 
have been sampled and the random component of starlight polarization may not be 
zero. Because it is random, it may depolarize the polarization signal sampling the 
regular magnetic field. 
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Fig. 4. 7 vVeighted mean GPA as a function of apparent magnitude for all GPIPS stars 
within 2 arcmin ofthe center ofthe Galactic bubble N26. GPA does not change with 
stellar brightness for this bubble direction. Bins are one magnitude wide. Weighted 
mean GPA and error on that mean are shown by the black error bars. The dispersion 
of all starlight GPAs in each bin is shown by the dark grey region. The horizontal 
dotted line traces (GPA) = 90° for reference. 
From these arguments, cool giant stars are assumed to dominate (by number) 
the observed polarized star samples. As shown in Fig. 4.6, these stars can be reliably 
probed to several kiloparsecs for up to moderate extinctions. 
Furthermore, the photometric properties of the observed stars may be used to 
probe starlight polarization as a function of distance. As an example, all GPIPS 
measurements within 2 arcminutes (three times the major axis of the outer fitted 
ellipse from Churchwell et al. 2006) of the center of the bubble N26 were collected 
and -placed into 1 magnitude wide bins of apparent magnitude. In Figure 4. 7, the 
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Fig. 4.8 Same as Fig. 4.7, but for Galactic bubble N79. Here, GPA does change 
with stellar brightness, and presumabley distance. 
weighted mean GPA values are shown as plus signs. The five-sigma uncertainties of 
the weighted means are shown for each magnitude bin as thin error bars. The large 
number of measured polarizations dramatically reduces the formal uncertainties on 
the means, so the GPA dispersion in each magnitude bin is also shown by the grey 
regions. A horizontal dotted line at GPA=90° is shown for reference. Assuming that 
all of the background stars are cool giants with similar intrinsic brightnesses and that 
they sample similar interstellar lines of sight, the stellar apparent magnitudes can be 
used as proxies for relative distances. For the case of N26, Fig. 4. 7 shows that stars 
at all distances probe magnetic fields with essentially the same G P A = 90°. 
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A counterexample to the behavior seen towards bubble N26 is shown in Figure 
4.8 for bubble N79, where the observed stars break into two groups. For H < 12 mag, 
the stars have GPA~ 40°, while for H > 13 mag the stars have GPA~ 80°. There 
are two likely interpretations of this behavior: if apparent magnitude is a good proxy 
for distance, then there is a change in the magnetic field orientation at the distance 
corresponding to H = 12 mag and fainter starlight passes through more polarizing 
layers than the brighter stars; or, if apparent magnitude is not a proxy for distance, 
the dim starlight must somehow pass through a different polarizing medium than for 
the bright stars along similar lines,...of-sight to account for the differences in GPA. This 
second option could be true if there is, for example, an infrared dark cloud (IRDC) 
obscuring some of the stars in the field and impressing a different polarization. The 
stars whose light passes through the IRDC would be fainter, on average, than the 
other field stars. Their observed polarizations would also be dominated by the polar-
izing properties of the IRDC because of its large dust column. Note, however, that 
no IRDC is seen towards N79. 
Figure 4.9 shows the sky distribution of the stars included in Fig. 4.8, broken 
into four different brightness bins (see the label in the Figure for details). Fig. 4.9 
shows that each brightness bin is essentially uniformly distributed on the sky and 
that there is no obvious separation or segregation of bright and dim stars. This 
rules out the presence of an object (like an IRDC) that could account for different 
polarization properties of stars at different apparent brighnesses. 
Figure 4.10 shows the estimated stellar extinction (from Equation 3.1) as a 
function of brightness for 5,440 GPIPS stars around N79 having propagated (H-K) 
color uncertainties less than 0.15 mag. In Fig. 4.10, the red contour traces where the 
stellar density drops to 15% of the peak stellar density. Overall, there seems to be 
an increase in extinction for fainter stars. This is expected if apparent magnitude is 
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a proxy for distance since extinction along a single line-of-sight must monotonically 
increase with distance. 
A population of faint, low extinction stars is centered on (H, Av) = (14, 2.5) . 
These are likely faint forground dwarf stars. Assuming an optical extinction of 1.8 
mag kpc1 (Whittet 2003), these stars are on average 1.4 kpc distant. The average 
star in this sample has an apparent magnitude mH = 14 mag and has encountered 
2. 5 mag of optical extinction ( rv 0.4 mag at H-band). This corresponds to a distance 
modulus of 11.13 mag, and therefore an absolute H-band magnitude of 2.86 mag. 
Assuming that these are dwarf stars, the average spectral type of this population is 
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Fig. 4.10 Estimated stellar extinction versus H-band apparent magnitude, for stars 
around bubble N79 with propagated (H-K) uncertainties less than 0.15 mag. The 
red contour traces where the stellar density drops to 15% of the maximum. It reveals 
significant contamination by faint, low extinction dwarfs. The blue lines delineate a 
region for estimating the foreground dwarf contamination fraction. 
From this evidence, the second interpretation (that bright and dim starlight pass 
through different polarizing media along similar lines-of-sight) cannot account for the 
change in GPA with apparent magnitude. I conclude that for GPIPS stars, apparent 
magnitude is a good proxy for distance. Furthermore, the dwarf contamination 
fraction of the entire sample was estimated to be 14%. This number is the fraction 
of high photometric SNR stars (746 stars out of 5,440 total stars) in the region 
defined by Av < 5 and H > 11 mag, shown by the dashed blue lines in Fig. 4.10. 
The population in this region consists of faint, low extinction foreground dwarfs with 
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an average spectral type of G5V. Fig. 4.10 suggests that these stars can easily be 
identified based on their photometric properties alone. 
4.5.2 Magnetic Field Orientation 
GPIPS NIR starlight polarimetry was obtained for stars towards the 
Churchwell et al. (2006) Galactic bubble sample with the intent of probing the mag-
netic fields in and around the bubbles. GPIPS polarimetry typically cannot probe 
much beyond 7 kpc (Clemens et al. 2012c) with good angular resolution or sampling. 
From the distances listed in column 5 in Table 4.1, I conclude that essentially all 
of the H n regions associated with Galactic bubbles are too distant to be probed by 
GPIPS. Few, if any, stars with measurable polarizatoin will exist behind the bub-
bles. ·while unfortunate, this is not a fatal problem because of the nature of the 
Galactic magnetic field. This will also mitigate the effects of poor GPIPS coverage 
towards some bubbles, as shown in Fig. 4.4. 
Instead of directly measuring the magnetic field orientation surrounding each 
bubble, I will assume that all bubbles are expand into a large-scale, ordered field. 
As discussed in Chapters 2 and 3, the disk of the Milky Way is expected to have 
a large-scale, toroidally-dominated magnetic field. All of the Galactic bubbles in 
the Churchwell et al. (2006) sample are within one degree of Galactic latitude of 
the Galactic disk, placing them within the toroidally dominated zone. For any disk-
symmetric Galactic magnetic field, the projection of the toroidal component will have 
\GPA) ~goo at all Galactic longitudes and distances (Pavel2011). This approxima-
tion will break down for lines-of-sight along the local magnetic field direction. In the 
Solar neighborhood, this occurs at Galactic longitudes 1!. = goo + p and 1!. = 270° + p, 
where p is the magnetic pitch angle. For the magnetic pitch angle found in Chapter 
3, these become 1!. = 84° and 264°. 
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The GPIPS polarimetry observed towards the Galactic bubbles can be used to 
test this idea. If the average GPA in this entire region significantly deviates from 
90°, then the above assumptions should be rejected. Polarimetry was obtained in 
the Galactic disk (JbJ < 1°) over a range of Galactic longitudes (18° < 12 < 56°). The 
magnetic field orientation along the line-of-sight towards each bubble was calculated 
from fully reduced and calibrated GPIPS starlight polarization observations. Since 
the signal-to-noise ratio (SNR) of an individual starlight polarization measurement 
can vary significantly, I place GPIPS measurements into three categories: significant 
detections (SNR > 3), marginal detections (1.25 < SNR < 3), and significant upper 
limits (SNR < 1.25 and CJp < 1%). Measurements with SNR < 1.25 and CJp ;::::: 1% 
are rejected. The analysis in Chapter 3 used only significant detections, but for the 
following analysis all three categories of data are used. By using weighted averages 
(each datum is weighted by its inverse variance), information can be drawn from 
large numbers of low SNR measurements, as shown by Clemens et al. (2012a) for 
GPIPS polarimetry. 
For each bubble, all available GPIPS starlight polarization data within three 
times the outer major axis radius (Rout) reported by Churchwell et al. (2006) were 
collected. The weighted mean Galactic Position Angle (GPA) for the polarizations 
near each bubble, where available, is listed in column 8 of Table 4.2. To keep a few 
very low uncertainty measurements from dominating the weighted means, all GPA 
uncertainties were floored to 5° or greater. 
The unweighted average starlight polarization GPA towards all of the bubbles, 
listed in column 8 in Table 4.2, is 85.3° with a dispersion of 10.31 o. The distribution of 
the average GPAs is shown in Figure 4.11. In addition to this measured average value 
across all longitudes, an F-test showed that no additional longitude-dependent terms 
were needed. Therefore, the assumption of an average GPA for this range of Galactic 
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Fig. 4.11 Histogram of the weighted average GPIPS polarization GPAs toward the 
97 bubbles with GPIPS polarimetry. The vertical dashed line at 85.3° shows the 
unweighted average of these measurements. The sharpness of the distribution sug-
gests that GPA=85° is representative of average orientation ofthe projected Galactic 
magnetic field in the disk. 
longitudes is reasonable. Since bubbles N1-N19 and N123-N134 are outside of the 
GPIPS region, for the following analysis I assume the average projected magnetic 
field orientation towards these bubbles is 85.3° ± 10.3° as well. 
This mean value agrees with thoretical predictions (e.g., vVielebinski & Krause 
1993; Ferriere & Schmitt 2000; Moss et al. 2010) and previous observations (e.g., 
Mathewson & Ford 1970; Heiles 2000; Men et al. 2008) of the Galactic disk mag-
netic field. The analysis presented in Chapter 3 also supports this assumption. 
Higher Galactic latitude observations (b > 15°) were used to constrain the large-
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Fig. 4.12 (Left panel) Greyscale GLIMPSE 8 11m image of bubble N21 with the final 
ellipse fit (green ellipse in both panels) and the direction ofthe bubble position angle 
(purple dashed line in both panels). (Right panel) Greyscale GLIMPSE 8 11m image 
of N21 after application of a Sobel edge enhancement operator (Sobel 1978). Red 
points indicate the first 2o- datum along each of the 250 radial rays from the bubble's 
center that were used for fitting the ellipse. 
scale structure of the Galactic magnetic field in Chapter 3 because the behavior of 
starlight polarimetry in the disk between different magnetic field geometries was de-
generate (except for the case of antisymmetric magnetic fields , which were rejected). 
For any disk-symmetric magnetic field geometry, the projected magnetic field will be 
essentially parallel to the Galactic plane (GPA=90°). 
4.6 Galactic Bubble Orientations 
Churchwell et al. (2006) fit ellipses to their visually identified Galactic bubble 
sample. For each bubble, an inner and outer ellipse was fit to the MIR emission and 
the bubble parameters were reported (see Tables 2 and 3 in that paper) . However , 
the position angles of the bubbles were not reported and could not be obtained from 
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the authors. This is the key bubble parameter needed for comparison to the average 
projected Galactic magnetic field orientation. 
Therefore, I developed an algorithm for fitting the bubble position angles from 
the GLIMPSE 8 p,m images. Its action is illustrated for the bubble N21 in Figure 
4.12. In the left panel of Fig. 4.12, the background 8 p,m greyscale emission from 
GLIMPSE is shown in Galactic coordinates. The goal is to fit the inner ellipse 
parameters reported by Churchwell et al. (2006) to the 8 p,m emission on the inner 
bubble boundary and recover the orientation angle. 
First, bright point sources in the image were identified with the DAOPHOT 
FIND routine (Stetson 1987) and masked from the image with squares 18 arcseconds 
on a side. A Sobel edge enhancement operator (Sobel 1978) was then applied to 
the GLIMPSE 8 p,m images. The Sobel operator calculates the horizontal ( Gx) and 
vertical ( Gy) intensity gradients across each pixel and returns an approximation of 
the amplitude of the total intensity gradient (G). In practice, these gradient images 
are generated by convolving the image (A) with two different kernels: 
-1 0 +1 
Gx= -2 0 +2 0A (4.1) 
-1 0 +1 
and 
-1 -2 -1 
Gy= 0 0 0 0A. (4.2) 
+1 +2 +1 
These are combined to create the approximate gradient intensity image using 
(4.3) 
Image regions of constant flux will return gradients G of zero. 
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A circular region centered on the reported bubble center with radius equal to 
the reported inner minor axis was masked in the resulting Sobel image. The resulting 
masked Sobel image for the Galactic bubble N21 is shown as the greyscale image in 
the right panel of Fig. 4.12. 
Vectors of pixel values were extracted from the masked Sobel image along 250 
equally spaced (in azimuthal angle) radial rays from the reported bubble center. The 
mean and standard deviation of values contained in each data vector were calculated. 
Starting from the center of the image and moving radially outward, the location of 
the first datum more than two sigma above the average value for that vector was 
identified. These 250 locations are shown by the red points in the right panel of Fig. 
4.12. These (.€, b) locations were used for the ellipse fitting of each bubble. 
The choice of the first two sigma datum was based on experimentation with 
a range of quantitative measures. The largest values in the vectors drawn from 
the Sobel image did not always trace the inner rim of the bubbles, so this method 
was excluded. Experiments with sigma-clipping over a range of values (1.5-5o-) were 
attempted. Large sigma values poorly traced the bubble rim, typically tracing struc-
tures at larger radii or failing to return a datum when none exceeded the sigma level. 
The two sigma level provided the best qualitative matches to the bubble rims. This 
was quantitatively confirmed by the low uncertainties on parameters returned from 
the ellipse fits. 
The routine MPFITELLIPSE from the MPFIT package (Markwardt 2009) 
was used to fit ellipses to the locations of the 250 points described above for all 
bubbles. The center coordinates, major axis, and minor axis were all taken from 
Churchwell et al. (2006), leaving the ellipse position angle as the only free parame-
ter. The result of this fit for bubble N21 is shown as a green ellipse in both panels 
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of Fig. 4.12 and the orientation of the major axis (the Galactic position angle of the 
bubble) is shown by the dashed purple line in that Figure. 
This procedure was applied to all 134 bubbles in the Northern Galactic plane 
(10° < .e < 65°)reported by Churchwell et al. (2006). The resulting ellipse PAs are 
listed in Table 4.2, along with the uncertainties in those PAs. The uncertainty in the 
bubble fitted position angles were found to depend indirectly on the bubble eccen-
tricities (listed in column 4 of Table 4.2 and defined as e = )1 - R:nin/ R:naj' where 
Rmaj and Rmin are the bubble major and minor axes, respectively), as revealed in 
Figure 4.13. For small eccentricities, the bubble circular shapes and bubble position 
angles are more difficult to ascertain. For bubbles with very small eccentricities, the 
fitting returned position angle uncertainities of 180°. The Fig. 4.13 data behavior 
was fit by a power law, based on an F-test, and the resulting fit is shown by the solid 
line. 
The presence of very bright stars in the GLIMPSE field-of-view and foreground 
infrared dark clouds caused this fitting procedure to fail for seven bubbles, which 
are identified in Table 4.2. For these bubbles, the position angle was fit by hand 
and the uncertainty (red diamonds) on this parameter was conservatively estimated 
using the published bubble eccentricity and the power law fit (solid line) to the data 
shown in Fig. 4.13, with an additional 10° of uncertainty assigned. 
4.7 Measured Bubble Parameters 
The bubble identifiers, center Galactic longitude, and Galactic latitude are listed 
in columns 1, 2, and 3 of Table 4.2, respectively. Each bubble's eccentricity, and the 
major and minor axes of the inner bubble wall are listed in columns 4, 5, and 6 of 
the Table. All of this information is from Churchwell et al. (2006). 
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Table 4.2: Bubble Parameters 
Name ga ba Ecc.a Rma/ Rmina GPAbubble (GPAp 0 z) 
(0) (0) (') (') (deg) (deg) 
(1) (2) (3) (4) (5) (6) (7) (8) 
N1 10.231 -0.305 0.47 0.93 0.82 54± 15 
N2 10.747 -0.468 0.56 6.96 5.76 108 ± 17 
N3 11.570 0.395 0.87 0.99 0.48 32 ±3 
N4 11.892 0.748 0.53 1.95 1.65 64 ± 14 
N5 12.465 -1.128 0.79 3.71 2.29 39±8 
N6 12.512 -0.609 0.64 5.94 4.58 17 ± 10 
N7 12.787 -0.167 0.60 0.47 0.37 135 ± 3 
N8 12.805 -0.312 0.00 0.17 0.17 58± 180 
N9 12.890 -0.046 0.71 0.59 0.42 133 ± 5 
N10 13.188 0.039 0.80 1.41 0.84 137± 4 
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Table 4.2 - Continued 
Name ga ba Ecc.a Rmaja Rm· a zn GPAbubble (GPAPaz) 
(0) (0) (') (') (deg) (deg) 
(1) (2) (3) (4) (5) (6) (7) (8) 
Nll 13.218 0.082 0.70 1.35 0.97 60±4 
N12 13.727 -0.015 0.50 4.48 3.88 76 ± 14 
N13 13.900 -0.014 0.81 0.57 0.33 75±4 
N14 14.002 -0.135 0.77 1.30 0.82 158 ± 5 
N15 15.010 -0.611 0.75 1.57 1.03 161 ±4 ... 
N16 15.017 0.056 0.59 2.42 1.95 35 ± 14 
N17 15.019 0.067 0.68 0.42 0.31 152± 1 
N18 16.679 -0.366 0.35 6.61 6.20 64±44 
N19 17.077 0.946 0.41 3.91 3.56 4±21 
N20 17.917 -0.687 0.66 1.13 0.85 82±6 94.4 ± 0.1 
N21 18.190 -0.396 0.72 2.30 1.59 67±8 89.8 ± 0.1 
N22 18.254 -0.305 0.67 1.71 1.27 99±8 87.7± 0.1 
N23 18.679 -0.237 0.39 0.39 0.36 19 ± 15 91.4 ± 0.1 
N24 19.000 -0.326 0.47 7.00 6.16 163 ± 23 92.8 ± 0.1 
N25 19.507 -0.191 0.76 0.83 0.54 8.8±3 87.0 ± 0.1 
N26 19.587 -0.051 0.63 0.50 0.39 136 ±3 89.1 ± 0.1 
N27 19.814 0.017 0.56 1.06 0.88 115±9 94.3 ± 0.1 
N28 21.351 -0.137 0.45 0.48 0.42 73 ± 17 83.7 ± 0.1 
N29 23.055 0.559 0.74 2.82 1.90 27±8 101.6 ± 0.3 
N30b 23.115 0.564 0.57 0.99 0.82 55± 19 96.5 ± 0.2 
N31 23.843 0.097. 0.63 0.71 0.55 125 ± 6 94.1 ± 0.2 
N32 23.905 0.070 0.42 0.37 0.34 180 ± 5 91.1 ± 0.1 
N33 24.215 -0.044 0.45 0.39 0.34 37± 10 86.4 ± 0.1 
N34 24.295 -0.170 0.60 1.07 0.86 37±8 77.8 ± 0.1 
N35 24.513 0.241 0.81 3.64 2.14 42±5 90.4 ± 0.1 
N36 24.837 0.090 0.75 2.93 1.94 23 ± 6 85.9 ± 0.2 
N37 25.292 0.293 0.84 2.07 1.13 16±4 83.3 ± 0.1 
N38 25.356 -0.145 0.52 0.58 0.50 167 ± 15 80.4 ± 0.1 
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Table 4.2 - Continued 
Name ,ea ba Ecc.a Rma/ Rm· a ~n GPAbubble (GPAPaz) 
(0) (0) (') (') (deg) (deg) 
(1) (2) (3) (4) (5) (6) (7) (8) 
N39 25.364 -0.160 0.68 1.95 1.42 75±9 82.0 ± 0.2 
N40 25.369 -0.365 0.70 1.23 0.88 71 ±5 83.4 ± 0.1 
N41 26.266 0.282 0.25 0.42 0.41 18±70 80.4 ± 0.1 
N42 26.329 -0.071 0.76 0.67 0.44 150 ± 6 83.9 ± 0.1 
N43 26.597 0.098 0.58 0.61 0.50 1.3 ± 9 89.1 ± 0.1 
N44 26.821 0.382 0.55 1.10 0.92 165 ± 9 91.4 ± 0.1 
N45b 26.991 -0.053 0.78 1.53 0.95 50± 15 90.0 ± 0.2 
N46 27.310 -0.110 0.38 1.19 1.10 9.8 ± 21 69.6 ± 0.2 
N47 28.025 -0.031 0.73 2.40 1.64 54±6 100.2 ± 0.2 
N48 28.322 0.154 0.35 0.87 0.81 142 ± 18 110.2 ± 0.2 
N49 28.827 -0.229 0.63 1.32 1.02 90±9 104.9 ± 0.3 
N50 29.001 0.097 0.46 1.59 1.41 24± 17 116.4 ± 0.3 
N51 29.158 -0.262 0.25 1.78 1.72 46 ±64 91.8 ± 0.4 
N52 30.749 -0.019 0.79 2.22 1.35 48±5 76.5 ± 0.2 
N53 31.157 -0.145 0.15 0.74 0.73 134 ± 133 83.7 ± 0.2 
N54b 31.164 0.292 0.70 1.88 1.34 80 ± 16 67.4 ± 0.2 
N55 32.098 0.091 0.67 0.77 0.58 113±6 99.2 ± 0.4 
N56 32.583 0.002 0.19 0.99 0.97 74 ± 102 90.1 ± 0.2 
N57 32.763 -0.150 0.57 0.31 0.25 75±7 84.3 ± 0.2 
N58 32.990 0.040 0.62 0.17 0.13 178 ± 1 90.6 ± 0.2 
N59 33.071 -0.075 0.68 7.03 5.12 23±9 87.1 ± 0.1 
N60 33.814 -0.150 0.66 0.64 0.48 155 ±4 70.3 ± 0.3 
N61 34.157 0.140 0.30 3.28 3.13 128 ± 62 79.2 ± 0.3 
N62 34.334 0.216 0.38 1.41 1.31 36±26 75.6 ± 0.2 
N63b 34.652 -0.412 0.68 11.89 8.69 25 ± 16 90.5 ± 0.1 
N64 34.760 -0.669 0.69 5.08 3.65 42±9 93.1 ± 0.2 
N65 35.000 0.332 0.49 2.02 1.76 10 ± 16 81.2 ± 0.2 
N66 35.259 0.119 0.62 0.46 0.37 90±7 94.3 ± 0.2 
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Table 4.2 - Continued 
Name ga ba Ecc.a Rmaja Rmina GPAbubble (GPAPaz) 
(0) (0) (') (') (deg) (deg) 
(1) (2) (3) (4) (5) (6) (7) (8) 
N67 35.543 0.011 0.38 0.75 0.69 95 ± 13 103.0 ± 0.1 
N68 35.654 -0.062 0.72 5.17 3.59 9.0 ± 10 94.2 ± 0.1 
N69 36.187 0.648 0.00 8.42 8.42 6.3 ± 180 93.5 ± 0.1 
N70 37.751 -0.112 0.46 0.50 0.44 38 ± 17 
N71 38.290 0.007 0.53 7.08 6.01 74± 16 95.5 ± 0.1 
N72 38.352 -0.133 0.36 0.92 0.86 41 ±26 92.0 ± 0.2 
N73 38.739 -0.137 0.34 0.77 0.72 41 ±24 84.1 ± 0.2 
N74 38.909 -0.437 0.59 1.27 1.02 52±7 90.7 ± 0.3 
N75 38.928 -0.387 0.57 0.62 0.51 172 ± 6 88.9 ± 0.3 
N76 38.955 -0.731 0.65 3.73 2.84 77± 10 96.1 ± 0.2 
N77 40.421 -0.056 0.33 1.16 1.10 74±31 68.7 ± 0.1 
N78b 41.229 0.170 0.68 0.31 0.23 135 ± 16 71.1 ± 0.1 
N79 41.514 0.030 0.64 1.27 0.98 169 ± 9 65.4 ± 0.2 
N80 41.930 0.031 0.69 1.90 1.38 62±9 72.1 ± 0.2 
N81 42.003 -0.512 0.70 9.24 6.57 73±7 64.8 ± 0.1 
N82 42.102 -0.623 0.13 1.47 1.46 119 ± 180 77.3 ± 0.3 
N83b 42.113 -0.442 0.65 0.31 0.24 155 ± 17 73.1 ± 0.2 
N84 42.831 -0.161 0.69 1.19 0.86 3.1 ± 6 77.0 ± 0.3 
N85 43.074 -0.017 0.57 0.46 0.38 104±3 85.3 ± 0.3 
N86 43.097 -0.040 0.46 0.26 0.23 50±2 85.2 ± 0.3 
N87 43.218 0.107 0.61 0.31 0.24 32±6 87.6 ± 0.3 
N88 43.265 -0.186 0.30 1.37 1.30 176 ± 32 94.7 ± 0.4 
N89 43.739 0.114 0.47 0.92 0.81 154 ± 15 
N90 43.774 0.059 0.13 1.53 1.52 122 ± 180 
N91 44.211 0.050 0.74 5.19 3.47 40±8 107.1 ± 0.3 
N92 44.333 -0.839 0.73 2.03 1.38 17±7 
N93 44.777 -0.550 0.68 0.73 0.53 9±8 
N94 44.818 -0.500 0.74 3.85 2.60 96±6 85.3 ± 0.2 
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Table 4.2 - Continued 
Name .ea ba Ecc.a Rmaja Rmina GPAbubble (GPAPaz) 
(0) (0) (') (') (deg) (deg) 
(1) (2) (3) (4) (5) (6) (7) (8) 
N95 45.393 -0.717 0.60 2.13 1.70 125 ± 9 87.2 ± 0.5 
N96 46.947 0.368 0.59 0.40 0.33 11±3 97.0 ± 0.2 
N97 46.951 0.312 0.67 4.23 3.13 95 ±8 86.0 ± 0.6 
N98 47.027 0.219 0.11 1.37 1.36 43 ± 180 97.2 ± 0.3 
N99 48.540 0.468 0.64 4.20 3.23 177 ± 11 95.4 ± 0.3 
N100 48.821 -0.557 0.63 4.85 3.78 54± 11 82.1 ± 0.2 
N101b 49.197 -0.358 0.52 0.99 0.85 125 ± 21 81.9 ± 0.2 
N102 49.698 -0.162 0.12 1.82 1.81 171 ± 180 82.2 ± 0.3 
N103 49.703 -0.168 0.63 0.63 0.49 91 ±9 82.0 ± 0.3 
N104 50.041 -0.273 0.64 0.77 0.59 34±8 81.0 ± 0.2 
N105 50.077 0.569 0.75 0.87 0.57 103 ± 5 79.8 ± 0.2 
N106 50.785 0.168 0.65 0.39 0.30 36 ± 10 84.8 ± 0.2 
N107 50.972 0.078 0.62 11.59 9.08 110 ± 12 81.1 ± 0.1 
N108 51.766 0.471 0.84 4.39 2.39 137±4 77.0 ± 0.2 
N109 51.982 0.562 0.61 14.57 11.59 109 ± 12 78.7 ± 0.1 
N110 52.159 0.710 0.38 0.55 0.51 122 ± 19 71.6 ± 0.1 
N111 52.204 0.750 0.59 1.00 0.81 44±8 71.4 ± 0.1 
N112 52.206 0.721 0.74 0.28 0.19 143 ±7 71.6 ± 0.1 
N113 52.229 0.737 0.80 0.57 0.34 38±3 72.4 ± 0.1 
N114 52.250 0.703 0.20 1.35 1.32 72±75 71.9 ± 0.1 
N115 53.556 -0.014 0.62 3.20 2.52 80 ± 12 81.3 ± 0.2 
N116 54.091 -0.088 0.61 0.79 0.63 118±5 77.8 ± 0.2 
N117 54.112 -0.064 0.14 1.41 1.40 48 ± 180 77.4 ± 0.2 
N118 54.928 -0.477 0.58 0.32 0.26 122± 6 74.1 ± 0.2 
N119 55.157 0.130 0.48 4.31 3.79 178 ± 20 77.6 ± 0.2 
N120 55.266 0.249 0.33 1.26 1.19 99 ±32 72.7 ± 0.3 
N121 55.445 0.886 0.55 0.49 0.41 144±9 70.2 ± 0.4 
N122 56.077 -0.184 0.72 0.53 0.37 177±3 79.1 ± 0.4 
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Table 4.2 - Continued 
Name ga ba Ecc.a Rma/ Rmina GPAbubble (GPAPal) 
(0) (0) (') (') (deg) (deg) 
(1) (2) (3) (4) (5) (6) (7) (8) 
N123 57.539 -0.284 0.73 1.47 1.01 106 ± 6 
N124 58.605 0.638 0.35 1.60 1.50 161 ± 33 
N125 58.764 0.655 0.44 0.74 0.67 142 ± 19 
N126 59.606 0.330 0.61 1.82 1.45 69±9 
N127 60.648 -0.057 0.20 2.94 2.88 24 ± 178 
N128 61.673 0.946 0.70 3.38 2.41 60 ±8 
N129 61.755 0.839 0.70 3.27 2.34 13 ± 17 
N130 62.370 -0.540 0.47 0.98 0.87 169 ± 13 
N131 63.084 -0.395 0.47 6.18 5.46 77±21 
N132 63.121 0.386 0.36 0.21 0.19 86±7 
N133 63.159 0.451 0.78 1.83 1.14 73±5 
N134 64.134 -0.466 0.83 0.58 0.32 79±3 
4.8 The Role of External Magnetic Fields in the Evolution 
of H n Regions 
With the measured bubble properties from Section 4.6, I will use the difference 
between the bubble orientation and the average projected Galactic magnetic field 
orientation (.LGPA=IGPAbubble-GPApalarizationl) to test whether magnetic fields can 
explain the observed bubble eccentricities. Two limiting cases are that either mag-
aData taken from Churchwell et al. (2006). 
bBubble fitting failed, GPA measured using method described in text. 
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Fig. 4.14 Distribution of the absolute difference between the bubble major axis ori-
entation and the average projected Galactic magnetic field orientation (GPA=84.6°). 
netic fields completely determine the bubble orientation or that magnetic fields have 
no effect on the bubble orientation. If magnetic fields determine the orientation of 
the bubble, then the 6..GP A distribution should be a sharply peaked function around 
6..G P A= oo. If magnetic fields have no effect on bubble orientation, the distribution 
of 6..G P A should be fiat. 
Fig. 4.14 shows the distribution of 6..GP A for all of the Galactic bubbles, and 
the distribution appears to be fiat. The cumulative distribution function (CDF) of 
the 6..GP A data was compared to the CDF of a fiat distribution by a KS test. There 
is a 91% chance that the 6..G P A data were drawn from a fiat distribution. From this 
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data, I fail to reject the null hypothesis that there is no preferential alignment between 
the average Galactic magnetic field orientation and bubble elongation. This suggests 
that bubble major axes show no more than a weak preferential alignment with the 
average Galactic magnetic field orientation, so that bubble eccentricity might not be 
caused by local external magnetic fields. 
6.G P A was tested for correlation with the estimated spectral type of the star 
creating the HII region, and showed no correlation (R2 = 0.0015). However, A more 
detailed analysis of 6.G P A with other H II region properties is required. 
4. 9 Evidence for an H n Region Evolutionary Sequence 
I calculated kinematic distance estimates, using the Clemens (1985) rotation 
curve, for the thirty-three HRDS RRL components that coincide with Galactic bub-
bles (Anderson et aL 2011). These distances assume that the bubbles are at the far 
kinematic distances. Churchwell et aL (2006) argued that Galactic bubbles would 
preferentially be located at the far kinematic distance and HRDS is biased towards 
finding more distant H II regions. Sixteen of these RRL components have had their 
kinematic distance ambiguities checked by Hr E/A (1. Anderson, priv. comm.). It 
should be noted that for all lines-of-sight where HIE/ A was available, those distances 
agree with the far kinematic distances I calculated. With these distance estimates, 
the physical sizes of the Galactic bubbles can be estimated, and these are listed in 
columns (7) and (8) of Table 4.1 and are plotted in Figure 4.15. 
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A few interesting features are seen in Fig. 4.15. The data seem to break into 
two groups at a linewidth of approximately 22 km s-1 (shown by the vertical dotted 
line). At smaller linewidths, a wider range of physical H II region major axes are seen; 
at larger linewidths the distribution of major axes is generally narrower and centered 
at smaller physical sizes. This break occurs at 22 km s-1, which is a physically 
important velocity for H II regions: it represents the thermallinewidth corresponding 
to a 104 K gas (see Section 4.3). As discussed earlier, only a weak correlation was 
found between linewidth and the estimated spectral type of the star creating the H II 
region. Plotting spectral type against linewidth did not produce a corresponding 
break, so the spectral type of the massive star cannot account for this break. 
Two outliers (bubbles N80 and N115) are seen in the high linewidth region with 
inner major axes greater than 6 pc. Since both ofthese bubbles were assumed to be at 
the far kinematic distance, their physical sizes were recalculated assuming they were 
instead at the near kinematic distance (1.47 kpc for N80 and 1.96 kpc for N115) and 
connected in the Figure (dashed grey line for N80 and solid grey line for N115). The 
distance to bubble N115 was tested with HI E /A and agrees with the far kinematic 
distance (L. Anderson, priv. comm.). If these bubbles are at the near kinematic 
distances, then they agree with the overall trend of two groups seperated by the 
linewidth corresponding to line broadening at the sound speed. These bubbles would 
also be close enough to be probed with GPIPS. The presence of polarimetric features 
that match the 8 p,m morphological features could strengthen the near kinematic 
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Fig. 4.15 Measured inner major axis for bubbles along 33 lines-of-sight with HRDS 
recombination line observations as a function of hydrogen radio recombination 
linewidth. The vertical dashed line at 22 km s-1 represents the thermal linewidth 
expected for a 104 K gas. The major axes of bubbles N115 and N80, assumed to be 
at the far kinematic distance, were recalculated for the near kinematic distance and 
the two estimates are connected by vertical dotted lines. 
distance option. Figure 4.16 shows the current poor GPIPS starlight polarimetry 
coverage towards these two bubbles, so this hypothesis cannot be tested yet. 
These data show that smaller H II regions tend to have larger linewidths. A 
similar result was seen in compact HII regions by Garay (1990). There, the author 
concluded that young H II regions have not yet reached equilibrium with their sur-
roundings and are in a dynamical state where turbulent motions are large. Assuming 
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Fig. 4.16 Same as Fig. 4.4, but towards Galactic bubbles N80 (left panel) and N115 
(right panel). 
that turbulence is not being continuously driven on some large size scale, the turbu-
lent energy spectrum will cascade to smaller size scales and dissipate energy at the 
system's resistive scale length, and turbulence should decay with time. The effect of 
thermal and turbulet motions on the linewidth is given by the equation: 
Te D.Vtur -1 
[ 
2 ;\ 2]1/2 
h..v = 21.4 ( 104K) + 0.87 (20 km s-1) km s ' ( 4.4) 
where Te is the electron temperature, and h..vtur is the turbulent FvVHM linewidth. 
Since the temperature of an H II region is expected to be close to 104 K over most of 
its lifetime (Brown et al. 1978), the larger linewidths are likely caused by turbulent 
motions in the line emitting regions of each bubble. Also, the physical size of an 
H n region is a monotonically increasing function with time, which may reach an 
equilibrium size but should never decrease as long as the central ionizing flux source 
is active. Together, the small physical sizes and suprathermallinewidths suggest that 
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Fig. 4.17 Difference between the bubble axis and local magnetic field direction as 
a function of hydrogren radio recombination linewidth. The vertical dashed line at 
22 km s- 1 represents the thermallinewidth expected for a 104 K gas. As linewidths 
increase beyond 22 km s-1 , there is generally better alignment between the bubble 
and magnetic position angles. 
the H II regions with larger linewidths are younger H II regions . In Fig. 4.15, the H II 
regions with larger linewidths (right of the dotted line) should be younger than the 
H II regions with smaller linewidths (left of the dotted line). 
Using the hydrogen recombination linewidth as a proxy for H II region age, 
the relative alignment of the H II region with the surrounding magnetic field can be 
examined as a function of age. Figure 4.17 shows the absolute difference between the 
bubble major axis position angle and the average projected Galactic magnetic field 
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orientation as a function of linewidth. The vertical dotted line drawn at 22 km s-1 
shows the linewidth beyond which turbulence must be present, as was done in Fig. 
4.15. Above a linewidth of 22 km s-1 there appears to be better alignment between 
the bubble and the magnetic field. 
It is necessary to quantify the differences in relative alignment between bubbles 
with subthermal ( < 22 km s-1) and suprathermal (> 22 km s-1) linewidths. For 
a uniform distribution (lh..GP AI is independent of linewidth), the average value of 
lh..GPAI should be 45°. The mean weighted lh..GPAI values for the subsamples 
of bubbles with subthermal and with suprathermallinewidths are 59.6° ± 7.7° and 
15.9° ± 5.8°, respectively. The uncertainty on each average is the weighted dispersion 
in each region. Furthermore, a KS test shows that there is only a 30% chance that the 
measured lh..GPAI of subthermal and suprathermal bubbles are drawn from the same 
parent population, thought this statistical test does not account for the uncertainties 
in lh..GP AI. Therefore, Galactic bubbles with recombination linewidths greater than 
22 km s-1 are better aligned with the average Galactic magnetic field orientation 
than are Galactic bubbles with linewidths less than 22 km s-1. 
It is important to note that in Fig. 4.17, for any Galactic bubble line-of-sight 
with multiple radio recombination line components, all line components were assumed 
to have the same h..GPA. If there are multiple Hn regions along a given line-of-sight, 
then this assumption may lead to some contamination. In Fig. 4.17, coincident 
recombination line components are uniquely color-coded. 
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Morphological matching between spatially resolved radio recombination channel 
maps and GLIMPSE images towards this direction could help resolve whether N23a 
or N23b (designations taken from Anderson et al. 2011) is actually associated with 
the Galactic bubble N23 (similarly for N27a/b, N31a/b, N53a/b, and N66a/b/c), 
but channel maps were not observed by HRDS (T. Bania, priv. comm.). 
Figure 4.18 shows the 8.0 Jim GLIMPSE image towards N23 with the fitted 
ellipse described in Section 4.6. In addition to the bright source identified as N23, 
there are numerous faint ring-like objects seen in the image that could correspond to 
distant H II regions at a variety of ages and relative alignments with respect to the 
average projected Galactic magnetic field orientation. The Green Bank Telescope 
used by HRDS has a half power beamwidth (HPBW) of 82 arcseconds, shown by the 
red circle in Fig. 4.18, which is larger than the bubble N23. It is possible that two 
coincident H II regions, not easily distinguishable in the 8 Jim image, were observed 
by HRDS towards this direction. 
Given that HRDS discovered 387 unique hydrogen recombination lines in the 
GLIMPSE north region (18° < I! < 56°, lbl < 1 °) and only 33 of those match 
to Churchwell et al. (2006) Galactic bubbles, there are likely hundreds of similar 
Galactic bubbles that have yet to be identified. The HRDS survey may serve as an 
excellent starting point for future studies of Galactic bubbles, but such studies are 
beyond the scope of this dissertation. 
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Fig. 4.18 GLIMPSE 8 p,m image towards the Galactic bubble N23, which coincides 
with two HRDS RRLs. The Churchwell et al. (2006) Galactic bubble is identified 
by the green ellipse and its Galactic orientation is shown by the dashed line. Other 
fainter, ring-like features are seen towards this direction. The Green Bank Telescope's 
82 arcsecond HPBW is shown, for reference , by the red hatched circle in the lower 
left corner. 
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4.10 H n Region Evolution and the Galactic Magnetic Field 
The observational evidence presented in this Chapter show that the large-scale 
Galactic magnetic field is important for the earliest phases of the evolution of H rr 
regions. 
This implies that two forces important in the early evolution of bubbles driven 
by high mass stars are the ram pressure of the expanding ionization front and the 
external, anisotropic magnetic pressure. Along the magnetic field direction, there is 
no magnetic pressure since charged species can freely move in this direction. Perpen-
dicular to the magnetic field direction, the Lorentz force will impede the expansion 
of charged particles, which collisionally couple to neutral particles. "What external 
magnetic field strength is required to affect the morphology of the bubble? A first 
estimate of this magnetic field strength can be found by equating the magnetic and 
ram pressures acting on the expanding ionization front: 
(4.5) 
where rJ is an efficiency factor, Pshell is the density of the shell, Ushell is the expansion 
speed of the shell, and B is the magnetic field strength at the outer boundary of 
the shell. An efficiency factor ( rJ) is included because the ram and magnetic energy 
densities do not need to be equal for the magnetic field to merely perturb the evolution 
of the expanding front. 
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4.10.1 Magnetic-to-Ram Pressure 
Bernoulli's principle is described by the equation 
(4.6) 
where H is a constant (which can be interpreted as the total energy, kinetic and 
potential), u is the velocity of a fluid element, pis the total pressure in that element, 
p is the mass density of that fluid element, and W is the local gravitational potential. 
For the moment, neglecting gravity and setting H = 0 (analogous to a gauge trans-
formation), this simplifies to u ex: VCfP. This implies that a pressure differential will 
drive a fluid velocity. More specifically, an external magnetic pressure can cause a 
decrease in a plasma's expansion velocity. Applying this concept to Galactic bubbles 
hosting H II regions, an external magnetic field can cause a decrease in the expansion 
velocity of an ionization front, and in the limit of equal ram and magnetic pressures, 
there is no change in the expansion velocity. 
The equivalence of differential pressure and velocity allows the relative pressures 
of the Churchwell et al. (2006) bubbles to be estimated. The ratio of the major and 
minor axes of each bubble will be equal to the ratio of their expansion velocities, 
Rmaj Vmaj 
Rmin Vmin 
(4.7) 
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Applying Bernoulli's principle and including projection effects, the observed axis 
ratio becomes: 
Pram- sin(i) Pmag 
Pram- Pmag 
(4.8) 
where i is the inclination angle of the major axis to the plane ofthe sky (e.g., i = goo 
would be a line-of-sight along the poles of the bubble, which would appear like a circle 
in projection), Pram is the expansion ram pressure, and Pmag is the magnetic pressure 
· affecting expansion along the minor axes. The predicted effects of magnetic-to-ram 
pressure ratio and inclination angle on the observed bubble axis ratio is shown in 
Figure 4.1g_ As the magnetic-to-ram pressure ratio increases, the :projected bubbles 
are distorted from circles ( Rmaj / Rmin = 1) into ellipses. The inclination angle also 
affects the observed axis ratio. In the limit of i = goo, all bubbles appear as circles 
because the bubble's actual major axis is along the line-of-sight. 
Since the inclination angle will always cause the observed axis ratio to be smaller 
than the true (unprojected) axis ratio, bubbles with the largest observed axis ratios 
(least likely to suffer from strong projection effects) can be used to estimate the 
typical magnetic-to-ram pressure ratio. Table 4.3 lists the major-to-minor axis ratios 
and the corresponding lower limits on the magnetic-to-ram pressure for all bubbles 
with hydrogen recombination linewidths greater than 22 km s-1. As an example, the 
largest Galactic bubble axis ratio in this sample is 1.38 (bubble N80; Churchwell et al. 
2006). Assuming that this bubble has an inclination angle of oo, then Pmag = 0.47Pram 
(equal to the '!] term introduced earlier). If the inclination is non-zero, then the 
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Fig. 4.19 The predicted major-to-minor axis ratio for bubbles experiencing different 
magnetic-to-ram pressure ratios at different viewing angles. Fori= 90°, the effect is 
unobservable since the anisotropic force acts along the line-of-sight. 
magnetic-to-ram pressure ratio is even larger. Using the observed bubble axis ratios 
listed in Table 4.3, a lower limit on 7J can be estimated. The unweighted mean of 
these estimates is 7J = 0.29. This is a lower limit because any projection effects will 
bias the observed axis ratio (and therefore 71) towards unity, as shown in Fig. 4.19 
4.10.2 Magnetic Field Strength Estimate 
The density of a shell is the ratio of the mass of the shell to the volume of 
the shell, and a lower limit to the mass of the shell is the equivalent mass of the 
ambient interstellar medium that would be encompassed by that same shell. The 
·' ~ ' . ,, 
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Table 4.3. Magnetic-to-ram Pressure Estimates for Bubbles with £:,.v> 22 km s-1 
Bubble Axis ,Pressure 
Name Ratio Ratio 7J 
(1) (2) ~3) 
N23 1.08 . 0.14 
N27 1.20 0.31 
N31 1.30 0.41 
N5o 1.13 0.21 
N53 1.01 0.02 
N31 1.22 0.33 
N66 1.28 0;39 
N73 1.06 o;.12 
N80 1.38 ', 0.47 
N96 1.23 0.34 
NllO 1.09 0.15 
N115 1.27 0.38. 
shell's density can be estimated as 
< Psh,ell >= 4 {R3 [(1 T , )'R' ,,, :, :']Z}' 31r shell- - < > , shell ,, , (4.9)' 
where Rshell is the outer radius of the expanding shell, PISM istJ:ie :aN_el"~g~ inass ' 
density of the interstellar medium, and < T > is the avetQ..ge fraetional thickness of, , 
. the· shell from Churchwell et al. (2006}. Using only those bubbles with)arge.kydTogen '·, 
recombination linewidths (> 22 km s-1), the average shellthickn.e~sesjs < T~> 
0.24. Sii:Lce Rshell divides out of Equation 4.9, < Pshell > becoWEf8>1.1~Pis¥.Jor this 
subsample of b,ubbles. 
... ·.·::.~ . 
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Assuming each shell is expanding at the ion sound speed of a 104 K gas ( '"'-' 10 
km s-1) into a medium with a density equal to the average density of the interstellar 
medium (1.4 amu cm-3 ; Krumholz & Matzner 2009), the surrounding magnetic field 
strength must be 72 J-LG to have a magnetic pressure equal to the shell's expanding 
ram pressure. Using the pressure efficiency factor found earlier (71 = 0.29), this 
decreases to 21 J-LG. 
This calculation neglects the mass of the natal cloud that would be swept up 
into the expanding shell as well, which will increase the shell mass density. Consider 
an 04 main sequence star, with an approximate mass of 60 1\10 , at the center of a 1 
pc radius expanding HII region. If the star formation efficiency is 0.3 (Murray 2011), 
and assuming that the ionization front sweeps up all of the remaining natal cloud 
material, there would be an additional 200 1\10 of material swept up into the shell. 
Now the magnetic field must be amplified to 2.8 mG to equal the ram pressure (810 
J-LG including the 71 term estimated earlier). For a 25 1\10 08 main sequence star, 
this becomes 1.8 mG (520 J-LG). 
These calculations assume that the H II region freely expands into a vacuum. 
Gravity from massive stars inside the H II region and isotropic external pressure 
will further decrease the expansion speed of the ionization front. In this case, the 
magnetic fields calculated above are upper limits to the magnetic field necessary to 
perturb the expansion from a sphere to an ellipsoid. 
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Some support for the influence of magnetic fields in H II regions comes from 
previous OH maser observations towards H II regions. OH masers often arise 
in the shocked neutral gas surrounding ultracompact H II regions and the mag-
netic field strength can be measured via Zeeman splitting (Fish & Reid 2006). 
Desmurs & Baudry (1998) observed magnetic field strengths of 4 to 6 mG in the 
ultra-compact H II regions ON1 and vV51. Fish et al. (2005) surveyed 18 Galactic 
massive star-forming regions at 1665 MHz with the Very Large Baseline Array and 
observed milliGauss magnetic fields in 184 unique OH masers. Methanol masers have 
also been used to probed magnetic field strengths in high-mass star-forming regions. 
Vlemmings (2008) find an average magnetic field strength of 23 mG from 24 bright 
methanol masers. 
However, these measurements are for ultracompact H II regions, much smaller 
and younger than the H II regions interior to Galactic bubbles. The magnetic fields 
probed in these masers may only reflect special conditions in small-scale structures 
surrounding ultracompact H II regions and may not be representative of the magnetic 
fields in older H II regions. High resolution studies of their morphology and the local 
magnetic field orientation (perhaps through high resolution polarized dust emission 
at submillimeter wavelengths), however, could test these magnetic field strength 
predictions. 
Detailed calculation of the ram pressure in each bubble is not possible. As 
described above for isolated high mass stars, it would require either spectroscopic 
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classification of the central ionizing star or direct measurement of the mass (i.e., gas 
column for a molecular species at radio wavelengths) and velocity of the expanding 
shell. Spectral classifications are not available for these stars, and this simple method 
may not work for groups of ionizing stars. 13 CO spectra towards these targets are 
available from the Galactic Ring Survey (Jackson et al. 2006), however shell-like 
features could not be identified with confidence because of confusion with other gas 
features in these high-mass star forming regions. Future high-resolution spectroscopic 
observations with airborne instruments like GREAT (Heyminck et al. 2012) on Sofia 
may allow more reliable measurements of, for example, the 0 I ( 63 j.lm) mass and 
velocity structure around H II regions. Other high density gas tracers may also probe 
the expanding shells surrounding H II regions and future studies with these species 
may provide additional constraints on the dynamics of the expansion. 
The average magnetic field strength in the solar neighborhood is around 6 f.lG 
(Beck 2009). In the limit of flux-freezing, and assuming that a magnetic field of 
this strength threads all of the material swept up by the shell, the cross-sectional 
area of the shell for the 04 case would need to have swept up a area equal to 
2827/6 ~ 4 71 times its current area for the magnetic pressure to equal the ram 
pressure in this hypothetical shell. For a shell of cross-sectional area A = 21rrdr, 
and assuming that dr = 0.2r, this is an increase in the radius of the shell by a 
factor of 21. In such an expansion from a radius of, say, 0.05 pc to 1 pc, the shell 
will accumulate enough magnetic flux for the magnetic pressure to equal the ram 
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pressure. As discussed earlier, the magnetic pressure is typically only a fraction of 
the ram pressure, decreasing the expansion factor necessary to affect the bubble's 
evolution. However, relaxing the flux-freezing requirement would allow magnetic 
flux to diffuse into the bubble and (if expanding at sub-Alfvenic speeds) leak away 
from or through the expanding shell. 
As shown in Fig. 4.17 and discussed in Sec. 4.9, this magnetic alignment 
mechanism must end by the time the H II region recombination linewidth falls to 22 
km s-1 . For our notional bubble, this roughly corresponds to when the inner major 
axis has expanded to approximately 2 pc (see Fig. 4.15). This mechanism may also 
fail for high mass star formation in a dense, extended medium where mass loading of 
the expanding shell causes it to slow before appreciable magnetic amplification can 
occur. 
4.11 Conclusions 
In this Chapter, I characterized the relative orientations of Galactic bubbles 
hosting H II regions with the Galactic plane. Existing hydrogen radio recombina-
tion line data were used to measure physical properties of Galactic bubbles hosting 
H II regions and to estimate their kinematic distances. I showed that H II regions 
with suprathermal (> 22 km s-1) hydrogen recombination linewidths are preferen-
tially aligned with the Galactic plane. H n regions with subthermal ( < 22 km s-1) 
linewidths are consistent with random alignments. Recombination linewidths were 
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also shown to be anticorrelated with the physical sizes of bubbles. Since H rr re-
gion physical sizes monotonically increase with time, I suggest that recombination 
linewidths can be used as age indicators for H II regions. The decay of the turbulent 
velocity components with time may account for this (Garay 1990). The spectral 
type of the star creating the H II region was shown to have only a weak effect on the 
observed linewidth (and unable to account for the break at a linewidth of 22 km s-1), 
and showed no correlation with the relative alignment between the bubble's long axis 
and the Galactic plane. 
Starlight polarimetry was used to probe the large-scale properties of the Galac-
tic disk magnetic field and showed that the projected orientation of the Galac-
tic magnetic field is approximately constant and well-aligned with the Galactic 
plane( (GP A) = 85° ± 10°) over the Galactic longitude range 18° < f < 56°. From 
these results, I suggest that external magnetic field pressure may be responsible for 
the relative alignment between Galactic bubbles hosting H II regions and the Galactic 
plane. 
Under the assumption that external magnetic fields are responsible for the ob-
served bubble eccentricities, I estimated the magnetic-to-ram pressure ratio of each 
bubble necessary to explain the observed major-to-minor axis ratios of the Galactic 
bubbles. A lower limit to this pressure ratio was shown to be 0.29. This proposed 
magnetic field mechanism predicts the presence of milliGauss magnetic fields sur-
rounding the expanding Hrr regions. Much stronger magnetic fields have already 
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been measured via Zeeman splitting in ultracompact H II regions, though the special 
conditions found in masers may not be representative of all H II regions. 
From this work, I propose an observationally-driven theory for the relationship 
between the relative alignment between the bubbles that trace H II regions and the 
Galactic magnetic field, as the H II regions evolve. 
New HII regions are small and characterized by large turbulent energy densities, 
which are observed in their suprathermal linewidths. As H II regions grow, their 
ionization fronts expand into the clumpy, magnetized interstellar medium where they 
interact with the large-scale Galactic magnetic field. The magnetic field becomes 
entrained in the ionization fronts and is amplified. The increasing magnetic field 
strength begins to inhibit expansion of the ionization front perpendicular to the 
large-scale field orientation, which causes the bubble to expand preferentially along 
the magnetic field direction. This creates an elliptical bubble preferentially aligned 
with the magnetic field direction. 
As the H II region ages, the ionization front slows because of mass loading and 
the magnetic field begins to weaken via magnetic diffusion. Around this time, the 
turbulent energy density in the hydrogen recombination line emitting region has dis-
sipated, causing the linewidths to decrease to the thermallinewidth. Magnetic fields 
no longer impress a preferential orientation on the HII region's expansion and other 
forces (e.g., local gas density variations) now dominate the morphological evolution 
of the H II region. 
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Chapter 5 
Resolved Polarimetry of M51 
This chapter describes a project to measure resolved polarimetry across the sur-
face of the galaxy M51. This project established upper limits to the H-band polariza-
tion, which were low enough to rule out normal Serkowski-type dust grain wavelength 
behavior of the polarization. 
5.1 Introduction 
In the previous chapters, the large-scale structure of the magnetic field of the 
Milky 'vVay and the effect it has on Galactic bubbles hosting HII regions were studied. 
I was able to place strong observational constraints on the Galactic magnetic field and 
propose an evolutionary sequence for HII regions based on their interaction with the 
Galactic magnetic field. While insightful, these studies of large-scale magnetic fields 
are limited because of our location within the Milky 'vVay. It is analogous to trying to 
study a forest from one location inside that forest. By looking to other galaxies (in 
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particular, Milky 'vVay analogs), we expect to learn more about the source, structure, 
and influence of galactic-scale magnetic fields. 
M51 (NGC 5194, or the Whirlpool Galaxy) was chosen for a pilot study 
of resolved polarimetry across external galaxies with the Mimir instrument 
(Clemens et al. 2007) on the Perkins Telescope outside of Flagstaff, AZ. M51 is 
an essentially face-on, grand-design spiral galaxy in the Northern sky. M51 is not 
a perfect Milky 'vVay analog because it is interacting with the galaxy NGC 5195 
(Toomre & Toomre 1972). Its high elevation (declination +47°) in Flagstaff, AZ 
made it suitable for long observations with the Perkins telescope and its large an-
gular size (approximately 11 x 7 arcmin) was well matched to the Mimir 10 x 10 
arcmin field-of-view (FOV). M51, as a whole, is very well studied, with a rich lit-
erature. The magnetic field of M51 has also been previously studied at optical and 
radio wavelengths, but never at NIR wavelengths. 
The first observations of the magnetic field in M51 were made by 
Mathewson et al. (1972) at 1415 MHz (~ 21 em) via synchrotron emission. Later, 
Segalovitz et al. (1976) observed polarized synchrotron emission at 6 and 21 em, but 
found no measurable polarization at 49 em. The observed polarizations suggested 
that the large-scale magnetic field is oriented along the spiral arms of M51. 
Tosa & Fujimoto (1978) and Sofue et al. (1980) used these observations to ar-
gue that the magnetic field of M51 is bisymmetric (as described in Sec. 1.2) and 
that amplification of magnetic fields tied to primordial gas, as the galaxy formed, 
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was responsible for the observed magnetic fields and that a galactic dynamo was not 
needed. However, Beck (1982) suggested that galaxy-wide dynamos could also ex-
plain the observations. Additional polarization observations were made by Neininger 
(1992) at 2.8 em, Horellou et al. (1992) at 18.0 and 20.5 em, Heald et al. (2009) at 
18 and 22 em, and Fletcher et al. (2011) at 3 and 6 em. All authors agreed that 
Faraday depolarization across the face of M51 (caused by different values of rotation 
measure at different emission locations) could be a serious problem. 
In addition to the large-scale magnetic field in the Galactic disk, a 'magnetic 
bridge' was observed (at least in projection) between M51 and NGC 5195 at 3 and 6 
em and that is not traced by CO or optical emission (Fletcher et al. 2011). Though 
the authors say nothing further about this structure, the presence of such a bridge 
suggests that the interaction of M51 with NGC 5195 (Toomre & Toomre 1972) has 
perturbed the large-scale magnetic field of both galaxies. 
In an attempt to probe the magnetic field of M51 without the effects of Faraday 
depolarization, Scarrott et al. (1987) used resolved optical polarimetry ( 450-1000 nm, 
with peak response at 850 nm) to measure the orientation of magnetic fields, assuming 
a Davis-Greenstein (Davis & Greenstein 1951) dust alignment mechanism (utilizing 
a different physical mechanism than the radiative torque mechanism discussed in 
Chapter 2, but have the same net alignment effect on dust grains). Their observed 
polarizations traced an open spiral pattern from the nucleus out to a radius of 4-5 
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kpc, similar to the spiral pattern seen in optical emission from starlight. The optical 
polarizations were weak, typically < 1%, compared to R:! 20% at radio wavelengths. 
A comparative study between magnetic fields probed at optical, near-infrared 
(NIR), and radio wavelengths in a face-on galaxy can provide key context for studies 
of magnetic fields in the Milky 'vVay. What is the magnetic pitch angle of M51, how 
does it compare to the photometric sprial arm pitch angle, and how does it compare 
to the magnetic pitch angle for the Milky 'vVay? Since optical/NIR polarization traces 
magnetic fields in dusty regions, while synchrotron polarization and Faraday rotation 
trace magnetic fields in the hot interstellar medium, one can ask if the same large-
scale magnetic field is being observed in both regions, or are local magnetic fields 
able to decouple from the large-scale field in certain circumstances? For lines-of-
sight in the Milky Way, starlight polarization by dichroism at ultraviolet through NIR 
wavelengths follows a Serkowski law (Serkowski et al. 1975), with a peak polarization 
observed around 550 nm and weaker polarizations at longer and shorter wavelengths. 
Does resolved optical/NIR polarization across the face of a galaxy also follow a 
Serkowski polarization law? Are the effects of the interaction of NGC 5195 with M51 
seen at 3 and 6 em (Fletcher et al. 2011) also seen with optical/NIR polarimetry? 
This pilot study intended to extend the work of Scarrott et al. (1987) by mea-
suring resolved polarimetry across the disk of M51 in the NIR. However, the fully 
reduced NIR polarimetric observations of M51 showed no significantly detected po-
larization signal. The polarimetric signal-to-noise ratio (SNR), even after coadding 
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multiple observations, was consistent with no measurable polarization, and only an 
upper limit on the H-band polarization could be set. 
Also, the polarization position angle distribution showed unphysical structures 
across the disk of the Galaxy, where only random orientations were expected (at zero 
polarization, position angle is a meaningless quantity and should be random). This 
unexpected (and unphysical) result suggested that there was an error or possible bias 
in the polarimetric analysis software or the observations. Thorough examination of 
the raw images and the data reduction pipeline showed that the close match between 
the Mimir FOV and the angular size of M51 prevented reliable background fitting 
and subtraction because of the large fractional area unavailable for sky background 
fitting. A slight difference in response between the top and bottom halves of the 
detector, when convolved with the telescope dither pattern and the relative offsets 
between individual observations, also added a coherent signal that was difficult to 
remove. 
vVhile the goal of measuring resolved polarimetry across M51 was ultimately 
unsuccessful, this project illustrates many of the paths not to take and will impact 
future resolved NIR polarimetry studies. Also, the low upper limits set on the H-band 
polarization across the face of M51 pose interesting constraints on any opticaljNIR 
polarization mechanism operating in M51. 
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Table 5.1. M51 Observations 
UT Date 
(YYYYMMDD) 
(1) 
20090215 
20090308 
20090311 
20090509 
20090510 
20090511 
20090512 
Total 
5.2 Observations of M51 
Number of 
Observations 
(2) 
2 
12 
13 
6 
5 
6 
6 
50 
M51 was observed in 2009 February, March, and May with the Mimir instru-
ment (Clemens et al. 2007) on the Perkins 1.8m Telescope outside of Flagstaff, AZ. 
Observations were conducted in the H-band (1.6 J-lm) with the same automated ob-
serving scripts used for starlight polarimetry described in Section 3.2, but with 10 
second integrations (not including the 0.25 s readout time during which the detector 
continues to integrate). A total of 50 scripted observations were obtained, and they 
are summarized in Table 5.1. They total14.5 hours of on-target integration. In the 
observations, M51 fills over half of the Mimir FOV. Resolved polarimetry with Mimir 
in this manner has successfully been used for comet studies by Jones et al. (2008), 
though the resolved object in that study filled a much smaller fraction of the Mimir 
FOV. 
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5.3 Data Reduction 
The same data reduction packages used in Chapter 3.2 and described in 
Clemens et al. (2012b,c) were applied to these observations, but with a few key differ-
ences. Unlike starlight polarimetry where we are interested in measuring the star's 
total, integrated flux above the local background, for resolved polarimetry the re-
solved flux (still above the background) is the measured quantity. Changes to the 
reduction method were intended to preserve the resolved flux and are discussed below. 
5.3.1 Ski Jumps 
Clemens et al. (2012c) discusses an image artifact called 'ski jumps' which oc-
curs in 1-3% of images taken with Mimir. Ski jumps are manifest as an exponential 
rise in detector counts for the 30-45 rows at the top and bottom of the detector, 
and may be partially attributed to the long cables from the instrument electronics 
to the detector (rv2 m). Normally, the Mimir Basic Data Processor (Clemens et al. 
2012c) is able to reliably detect and correct this effect. However, I discovered that 
the extended emission from M51 near the top and bottom of the detector array was 
triggering false positive detections. This would cause the reduction software to fit 
and subtract a model for the ski jump flux where it was not present and corrupt 
good M51 observations. 
The frequency of ski jumps is anticorrelated with image exposure time 
(Clemens et al. 2012c). For the long (10 second) exposures used when observing 
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M51, ski jumps should be quite rare. Therefore, I disabled the ski jump detection 
and correction software when reducing M51 images. Even if there were images with 
actual ski jumps present, they would only contaminate the top and bottom 30-45 
rows of the 1024 x 1026 detector and would not affect the remainder of the image. 
5.3.2 Automatic Super-sky Calculation 
Super-sky images are one method for calculating and removing the background 
sky flux in a set of dithered observations. By stacking and averaging several images 
with small angular offsets (dithers), small-scale structures (like stars) are removed 
while large-scale structres (sky flux) remain and can be accurately modeled and 
removed. As part of starlight polarimetry data reduction, the Mimir data reduction 
software automatically calculates a super-sky for each (of 16) unique half-wave plate 
(HvVP) positions. For each HvVP position during a single observing script, all images 
taken through that HvVP position are stacked (without astrometric registration) and 
a median-filtered-mean is calculated for each pixeL The resulting super-sky images 
are then biased to the appropriate mean sky level in the original images. To remove 
the sky background component, these super-sky images are subtracted from their 
corresponding individual HWP images prior to registration and summation. 
For M51, the application of super-sky images in this manner would be a mistake. 
Telescope dithers are approximately 15 arcsec while the M51 extended emission spans 
several arcminutes. Since the dither pattern is much smaller than the size of the 
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object, super-sky images created in this manner would contain much of the flux of 
the object, which would then be subtracted from the images. I performed a test on 
one M51 observation where I allowed the software to calculate and subtract super-
sky images. Essentially all extended flux on size scales larger than the dither radius 
were removed. Automatic super-sky calculation was disabled for all images. Instead, 
backgrounds were modeled and removed using a different method, described below. 
5.3.3 Fitting Backgrounds 
In order to accurately measure the polarized flux from M51, the image back-
ground (both sky flux and flux contributions from the telescope/instrument system) 
must be reliably measured and removed. Observations of M51 required 30 minutes 
of telescope time with individual images integrated for ten seconds. The ten second 
exposure time is long enough that rapid C·"1 second) sky transmission variations will 
be averaged out. The total observation time is short enough that the background flux 
should not change significantly over the course of each observation. To do this, 'sky 
only' zones were identified in the Mimir images ofM51 and used to fit two-dimensional 
polynomials to the sky background in each Mimir image. Two-dimensional polyno-
mials were chosen because both constant and linear sky backgrounds for the entire 
array left large residuals when subtracted from the image. An example image is 
shown in the left panel of Figure 5.1. In that image, black circles show zones selected 
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by hand to use for fitting the sky background. These zones avoid M51, NGC 5195, 
and the brightest stars in the field. 
For each zone, the median-filtered-mean of the pixel values in that zone and its 
center pixel coordinates were used to fit a fourth-order, two-dimensional polynomial 
(y = .Er=o aixiyn-i + .E"J=o ajxj + .Ek=O akyk where ai,j,k are fitting coefficients and n 
is the order of the polynomial fit) independently for the top and bottom halves of 
the detector. The choice of a fourth-order polynomial was based on an analysis of 
the structure seen in the sky background residuals. The backgrounds were modeled 
with two-dimensional polynomials from zeroth order (n = 0, constant background) 
up to fourth-order (n = 4). At fourth-order, large-scale trends in the residuals across 
the array were no longer seen and this was selected as the best method. The right 
panel of Fig. 5.1 shows a negative version of the image in the left panel of that Fig. 
after background subtraction. The top and bottom halves of the detector were fit 
independently because of a response difference discovered after coadding the images 
and which is clearly visible in the left panel of Fig. 5.1. This top/bottom difference 
will be discussed in more detail in Section 5.5.4. 
5.3.4 Polarimetric Analysis 
The resolved polarimetry analysis is similar to the analysis described in 
Clemens et al. (2012c) for individual starlight polarimetry. After removing the sky 
component, images were grouped by HWP angle and coadded to form 16 master 
146 
Fig. 5.1 Example Mimir image of M51, stretched to emphasize the sky flux, with 
black circles indicating 'sky only' zones used for fitting the sky contribution (left 
panel). Negative image of M51 after subtracting the modeled sky background, 
stretched to emphasize the background (right panel). 
HWP images. Since the observations were dithered, this step removes image defects 
(e.g., bad pixels and cosmic rays). Because of the 4e modulation of the signal by 
the HvVP as it rotates, the 16 master HvVP angles correspond to four unique, inde-
pendent polarimetric position angles (IPPAs): 0, 45, 90, and 135°. The four images 
(five for oa) at each IPPA were averaged to form four master IPPA images and their 
corresponding uncertainty images. 
The polarization uncertainty is ultimately derived from the measured sky bright-
ness and the polarized surface brightness of M51. For each of the 50 observations 
listed in Table 5.1, sixteen IPPA images were generated by coadding the six (seven 
for HWP=0°) dithered observations through each unique HWP position. The sky 
background value across each of these IPPA images was fit, as discussed in Section 
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5.3.3. The uncertainty in each IPPA image was the sky background and the photon 
noise (the square ropt of the number of photons) added in quadrature. The contribu-
tion of dark current ~o the uncertainty was small compared to these two terms. The 
sixteen IPPAs cqrre.spond.to four independent measurements through HWP=O, 45, 
90, and 135°. The four IPPAs corresponding to a single HWP angle were averaged, 
weighted by their invers·e square uncertainties to form four master HvVP images for 
each observation. 
From these four master IPP A images, raw Stokes images were calculated: 
QRAW = (Io- lgo)/(Io +!go) (5.1) 
(5.2) 
where operations are performed on each pixel in the entire image. 
The previously calculated instrumental polarization contribution 
(Clemens et al. 2012b) is then removed: 
(5.3) 
UaoRR = URAW- UrNST (5.4) 
with uncertainties propagated. These corrected images were then scaled by the po-
larization efficiency (rJ) and rotated by the HWP zero-phase offset angle (B, the angle 
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between the instrument coordinate system and the equatorial coordinate system): 
Qsky = cos(2B)QcoRR/?J- sin(2B)UcoRR/?J (5.5) 
Usky = cos(2B)UcoRR/?J + sin(2B)QcoRR/?J (5.6) 
An instrumental polarization uncertainty of 0.1% (Clemens et al. 2012b) was 
added in quadrature to the Usky and Q sky image uncertainties. Correction for the 
HWP zero-phase offset angle in Equations 5.5 and 5.6 did not introduce any ad-
ditional uncertainty, but the uncertainty in the polarization efficiency correction 
(Clemens et al. 2012b) was included. 
This method was applied independently to all fifty observations of M51 pro-
ducing fifty independent Stokes Usky and Qsky (and their correspoding uncertainty) 
images of M51. The fifty images of each Stokes were combined via a weighted average 
to produce the final U and Q Stokes images across the face of M51. From these final 
Stokes images, the biased degree of polarization (P') and equatorial position angle 
(PA) were calculated: 
PA = 0.5tan-1(U/Q) 
(5.7) 
(5.8) 
where PAis given in radians. The degree of polarization is a positive-definite quantity 
and suffers from a positive statistical bias. P' was debiased, using the prescription 
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of Wardle & Kronberg (1974), to calculate the true polarization: 
p = )pr2 _ 0"~ (5.9) 
5.4 Initial Results 
A final H-band photometric image of M51 is shown in the top left panel of Figure 
5.2. For each of the fifty observations listed in Table 5.1, the four master IPPA images 
were combined to create one photometric image. These fifty photometric images were 
registered and coadded to produce the image in Fig. 5.2. 
The top right panel of Fig. 5.2 shows the initial degree of polarization (described 
in the previous section) at Mimir's native 0.6 arcsecond angular resolution before 
statistical debiasing and before any attempt was made to increase polarization SNR 
via smoothing. Scarrott et al. (1987) saw a small increase (factor of two) in the 
degree of optical polarization in M51 at large radius compared to the center of M51 
(though they are silent on whether statistical de biasing was applied to their data). 
No clear trend in optical polarization was seen in their observations of the companion 
galaxy NGC 5195. A similar increase in the biased polarization with radius is seen 
in both M51 and NGC 5195 at H-band. 
The polarimetric SNR across the face of M51 can be increased by smoothing 
the Stokes U and Q images to synthesize lower angular resolution images from the 
observations presented here. Since the Stokes U and Q parameters are Gaussian-
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Fig. 5.2 (Top left) Mimir H-band photometric image of M5L This image is the 
result of the coadding of all observations of M51. (Top right) Measured polarization 
before statistical debiasing (P') at the native 0.6 arcsecond resolution of Mimir's 
pixels. (Bottom left) Measured polarization position angle across M51 at 0.6 arcsec-
ond resolution. (Bottom right) Measured polarization uncertainty across M51 at 0.6 
arcsecond resolution. 
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Fig. 5.3 Median polarization (solid line) and polarization uncertainty (dashed line) 
across the face of M51 as a function of smoothing kernel. The lower x-axis shows the 
smoothing resolution in Mimir pixels while the upper x-axis shows the corresponding 
angular resolution. 
distribution quantities, the combination of several pixels into one larger, synthetic 
pixel via a weighted average should decrease the noise as the square root of the num-
ber of pixels incorporated into the larger pixels. As shown in Figure 5.3, smoothing 
the data down to 5 arcsecond resolution did cause a drop in the polarization uncer-
tainty, as expected. However, the polarization SNR remained below unity and the 
measured degree of polarization was still consistent with no detection. 
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Smoothing to even coarser angular resolutions produces a complex pattern in 
both polarization and its corresponding uncertainty. At 10 arcsec angular resolution 
the polarization and uncertainty both begin to increase, though the exact cause for 
this rise is unclear. Beyond 50 arcsec angular resolution, both parameters begin to 
decrease. This decrease in polarization is likely caused by averaging over large-scale 
structures across the face of M51 (depolarization within a resolution element). At 
no angular resolution did the SNR exceed two. 
Smoothing at 5.8 arcsecond resolution (a factor of 10 along both axes) produced 
one synthetic pixel, 6.5 arcseconds northeast of the center of M51's bulge, with a 
significant polarization. This synthetic pixel has an Rician-corrected polarization 
of P = 0.0059 ± 0.0017% at an equatorial position angle of P A = 162 ±sa. This 
orientation is consistent with a polarized centrosymmetric reflection pattern from a 
bright point source at the center of M51, but reflected polarization should show a 
much stronger degree of polarization. This orientation is also aligned parallel to the 
photometric ellipsoidal bar at the center of M51. Larger smoothing kernels provided 
no additional information. If the spiral-like pattern seen by Scarrott et al. (1987) 
exists at H-band, a large smoothing kernel will begin to smooth over regions with 
significant rotation in the PA and depolarize the synthetic pixels. This is particularly 
important in the core of M51 where a large synthetic pixel would likely encompass 
all possible PAs. For example, the single significant polarization detection at 5.8 
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arcseconds is no longer significantly detected at a 11.6 arcsecond (20 pixel), or larger, 
angular smoothing. 
The uncertainty in the measured degree of polarization at 0.6 arcsecond reso-
lution is shown in the bottom right panel of Fig. 5.2. The polarization uncertainty 
is almost perfectly anticorrelated with the total flux shown in the top left panel of 
Fig. 5.2. This is expected since the polarization uncertainty depends on the Stokes 
U and Q uncertainties, which depend on the uncertainty in the flux through each 
HvVP angle. If photon noise dominates the uncertainty, then the photometric SNR 
measured through each HWP angle increases with increasing flux. Though, the exact 
relation depends on location in M51, since some zones will be background limited 
and others signal limited. 
At Mimir's native 0.6 arcsecond pixel size, the polarization uncertainty is greater 
than the measured polarization across the entire image. After applying the Rician 
polarization correction (Wardle & Kronberg 1974), there is no measurable H-band 
polarization across M51 or NGC 5195. 
The bottom left panel of Fig. 5.2 shows the measured polarization position angle 
(PA, in degrees) across M51 and NGC 5195 in the Equatorial coordinate system (PA 
increases from North towards East). The P A is not affected by a statistical bias like 
P, though P A has no meaning for a zero polarization measurement. Regions of co-
herent P A are seen as faint horizontal bands of constant P A. The regions of coherent 
P A differs from the spiral P A pattern seen at optical wavelengths by Scarrott et al. 
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(1987), further evidence that they are not reaL Given the null polarization measure-
ment, the PA map holds no real information. I would have expected a random PA 
distribution across the image in the limit of no polarizations; however, the structure 
seen in the PA map suggests that there are systematics in the data reduction which 
may have introduced the observed PA pattern. 
5.5 Method Analysis 
The next section presents several studies to test the data reduction pipeline 
and try to identify where errors that resulted in the observed PA pattern may have 
possibly been introduced in the data reduction. 
5.5.1 Comparison with Starlight Polarimetry 
In addition to M51, several foreground Galactic stars were also present in the 
observations. The polarizations of these stars were measured with two different 
methods. The foreground stars were reduced using the starlight polarimetry reduc-
tion software used in Chapter 3 and described by Clemens et al. (2012b,c) . The 
polarizations were also measured by reducing the observations with the resolved po-
larization software and combining the resolved polarization across each star to a 
single, flux-weighted point source value. 
Starlight polarizations were calculated for 41 stars across the Mimir FOV us-
ing the same software used in Chapter 3. Three of these stars have significantly 
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detected polarizations (Pja-p >3), and 12 had marginal polarization detections (1.25 
< Pja-p <3). The Stokes Q and U parameters ofthese starlight detections were com-
bined with a weighted average to characterize the mean starlight polarization across 
the field-of-view (the field polarization). This field polarization was 2.0 ± 0.2% at a 
Galactic position angle of 101.9 ± 2.9°. These results are consistent with the predic-
tions of a disk-even Galactic magnetic field (e.g., Fig. 2.4). 
Resolved polarimetry across the point spread function (PSF) of each star re-
sulted in several pixel-based measurements of the polarization of these stars. Stokes 
U and Q values for each star were measured by calculating the flux-weighted average 
of the Stokes parameters for each pixel across the PSF. 
The difference of the Stokes parameters (U and Q) measured by the two different 
methods (e.g., Dstarlight and Uresolved) for all15 stars were calculated. The weighted 
averages of these differences were calculated for both Stokes parameters: l:::..U = 
-0.13±0.49% and l:::..Q = -0.14±0.51% (corresponding to a difference in polarization 
of 0.19 ± 0.51% at a position angle of 111 ± 76°). These results suggest that there is 
no significant difference in the processing by the two different methods. 
5.5.2 Comparison with Other Mimir Observations 
As an independent test of the data reduction pipeline, I reduced observations 
of the bipolar reflection nebula IRAS 05329-0505, located in the Orion Molecular 
Cloud, taken with Mimir on 2009 February 15. This nebula appears smaller (2 x 
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0.5 arcmin) than M51. The polarization properties of this object at I-band (800 
nm) were previously studied by Wolstencroft et al. (1986). The object presented 
a centrosymmetric polarization pattern around the central object with up to 35% 
polarization, consistent with being due to reflection. Because of the large degree of 
polarization caused by reflection, significant polarization at H-band is expected. 
The IRAS 05329-0505 observations were reduced with the same extended source 
reduction software as for M51, discussed in the previous section. The Mimir polar-
ization results of the IRAS 05329-0505 reflection nebula observations are shown in 
Figure 5.4. In that Figure, the background image shows the observed H-band resolved 
flux (the image color table has been inverted) and the red vectors trace the degree 
and orientation of the polarized light at each location (only every fifth vector has 
been plotted for clarity). A 50% polarization reference vector is show at the bottom 
left. The H-band PA distribution is identical to the centrosymmetric PA distribution 
seen at I-band by vVolstencroft et al. (1986). The IRAS point source is identified by 
the green square in Fig. 5.4. The average measured H-band polarization across this 
object is 31%, though the degree of polarization is a strong function of position across 
the nebula. For IRAS 05329-0505, Mimir and the extended source data reduction 
pipeline accurately recover the reflection-generated polarization across this object. 
There are two key differences in the properties of M51 and IRAS 05329-0505 
that may account for the failure to measure polarimetry for M51: the degrees of 
polarization and the angular sizes of the objects. The reflection nebula shows signifi-
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cant polarization, typically 25-50% in the H-band: Optic:al-polarizations across M51 
- - . . 
were typically < 1% (Scarrott et aL 1987) .. Assuming a reason::J,ble S~rkowski;,.like 
wavelength dependence of polarization, the NIR polarization acro~·s the face of M51 
. . 
should be even weaker than in the 'OpticaL IRAS 05329-0505 alsb SlJb{eAd$ a.much 
smaller solid angle on the sky than M51, which allowed much:larger areas for back-
ground fitting (99% of the detector area was available for backg±oiind~fitti~garound · 
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IRAS. 05329-0505 while only 45% was available for M51} 
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Fig. 5.4 Inverted H-band photometric image of IRAS 05329-0505 overlaid with polarization vectors. The green square 
indicates the location of the IRAS point source. Data reduction was identical to the processing of M51 shown in Fig. 
5.2. The H-band vectors show the same centrosymmetric pattern that was seen at I-band (Wolstencroft et al. 1986). 
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5.5.3 Synthetic Observations 
I conducted another test of the data reduction pipeline by creating synthetic 
observations of a fictional polarized target. The polarized target, whose properties 
are shown in the top frames of Figure 5.5, consisted of a 2.3 x 2.3 arcmin square. 
The surface brightness across the entire square was uniform, and its value was set 
to yield no .more than 1% polarization uncertainty across the target. This object's 
degree of polarization increased from zero to 7.5% when moving from higher to lower 
right ascension (left to right), and whose polarization position angle varied smoothly 
from 0 to 180° when moving from higher to lower declination (top to bottom). This 
allowed a wide range of polarization and position angle pairs to be considered. 
A set of 102 synthetic Mimir observations (mimicking one complete observing 
script) were generated by calculating the surface brightness expected when this object 
is viewed through the sixteen HvVP positions. The object was modeled to be at the 
center of the 10 x 10 arcmin Mimir FOV as shown in Figure 5.6. Fig. 5.6 is a 
simulated image for HWP=45°. Eleven unpolarized (no flux variation with HvVP 
position) stars were spread throughout the Mimir FOV. These stars are necessary 
for astrometric frame registration and frame-to-frame flux calibration (set to unity 
in these synthetic observations) in the software. Randomly generated, Gaussian-
distributed photon noise was then added to each pixel at level appropriate to the 
surface brightness. A response difference between the top and bottom halves of the 
detector (discussed in detail in Section 5.5.4) was also added and is visible in Fig. 
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Fig. 5.5 (Top left) Degree of polarization for the synthetic target , increasing from left 
to right. (Top right) Polarization position angle across the synthetic target. (Lower 
left) The recovered degree of polarization across the sythetic target. Black regions 
indicate low polarization SNR. The perimeter (where the target 's flux decreased 
to zero) and the lowest polarization zones were not recovered. (Lower right) The 
recovered PA across the face of the synthetic object. This quantity was perfectly 
recovered in zones with high SNR. 
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5.6. The effect of Mimir's instrumental polarization was not simulated as it is well 
characterized and is not expected to play a role here. 
Initially, the total flux of the input frames included sharp edges along the perime-
ter of the object. These sharp changes in flux, in particular at the object's corners, 
were interpreted as stars by the reduction software. Therefore, an exponential roll 
off in fl1L'{ along the perimeter of the synthetic object was added, which can be seen 
in Fig. 5.6. 
These synthetic observations were processed with the standard reduction 
pipeline (identical to processing of M51 in Section 5.3 and IRAS 05329-0505 in Sec-
tion 5.5.2) except that no instrumental polarization correction was applied. The 
resulting polarization propertieB: are shown in the bottom panels of Fig. 5.5. In 
those frames, black regions show low SNR areas (SNR < 1). These are typically 
where low polarizations (the left side of the object) or low fluxes (along the perime-
ter of the object) are present. The polarization uncertainty across the target (not 
shown) was 1%, so regions of low polarization were not recovered because of the 
low SNR there. This is exactly the behavior expected from the ·wardle & Kronberg 
(1974) statistical polarization correction. 
Overall, the software does an excellent job recovering the input polarization 
properties. The position angles (right frames in Fig. 5.5) are almost perfectly recov-
ered and the degree of polarization is also well recovered. The rounded corners seen 
in the lower panels of Fig. 5.5 reflect the roll off in surface brightness of the target. 
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Fig. 5.6 Sample 1024 x 1026 pixel synthetic Mimir observation of the polarized tar-
get in Fig. 5.5 for HWP=45°. Eleven stars are visible that were used for synthetic 
astrometry and image-to-image flux calibration. A difference in the sensistivity be-
tween the top and bottom halves of the detector (discussed in Section 5.5.4) is also 
present. 
.. ·. 
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As with IRAS 05329-0505, the data reduction software has reliably measured 
the polarization properties of this synthetic object. Unlike the reflection nebula 
which had polarizations approaching 50%, this synthetic object has much weaker 
polarizations. (of order 1%) ·and. were measured. 
5.5.4 D~tector Array Quadrant Differences 
The final co added frames. of M51 showed a faint horizontal band in the middle of 
the detector (also visible in th~ left frame of Fig. 5.1). This band was a manifestation 
of a faint detector response difference between the top and bottom halves of the 
detector array . 
Examination of the sky background seen in individual Mimir frames showed 
such a jump in response. An example is shown in Figure 5.7 for an observation of 
M51 on 2009 February 15th. In this Fig., the sky background from a single column 
containing no flux from M51, ·NGC 5195, or stars has been plotted (after applying 
a seven pixel boxcar smoothing). Row zero corresponds to the top of the Mimir 
frame and row 1024 corresponds to the bottom of the frame. The vertical dashed 
line indicates the location of the separation between the top and bottom halves of the 
detector (row 513). At row 513, a 4% jump in response is seen. This change is seen 
in all Mimir observations of M51 having exposure times of 10 seconds. Convolution 
of this jump with the 15 arcsecond dither pattern and the slight offsets between 
individual observations creates the horizontal band seen in the left panel of Fig. 5.1. 
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Fig. 5.7 Sky background flux from a single column (containing no flux contributions 
from M51, NGC 5195, or any stars) of an M51 observation taken on 2009 February 
15th. A seven pixel boxcar smoothing has been applied to the data. A break is seen 
at row 513 which seperates the top and bottom halves of the detector. 
Examination of the 10 second exposure frames obtained in Chapter 3 shows 
an identical jump. This jump in response is not seen in dark/fiat corrected short 
exposure images (e.g., the 2.3 second exposures for normal starlight polarimetry and 
shorter exposures for polarization standards). This jump is seen in dark frames 
obtained for some integration times. Darks shorter than 2.3 seconds do not show 
a measurable jump, but images with longer integrations (up to 60 seconds) show 
this jump. Since the jump persists in long exposures (more than 10 seconds) that 
have been dark corrected, I conclude that this jump is caused by a difference in 
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the response of the top and bottom halves of the detector that depends on the 
exposure time. This represents an instrumental effect not corrected by polarimetric 
fiat fielding, nor by the darks, which also show this difference in response. Typical 
exposure times for polarimetric fiat field images (that were used to correct these 
observations) are one second. If this effect depends on exposure time, then the fiat-
fielding may not correct it. Perhaps fiat field images with an identical exposure time 
(towards an appropriate surface brightness fiat field target) would allow correction 
of this difference in response. 
During reduction of starlight polarimetry, super-sky images are calculated and 
subtracted to flatten the sky background (Clemens et al. 2012c). This subtractive 
correction of sky brightness variations does not affect the starlight polarimetry, but 
will remove the signature of any response differences between the top and bottom 
half of the detector (e.g., Fig. 3.1). For a large, resolved object like M51 the super-
sky correction was disabled and this response difference will remain. Low order 
polynomial fitting of the sky background across the frame (described in Sec. 5.3.3) 
cannot accurately model the sudden jump of a step function, and the effect will 
persist. 
This effect may account for the coherent P A structure seen in the center of the 
calculated PA image of M51 (bottom left frame of Fig. 5.2). Coherent over (under) 
estimation of the sky background above (below) the middle of the detector will add 
coherent structure in the individual HvVP images of M51, which propagate into the 
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U and Q images and the P and PA images. The P image shown in the upper right 
panel of Fig. 5.2 also shows a horizontal band of slightly weaker polarization north 
of the galactic nucleus, which may also be a manifestation of this effect. 
5.6 Discussion 
Based on the results presented in Fig. 5.2, I conservatively place an H-band 
polarization upper limit of 0.05% across the face of M51 at an angular resolution of 
0.6 arcseconds and 0.02% at a resolution of 1.8 arcseconds. A low polarization at 
H-band is expected given the optical polarimetry values reported by Scarrott et al. 
(1987). In that work, the optical polarization across the face of M51 was found to 
be less than 1%, with slightly larger polarization across north side of NGC 5195. 
If this polarization is caused by dichroic extinction by dust in M51, then the 
wavelength dependence of polarization might be expected to follow a Serkowski law 
(Serkowski et al. 1975). The Serkowski law, as modified by ·Wilking et al. (1982), is 
well-fit by: 
P).. [( ) 2 (Amax)] Pmax = exp 1.86- 0.10Amax ln ->.- , (5.10) 
where Amax is the wavelength of maximum polarization. The polarization is expected 
to decrease at NIR wavelengths. Assuming Amax = 0.55 J-Lm (typical for lines-of-sight 
in the Milky Way; Serkowski et al. 1975), PH/ Pv = 0.35 and PK / Pv = 0.17. This 
new upper limit, combined with the Scarrott et al. (1987) optical results, places a one 
sigma upper limit on the NIR-to-optical polarization ratio: PH/ Pv < 0.05 (0.15 for 
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a three sigma upper limit), inconsistent with the empirical Serkowsi Law. Therefore, 
the Serkowski Law is rejected as the mechanism responsible for polarization at these 
wavelengths. 
Other possible polarization sources can be considered. For example, a possi-
ble polarization mechanism is electron (Thompson) scattering of low energy photons 
(v ~ mer? /h). However polarization caused by electron scattering is wavelength 
independent (Antonucci & Miller 1985), so any wavelength dependence of polariza-
tion caused by electron scattering would only reflect the polarization spectrum of the 
photon source. The significant difference between the degrees of polarization at op-
tical and NIR wavelengths rules out electron scattering as an important polarization 
source for M51. 
Polarized synchrotron radiation is also unable to account for the observed po-
larization ratio. The degree of polarization there only depends on the electron power 
law distribution. However, to account for these observations, the synchrotron inten-
sity ratio at optical and H-band must be at least 1%/0.05% = 20. This requires 
either optically thick synchrotron emission (unlikely), or optically thin emission with 
an inverted electron energy distribution (the number of particles with a given energy 
increasing with energy). 
Ultimately, the H-band polarization across the face of M51 is below the detec-
tion limits of Mimir on the Perkins Telescope at any angular resolution. The error 
budget is dominated by the instrumental polarization calibration with a single frame 
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polarization uncertainty of approximately 0.1% (Clemens et al. 2012b). Even after 
significant smoothing of the observations (see Fig. 5.3) to reduce their uncertain-
ties, polarizations were not significantly detected. This suggests that the H-band 
polarization across the face of M51 is very small. 
However, long integrations of an essentially unpolarized object that fills the de-
tector uncovered several instrumental effects. In particular, the effect of a response 
difference between the top and bottom halves of the detector on the measured po-
larization properties was revealed. Future resolved polarimetry with Mimir should 
attempt to keep the target in one half (top or bottom) of the detector to minimize 
the effects of response differences with exposure time. Objects with large angular 
sizes may suffer some polarization contaimination in the region where row 513 on the 
detector is dithered. 
When performing starlight polarimetry, super-sky background flattening has 
been shown to produce clean images while preserving polarization information 
(Clemens et al. 2012a,b,c). In the case of resolved objects, super-sky subtraction 
would tend to remove target flux on scales larger than the dither pattern. Therefore 
a different background subtraction method is used for resolved polarimetry, as was 
illustrated in Fig. 5.1. However, the polynomial fit to the sky background is unable 
to account for the sudden change in response between the top and bottom halves of 
the Mimir detector at long integration times. 
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The data reduction method described above is able to measure resolved po-
larimetry. H-band polarization associated with the reflection nebula IRAS 05329-
0505 was reliably measured. The highly polarized, centrosymmetric pattern observed 
with 1/Iimir agrees with both the expected polarization pattern associated with single 
scattering from a bright central point source, and independent I-band polarimetry 
(vVolstencroft et al. 1986). Mimir and this method have also been used to successfully 
study the polarization properties of comets (e.g., Jones et al. 2008) 
5. 7 Conclusions 
The Mimir instrument on the Perkins telescope was used to place a strong up-
per limit of PH < 0.05% on the H-band polarization across the face of the galaxy 
M51 at 0.6 arcsecond resolution. After smoothing to larger angular resolutions, tore-
duce the polarization uncertainties, H-band polarizations remain below the detection 
threshold. The polarization upper limit at H-band (1.6 J-Lm), when combined with 
the optical polarization results of Scarrott et al. (1987), rules out a Serkowski-like 
(Serkowski et al. 1975) polarization dependance on wavelength. Other polarization 
mechanisms (electron scattering and polarized synchrotron emission) cannot account 
for the observed polarization across the face of M51 as a function of wavelength. 
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Chapter 6 
Summary and Conclusions: Galactic-scale 
Magnetic Fields 
This chapter summarizes the findings from Chapters 2, 3, 4, and 5. The ques-
tions posed in 1 are revisited. 
6.1 Summary of Findings 
Near-infrared (NIR) polarization of background starlight and resolved sources 
is capable of probing magnetic fields and other physical phenomena that are difficult, 
or impossible, to observe at other wavelengths and through other means. The Mimir 
instrument (Clemens et aL 2007) on the Perkins Telescope is well-suited for studies of 
the large-scale Galactic magnetic field structure because of its polarimetric precision 
and large (10 x 10 arcmin) field-of-view. Described below are the key results of this 
dissertation and· the impact on our knowledge of the Galactic magnetic field. 
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6.1.1 Predicting the Nature of the Galactic Magnetic Field 
In Chapter 2, all-sky NIR starlight polarization predictions were made for 
several different large-scale magnetic field geometries. Theoretical predictions 
of the Galactic magnetic field have been developed by many authors (e.g., 
Ferriere & Schmitt 2000; Moss et al. 2010). However, few testable predictions are 
available. To bridge the gap between theory and observation, a Stokes-based ra-
diative transfer code was. developed to convert a given magnetic field geometry and 
dust distribution into observable quantities. Predictions were made for axisymmetric 
magnetic field models with different disk symmetries and spiral-like magnetic pitch 
angles. 
6.1.2 Observational Constraints on the Large-Scale Galactic Magnetic 
Field 
Chapter 3 presented new H-band (1.6 J-lm) starlight polarization measurements 
towards the outer Galaxy taken with the Mimir instrument. The goal of these ob-
servations was to test the specific magnetic field predictions made in Chapter 2 
and constrain the large-scale structure of the Galactic magnetic field. Observations 
towards .e = 150° were chosen because this direction should sample a relatively qui-
escent region of the Galaxy. The lower density of supernovae in the outer Galaxy 
(Heiles 1987) allow the unperturbed symmetry of the Galactic magnetic field to be 
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probed. Observations spanned from b = 10°, through the Galactic midplane, to 
b = -75°, the largest Galactic latitude observable with the Perkins Telescope. 
The observed polarization distribution and the change in polarization position 
angle (PA) with Galactic latitude were measured for comparison with predictions. 
Disk-odd (antisymmetric or AO) magnetic field geometries were significantly rejected 
by the observations in favor of disk-even models. This result contradicts some in-
terpretations of all-sky Faraday rotation maps that argue for a disk-odd magnetic 
field. Predictions of the more sophisticated disk-even, halo-odd model were not sig-
nificantly different from the disk-even only models, so no further distinction could 
be drawn between these two classes of magnetic fields. The observed change in PA 
with Galactic latitude was compared with a set of simple magnetic field models. 
This comparison constrains the Galactic magnetic pitch angle to p = -6 ± 2°, in 
agreement with results from optical polarimetry and Faraday rotation studies. 
6.1.3 The Interaction of H n Regions with the Galactic Magnetic Field 
In Chapter 4, the effect of the large-scale Galactic magnetic field on H II re-
gions was explored. The recently completed H II Region Discovery Survey (HRDS; 
Bania et al. 2010) has obtained radio recombination line spectra towards sources 
across the sky and discovered several hundred new H II regions. Many of these new 
HII regions are associated with previously identified mid-infrared Galactic bubbles 
(Churchwell et al. 2006). Galactic bubbles are typically seen as eccentric projec-
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tions of three-dimensional shells, but whether the observed eccentricity distribution 
is caused by expansion into an anisotropic medium or some other phenomena was 
unknown. 
The orientations of all Northern Galactic bubbles were measured and no pref-
erential alignment with the Galactic plane was found. The HRDS data allowed 
kinematic distance estimates to the H II regions and, assuming bubbles trace the 
perimeters of their H II regions, allowed the physical sizes of the H II regions to be 
estimated. The spectral types of the stars creating the H II regions were also esti-
mated. The recombination linewidth was found to be anticorrelated with physical 
size, and all H II regions showing turbulent, suprathermallinewidths were associated 
with the physically smallest Galactic bubbles. Variations in the spectral types of the 
central massive stars were unable to account for the observed trend. If linewidth 
is a crude proxy for age, the youngest H II regions were shown to be significantly 
more aligned with the Galactic plane than older H II regions. A possible explana-
tion for the alignment of supra thermal H II regions is the orientation of the mean 
Galactic magnetic field, which is also preferentially aligned with the Galactic plane. 
Anisotropic magnetic pressure, caused by magnetic fields draping over expanding H n 
regions, may perturb their expansion from spherical to ellipsoidal and account for 
the observations. If true, this suggests that ambient magnetic fields play a role in 
the early evolution of H II regions. 
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6.1.4 Resolved Near-infrared Polarimetry of M51 
Chapter 5 presents new H-band resolved polarimetry of the galaxy M51. M51 
is a grand design spiral galaxy thought to be similar to the Milky Way. By study-
ing external galaxies, the structure of galactic-scale magnetic fields can be observed 
in a way that is impossible for our own Galaxy. Observations of external galaxies 
have provided important constraints for magnetic field generation on large scales 
and have driven forward theories of galactic dynamos. Near-infrared polarimetry of 
M51 would complement existing optical polarimetry and radio polarization observa-
tions. From these observations, an upper limit of 0.05% at 0.6 arcsecond angular 
resolution was placed on the degree of polarization across the face of M51 and its 
companion NGC 5195. The results of optical polarimetry from Scarrott et al. (1987) 
allowed calculation of an upper limit to the polarization ratio at these two wave-
lengths (PH/ Pv < 0.05). A Serkowski-like polarization dependence on wavelength 
would predict PH/ Pv :=::::; 0.33, and this polarization mechanism is ruled out. Other 
polarization mechanisms besides dichroic extinction (such as electron scattering and 
polarized synchrotron emission) are also unable to account for the observed polar-
izations, leaving this as an open question. 
6. 2 Driving Questions 
In Chapter 1, several key scientific and technical questions regarding the Galac-
tic magnetic field and near-infrared polarimetry were posed. These questions drove 
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the studies presented in this dissertation. Each of these questions is addressed here 
in the context of this dissertation. 
6.2.1 Scientific Questions 
1. Is the large-scale form of the quiescent, Galactic magnetic field even or odd 
with respect to the Galactic disk? 
Disk-odd Galactic magnetic fields were significantly rejected in Section 3.3. 
Comparison of both the observed cumulative distribution function (CDF) and the 
observed change in Galactic polarization position angle (GPA) with Galactic latitude 
were significantly different from predictions for disk-odd magnetic field geometries 
presented in Section 2. 7. Uncertainties in the model-predicted degrees of polariza-
tion cast doubt on the polarization CDF analysis, and Section 3.4.1 argues that the 
change in GPA with Galactic latitude is a more reliable test. All disk-even magnetic 
field geometries were better than disk-odd geometries at reproducing the observa-
tions. Therefore, I conclude that the Galactic magnetic field symmetry, with respect 
to reflection about the Galactic mid-plane, is even. 
2. What is the magnetic spiral-like pitch angle of our Galaxy? 
In Chapter 2, a set of simplified models (called 'analytic axisymmetric') were 
designed to explicitly test the effects of changing magnetic pitch angle on the predic-
tions. Changing the magnetic pitch angle causes the entire sky polarization pattern 
to shift in Galactic longitude, as discussed in Section 2. 7 and seen in Figs. 2. 7 and 
176 
2.8. The location of a polarization vanishing point was used by Heiles (1996) to es-
timate the Galactic magnetic pitch angle from optical starlight polarimetry. In this 
work, observations along a line of constant Galactic longitude were used to sample 
the change of GPA with Galactic latitude. The results were compared to predictions 
producted in Chapter 2 and the Galactic magnetic pitch angle was constrained to 
p = -6 ± 2o for the NIR data obtained towards .e = 150°. 
3. Do magnetic fields affect the evolution of Galactic bubbles'? 
Young H II regions were shown to be preferentially aligned with the mean Galac-
tic magnetic field direction, suggesting that they are affected by the Galactic magnetic 
field. Kinematic distances allowed the physical dimensions of H II regions associated 
with Galactic bubbles to be estimated. Small bubbles with large, suprathermal re-
combination linewidths were preferentially aligned with the mean Galactic magnetic 
field. Small and large H II regions with line widths at or below the thermallinewidth 
showed a random distribution of magnetic alignments. This suggests an evolution-
ary sequence whereby young, turbulent H II regions expand preferentially along the 
local magnetic field direction. At some point in their evolution, H II region expansion 
decouples from the surrounding magnetic field and other forces (e.g., local density 
variations) dominate the growth of the H II region. At this stage, the signature of 
alignment appears to be lost. 
4- How does the magnetic field in the face-on spiral galaxy M51 compare to the 
magnetic field in the Milky Way'? 
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Near-infrared polarimetry of M51 was unable to address this question because 
the observed degree of polarization was below the polarimetric uncertainty at Mimir's 
native 0.6 arcsecond angular resolution. Even after smoothing to larger angular reso-
lutions (up to 11.6 arcseconds), the observations remained consistent with no H-band 
polarization across the face of M51. Previous optical polarimetry (Scarrott et al. 
1987) showed that the magnetic field is roughly aligned with the spiral arms, and 
a similar pattern is expected at NIR wavelengths. Of particular interest is the ef-
fect of the companion NGC 5195 on the magnetic field of M51, especially since a 
"magnetic bridge" of polarized emission between these two objects was observed by 
Fletcher et al. (2011) at 3 and 6 em wavelengths. Additional observations of M51 at 
other optical and NIR wavelengths may shed light on the polarization mechanism in 
M51. 
6.2.2 Technical Questions 
5. Can testable predictions of the NIR polarimetry be created from existing 
numerical dynamo simulations? 
Generating testable predictions for NIR polarimetry was the focus of Chapter 2. 
In that Chapter, a Stokes-based radiative transfer code was developed that simulated 
the effect of a dusty, magnetized medium on background starlight. Predictions for 
the degree of polarization and polarization position angle were made for a variety 
of magnetic field geometries and two different Galactic dust models. The predicted 
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degree of polarization for a given star is likely less reliable than the predicted position 
angle because of uncertainties in the polarization and alignment efficiency of individ-
ual dust grains. It was argued in Section 2. 7 that the relative degrees of polarization 
between two different lines-of-sight should be correct, and the absolute polarizations 
could be calibrated against actual observations. The predicted polarization position 
angles are more robust since the effects of factors which are uncertain (polarization 
and alignment efficiencies) are removed via comparisons based on division of these 
less certain quantities. 
6. Can NIR polarimetry observationally distinguish among large-scale Galactic 
magnetic field geometries? 
The two large-scale magnetic field properties considered in this dissertation are 
disk symmetry and magnetic pitch angle. As shown in Section 2. 7, these magnetic 
field characteristics can be distinguished between different models. Disk symmetry 
has the largest effect on the predicted all-sky polarization properties. Disk-even and 
disk-odd magnetic fields manifest as completely different distributions of polarization 
and position angle across the sky. The magnetic pitch angle has a smaller, but 
important, effect on the all-sky polarization pattern that was used in Section 3.4.2 
to place a constraint on that angle. 
1. Can NIR polarimetry observationally distinguish among the predictions from 
dynamo models with different physics? 
179 
Table 2.2 contains twelve different magnetic field models: three SO (disk-even) 
models, three AO (disk-odd) models, three disk-even, halo-odd (DEHO) models, 
and three log spiral analytic models. The three SO and three AO models from 
Ferriere & Schmitt (2000) consist of a reference simulation, a simulation with al-
pha quenching (see Section 1.2), and a simulation with vacuum boundary conditions 
instead of perfect conductor boundary conditions. That work discussed how those 
differences affected the resulting Galactic magnetic fields. However, the all-sky po-
larization predictions for a given class (e.g., AO vs SO) of magnetic fields models 
presented in Chapter 2 are essentially the same, since the uncertainty in the polar-
ization and position angle are larger than the differences between specific models. 
Similarly, all three Moss et al. (2010) DEHO models make essentially the same all-
sky predictions for different Galactic wind properties. 
8. Can Galactic bubbles be reliably probed with NIR polarimetry'? 
The cataloged Galactic bubbles are typically too distant to be reliably probed 
with GPIPS-depth NIR polarimetry. Column 5 in Table 4.1 lists the derived kine-
matic distances to Galactic bubbles associated with H rr regions. The distance dis-
tribution of Galactic bubbles shows an observational bias towards more distant H n 
regions, as predicted by Churchwell et al. (2006). Polarimetrically complete obser-
vations to H=12 mag from the Galactic Plane Infrared Polarization Survey (GPIPS) 
probe stars to a distance of approximately 7 kpc (Clemens et al. 2012c). Most of the 
Galactic bubbles are beyond this distance limit, meaning that few, if any, starlight 
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polarizations towards these objects actually sample magnetic fields near the H rr re-
gions. Therefore, NIR starlight polarimetry at the depth of GPIPS cannot reliably 
probe the magnetic fields of Galactic bubbles. 
9. Can high-resolution, resolved, NIR polarimetric observations of magnetic 
fields in external galaxies be made? 
The analysis of resolved polarimetry across the face of M51 placed a strong upper 
limit on the H-band polarization of 0.05% at a resolution of 0.6 arcseconds. Formally, 
that study failed to probe the magnetic field of the external galaxy M51. Example 
observations of IRAS 05329-0505 presented in Section 5.5.2 showed that Mimir is able 
to measure resolved polarimetry. The H-band observations presented here were com-
pared to I-band observations from vVolstencroft et al. (1986) and showed excellent 
agreement. Mimir has also been sucessfully used by Jones et al. (2008) to study dust 
polarization in the comet 73P /Schwassmann-vVachmann 3. As discussed in Section 
5.6, future resolved polarimetry studies should focus on objects with small angular 
sizes to avoid difficulties associated with different detector responses in the top and 
bottom halves of the array and related background modeling and removal issues. 
6.3 Conclusions 
This dissertation has demonstrated that near-infrared polarimetry is a useful 
tool for observing interstellar magnetic fields. When combined with theoretical pre-
dictions, starlight polarimetry was used to place strong constraints on the large-scale 
,_-,.·,· 
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structure of the- Galactic magnetic field and sh-Eid _light on the ~ource _of that :field. A 
new correlation between magnetic fleld direction and Hrrregi0nbubble orientation 
~ .... 
was demonstrated, which may lead to a deeper understa:cidirt'g 6ft}l~ evolutiqn of H II 
regions in a magnetized medium: These Gal11cti-c studies wer~ coffLpl~r:rientiid with 
observations of the Milky Way analog galaxyM51. This study led to :ne~ insight 
into the instrumental effects and difficulties a~sociated with- resolved polarill):etry. In 
~- . . .. 
addition to the scientific r~$ults, ;this work Wiil 1hforni- fut"tpie :polarimetric studies of 
resolved Galactic and extragalactic objects and future starHght polarizatio11 studies. 
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